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RE´SUME´
Cette the`se de doctorat pre´sente les re´sultats d’un releve´ spectropolarime´trique vi-
sant la de´tection directe de champs magne´tiques dans le vent d’e´toiles Wolf-Rayet
(WR). Les observations furent entie`rement obtenues a` partir du spectropolarime`tre
ESPaDOnS, installe´ sur le te´lescope de l’observatoire Canada-France-Hawaii. Ce
projet de´buta par l’observation d’un e´toile tre`s variable de type WN4 appele´e EZ
CMa = WR6 = HD 50896 et se poursuivit par l’observation de 11 autres e´toiles
WR de notre galaxie. La me´thode analytique utilise´e dans cette e´tude vise a` exa-
miner les spectres de polarisation circulaire (Stokes V ) et a` identifier, au travers
des raies d’e´mission, les signatures spectrales engendre´es par la pre´sence de champs
magne´tiques de type split monopole dans les vents des e´toiles observe´es. Afin de
pallier a` la pre´sence de polarisation line´aire dans les donne´es de polarisation cir-
culaire, le cross-talk entre les spectres Stokes Q et U et le spectre Stokes V fut
mode´lise´ et e´limine´ avant de proce´der a` l’analyse magne´tique. En somme, aucun
champ magne´tique n’est de´tecte´ de manie`re significative dans les 12 e´toiles ob-
serve´es. Toutefois, une de´tection marginale est signale´e pour les e´toiles WR134,
WR137 et WR138 puisque quelques-unes de leur raies spectrales semblent indi-
quer la pre´sence d’une signature magne´tique. Pour chacune de ces trois e´toiles,
la valeur la plus probable du champ magne´tique pre´sent dans le vent stellaire est
respectivement de Bwind ∼ 200, 130 et 80 G. En ce qui concerne les autres e´toiles
pour lesquelles aucune de´tection magne´tique ne fut obtenue, la limite supe´rieure
moyenne de l’intensite´ du champ qui pourrait eˆtre pre´sent dans les donne´es, sans
toutefois eˆtre de´tecte´, est e´value´e a` 500 G. Finalement, les re´sultats de cette e´tude
ne peuvent confirmer l’origine magne´tique des re´gions d’interaction en co-rotation
(CIR) observe´es chez plusieurs e´toiles WR. En effet, aucun champ magne´tique n’est
de´tecte´ de fac¸on convaincante chez les quatre e´toiles pour lesquelles la pre´sence de
CIR est soupc¸onne´e.
Mots cle´s: champs magne´tiques, polarisation, Wolf-Rayet, spectropo-
larime´trie.
ABSTRACT
This thesis presents the results of a spectropolarimetric survey aimed at detecting
directly the presence of magnetic fields in Wolf-Rayet (WR) stars. The search for
the elusive WR fields began by observing the highly variable WN4 star EZ CMa =
WR6 = HD 50896 and continued among a sample of eleven bright WR stars. All
observations were obtained using the highly-efficient ESPaDOnS spectropolarime-
ter at the Canada-France-Hawaii telescope. The methodology used in this study
attempts to detect the characteristic circular polarization (Stokes V ) pattern in
strong emission lines that is expected to arise as a consequence of a global mag-
netic field with a split monopole configuration. Since Stokes V data were affected
by significant cross-talk from linear polarization to circular polarization, the spuri-
ous cross-talk signal was removed prior to applying the magnetic analysis. In the
end, no magnetic fields are unambiguously detected in any of the observed stars.
Nonetheless, the data show evidence supporting marginal detections for WR134,
WR137 and WR138 for which the most probable field intensities, in the observ-
able parts of the stellar winds, are Bwind ∼ 200, 130 and 80 G, respectively. In
the case of non-detections, the average field strength upper-limit for the magnetic
field is Bmaxwind ∼ 500 G. Finally, this study cannot confirm the magnetic origin of
co-rotating interaction regions observed in several WR stars since, out of 4 stars
showing CIR-type variability, none showed decisive evidence for the presence of
magnetic fields.
Keywords: magnetic fields, polarization, Wolf-Rayet, spectropolarime-
try
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CHAPITRE 1
INTRODUCTION
Un champ magne´tique est la repre´sentation des effets (magne´tiques) engendre´s
par les courants e´lectriques et les particules charge´es. Puisqu’une proportion im-
portante de la matie`re visible dans l’Univers est ionise´e, on s’attend donc a` ce que
bon nombre de milieux astrophysiques soient influence´s par la pre´sence de champs
magne´tiques (Shi-Hui 1994). Par le passe´, comme ils n’e´taient pas de´tecte´s, ceux-ci
e´taient souvent e´voque´s afin d’expliquer de myste´rieux phe´nome`nes observe´s par
les chercheurs. Aujourd’hui, l’existence de champs magne´tiques et leurs effets dy-
namiques sont confirme´s observationellement pour une panoplie d’objets ce´lestes,
des plane`tes aux galaxies, en passant par les e´toiles et le milieu interstellaire.
L’e´tude des champs magne´tiques stellaires remonte au 19e sie`cle lorsque Bi-
gelow (1889) remarqua, lors d’une e´clipse solaire totale, une similitude entre les
protube´rances solaires et les lignes de champ magne´tique d’une sphe`re magne´tise´e.
Il sugge´ra ainsi l’existence, dans le soleil, d’un champ magne´tique global similaire
au champ terrestre. Puis, Hale (1908) fut le premier a` de´couvrir que les taches
solaires posse`dent un champ magne´tique en interpre´tant la polarisation des raies
spectrales a` partir de l’effet Zeeman. Cet accomplissement repre´sente en quelque
sorte le de´but de la recherche sur le magne´tisme stellaire. Par la suite, l’inte´reˆt
pour de´couvrir la pre´sence de champs magne´tiques chez d’autres e´toiles prit son
envol. Il fallut attendre une quarantaine d’anne´es pour que Babcock (1947) effectue
la de´couverte de champs magne´tiques a` grande e´chelle pre´sents chez les e´toiles de
masses interme´diaires Ap-Bp. Ensuite, le magne´tisme fut associe´ aux pulsars radio
lorsque Hewish et al. (1968) firent la de´couverte des pulsars radio, ces e´toiles a` neu-
trons en rotation posse´dant des champs magne´tiques extreˆmes (∼ 1012−13 G). Peu
de temps apre`s, Kemp et al. (1970) e´tablirent que certaines naines blanches pos-
se´daient des champs d’une centaine de MG. Finalement, plus d’un sie`cle apre`s les
premie`res observations du magne´tisme solaire, Robinson et al. (1980) effectue`rent
2la premie`re de´tection d’un champ magne´tique dans une e´toile semblable au Soleil.
La description des champs magne´tiques stellaires est de nos jours l’un des prin-
cipaux objectifs de l’astrophysique observationnelle. Avec le perfectionnement de
l’instrumentation et des me´thodes de simulation nume´rique, notre compre´hension
du magne´tisme, tel qu’il existe dans les e´toiles, s’est grandement ame´liore´e. Nous
savons maintenant que le magne´tisme est omnipre´sent dans la plupart des re´gions
du diagramme Hertzsprung-Russell et que son influence n’est pas ne´gligeable. Les
champs magne´tiques peuvent effectivement modifier le transport d’e´nergie et de
masse dans l’inte´rieur stellaire, la structure de l’atmosphe`re, le vent et le milieu
avoisinant d’une e´toile (Donati & Landstreet 2009). D’un point de vue e´volutif, la
pre´sence de champs magne´tiques peut aussi avoir des conse´quences significatives,
et ce, a` toutes les e´tapes de l’e´volution stellaire (p. ex. Mestel 1999).
Alors que certaines e´toiles sont maintenant identifie´es comme e´tant inde´nia-
blement magne´tiques (p. ex. les e´toiles de faible masse, M < 1.5 M⊙), d’autres
montrent un portrait beaucoup plus obscur de leur magne´tisme. Afin de bien les
de´crire et d’e´valuer leurs impacts, il est ne´cessaire de mesurer leur intensite´, leur
configuration ge´ome´trique, et leur variation temporelle. Or, toutes ces caracte´ris-
tiques ne sont pas toujours accessibles aux chercheurs, et ce, malgre´ les instruments
de plus en plus performants a` leur disposition. Quoi qu’il en soit, les proprie´te´s ma-
gne´tiques des e´toiles de faible masse sont, de manie`re ge´ne´rale, bien connues. A`
l’oppose´, celles des e´toiles de masse interme´diaire ( 1.5 M⊙ < M < 8 M⊙) et des
e´toiles massives ( M > 8 M⊙) sont moins bien de´finies (Walder et al. 2012).
1.1 Le magne´tisme chez les e´toiles massives
1.1.1 Les proprie´te´s des e´toiles massives
L’expression “e´toile massive” sert typiquement a` identifier les e´toiles chaudes
(Teff & 10
4 K) et lumineuses (L & 103L⊙) ayant une masse supe´rieure a` 8 M⊙ et
qui terminent leurs e´volutions stellaires en explosion supernova (p. ex. Kudritzki &
Urbaneja 2006; Kudritzki & Puls 2000; Vanbeveren et al. 1998). La dure´e de vie des
3e´toiles massives (∼ 5× 106 anne´es, voir Meynet & Maeder 2005) est beaucoup plus
courte que celle des e´toiles de faible masse. De plus, selon la fonction initiale de
masse, les e´toiles massives naissent a` un taux beaucoup moins e´leve´ que les e´toiles de
plus faibles masses. Conse´quemment, elles sont beaucoup moins nombreuses. E´tant
plus massive, la gravite´ au coeur de l’e´toile pousse les re´actions nucle´aires jusqu’aux
limites du possible. Ceci se refle`te par une efficacite´ accrue des re´actions nucle´aires,
ce qui re´duit d’autant plus la dure´e de vie de l’e´toile. D’ailleurs, il est utile de
rappeler que pendant les 10 milliards d’anne´es de vie du Soleil, plusieurs dizaines
a` centaines d’e´toiles massives auront le temps de naˆıtre, e´voluer, puis disparaˆıtre.
Ne´anmoins, les e´toiles massives sont d’une importance capitale. Elles furent les
premie`res e´toiles a` se former dans l’Univers et depuis les premie`res ge´ne´rations,
elles sont au coeur de l’e´volution chimique et dynamique des galaxies. En effet,
elles sont les grandes responsables de la nucle´osynthe`se des e´le´ments chimiques et
contribuent a` enrichir leurs environnements en me´taux (graˆce a` leurs forts vents
stellaires) et en e´nergie (conse´quence des explosions supernova et des sursauts de
rayonnement gamma). De plus, les e´toiles massives donnent naissance aux e´toiles
a` neutrons et aux trous noirs. Pour toutes ces raisons et parce qu’elles contribuent
en plus au de´veloppement d’inhomoge´ne´ite´s a` grandes e´chelles cre´ant ainsi des
conditions favorables a` la naissance de nouvelles ge´ne´rations d’e´toiles, l’e´cologie de
l’Univers est domine´e par les e´toiles massives.
1.1.2 Les implications lie´es au magne´tisme stellaire
L’un des principaux objectifs de l’e´tude des e´toiles massives est de comprendre
les phe´nome`nes dictant leurs fulgurantes pertes de masse. Il est maintenant accepte´
que la pression de radiation y joue un roˆle pre´ponde´rant, te´moignant ainsi de la
forte corre´lation entre le taux de perte de masse et la luminosite´ de l’e´toile (La-
mers & Cassinelli 1999). Mais est-ce l’unique moteur ? Le magne´tisme est lui aussi
susceptible de jouer un roˆle non ne´gligeable, particulie`rement a` la surface stellaire,
dans l’apport d’e´nergie ne´cessaire a` l’expulsion de matie`re. Si une e´toile posse`de un
champ magne´tique, il est donc justifie´ de s’interroger sur l’importance de ce der-
4nier. Les re´percussions du magne´tisme stellaire chez les e´toiles massives s’ave`rent
particulie`rement importantes et peuvent eˆtre divise´es en deux cate´gories : les conse´-
quences sur l’e´volution stellaire et les conse´quences sur le milieu ambiant (Donati
& Landstreet 2009; Walder et al. 2012). D’une part, les champs magne´tiques ont
une influence de´terminante sur le transport d’e´nergie et de masse a` l’inte´rieur d’une
e´toile massive. Ils peuvent modifier le transport d’e´le´ments chimiques, re´duire la
rotation diffe´rentielle et modifier l’abondance surfacique de certains e´le´ments af-
fectant ainsi le taux de perte de masse et modifiant potentiellement le sort ultime
de l’e´toile en tant que trou noir, sursaut de rayons gamma ou e´toile a` neutrons
(Maeder & Meynet 2003, 2004, 2005). D’autre part, de forts champs magne´tiques
existant a` la surface stellaire peuvent expliquer plusieurs phe´nome`nes observe´s a` la
surface ou a` une certaine distance de l’e´toile. Ils pourraient eˆtre a` l’origine d’ano-
malies d’abondance (Henrichs 2001; Henrichs et al. 2003), jouer un roˆle primordial
dans la ge´ne´ration d’e´mission non thermique et de rayons X (Chlebowski 1989;
Drake 1990), et eˆtre potentiellement la source de chocs et d’asyme´tries a` grande
e´chelle pre´sents dans les vents stellaires (Cranmer & Owocki 1996; Fullerton 2003;
Petit et al. 2013; ud-Doula & Owocki 2002; ud-Doula et al. 2006).
1.1.3 L’origine des champs magne´tiques des e´toiles massives
Une diffe´rence fondamentale entre les e´toiles de faible masse et les e´toiles mas-
sives se situe au niveau de leurs structures internes. Les e´toiles peu massives comme
le Soleil posse`dent un coeur radiatif et une enveloppe convective qui, avec l’influence
de la rotation diffe´rentielle, permet l’existence de l’effet dynamo. C’est cette dynamo
qui cre´e les champs magne´tiques intrinse`quement variables observe´s a` la surface de
ces e´toiles et dont l’ampleur est corre´le´e a` la profondeur de la zone de convection
ainsi qu’a` la rotation. De leur coˆte´, les e´toiles massives sont constitue´es d’un coeur
convectif et d’une enveloppe radiative qui empeˆche l’existence d’une dynamo de
type solaire. Leurs champs magne´tiques doivent donc eˆtre ge´ne´re´s de manie`re dif-
fe´rente. L’origine du magne´tisme chez les e´toiles massives est explique´e selon l’une
ou l’autre des the´ories suivantes : la the´orie du champ fossile et la the´orie de la
5dynamo exotique.
Dans le premier sce´nario, le champ est dit fossile et est la relique des champs
magne´tiques pre´sents dans le nuage mole´culaire duquel l’e´toile se forme. Ceux-ci
sont organise´s et pre´sentent des structures a` grande e´chelle (Valle´e 2004). Lors
de l’effondrement de la protoe´toile, ces champs magne´tiques se concentrent. En
supposant la conservation du flux magne´tique (Heiles & Crutcher 2005), il est alors
ine´vitable que les e´toiles issues de l’effondrement d’un nuage mole´culaire posse`dent
elles aussi un champ magne´tique fossile. En revanche, une grande partie du flux
magne´tique initial serait perdue lors de la contraction du nuage mole´culaire (par
diffusion ambipolaire) et seulement les objets protostellaires les plus magne´tiques
seraient en mesure de conserver une fraction significative de leur flux magne´tique
(Mestel 1999; Mestel & Landstreet 2005). Le plasma d’une e´toile chaude et massive
est presque comple`tement ionise´ et la conductivite´ de celui-ci est tre`s e´leve´e. Dans
un tel cas, le temps caracte´ristique de dissipation ohmique peut atteindre l’ordre de
la dizaine de gigaanne´es, ce qui est conside´rablement plus long que la dure´e de vie
typique d’une e´toile massive. Par conse´quent, si les champs magne´tiques pre´sents
dans le nuage mole´culaire survivent au processus de formation stellaire, alors l’e´toile
posse`dera un champ magne´tique lors de son e´volution sur la se´quence principale
(Braithwaite & Spruit 2004; Ferrario & Wickramasinghe 2006; Tout et al. 2004).
On s’attend a` ce que les champs fossiles posse`dent une configuration relativement
simple, qu’ils soient presque statiques et, contrairement a` ceux engendre´s par l’effet
dynamo, que leurs intensite´s ne soient pas corre´le´es a` la rotation de l’e´toile. De
manie`re ge´ne´rale, ces caracte´ristiques sont observe´es chez les e´toiles massives ce qui
rend l’hypothe`se du champ fossile tre`s attrayante pour expliquer leur magne´tisme.
D’un autre coˆte´, les champs magne´tiques des e´toiles massives pourraient eˆtre
ge´ne´re´s par l’effet dynamo. En effet, ces e´toiles posse`dent un coeur convectif ainsi
qu’une zone radiative caracte´rise´e par une forte rotation diffe´rentielle, deux in-
gre´dients indispensables (turbulence et cisaillement) a` l’existence d’une dynamo.
Qu’un mode`le the´orique ge´ne`re un champ magne´tique dans le coeur convectif ou
dans l’enveloppe radiative, le de´fi a` relever est de de´montrer que le champ peut en-
6suite atteindre la surface stellaire (Charbonneau & MacGregor 2001; MacDonald &
Mullan 2004). Par exemple, Maeder & Meynet (2005) ont mode´lise´ une dynamo de
type Tayler-Spruit agissant dans l’enveloppe radiative d’e´toiles chaudes en rotation
diffe´rentielle. Leurs travaux de´montrent qu’un champ magne´tique d’environ 104G
devrait exister a` travers l’e´toile, a` l’exception de l’enveloppe externe qui repre´sente
10% de la masse totale. En revanche, MacGregor & Cassinelli (2003) ont montre´
que la flottaison magne´tique, sous certaines conditions, est un me´canisme pouvant
engendrer la diffusion du champ magne´tique jusqu’a` la surface stellaire. Ces auteurs
mentionnent aussi que d’autres me´canismes tels que la perte de masse et l’advec-
tion engendre´es par la circulation me´ridionale pourraient aussi faire en sorte que
le champ atteigne la photosphe`re de l’e´toile. Les champs magne´tiques pre´dits par
les mode`les de dynamo chez les e´toiles massives sont corre´le´s au taux de rotation
et montrent une variabilite´ temporelle, ce qui ne corrobore pas les observations.
De plus, la force des champs magne´tiques observe´s chez les e´toiles massives est
ge´ne´ralement suffisamment e´leve´e pour imposer une rotation (presque) rigide de
l’e´toile. Par conse´quent, le cisaillement duˆ a` la rotation diffe´rentielle disparaˆıt et le
processus de dynamo ne peut donc plus exister (Aurie`re et al. 2007).
La possible existence d’un effet dynamo a` l’inte´rieur des e´toiles massives est
encore de´battue a` ce jour. En ce sens et parce qu’elle se compare avantageusement
avec les observations, la the´orie du champ fossile est ge´ne´ralement adopte´e pour
expliquer l’origine des champs magne´tiques des e´toiles massives. Ne´anmoins, Can-
tiello & Braithwaite (2011); Cantiello et al. (2009) ont e´tudie´ la zone de convection
due au fer pre´sente sous la surface des e´toiles de type OB. Il s’ave`re que cette couche
convective pourrait ge´ne´rer des champs magne´tiques a` petite e´chelle a` la surface
de l’e´toile. Bien que les pre´dictions sont inte´ressantes, ce mode`le ne peut expliquer
les champs magne´tiques stables et a` grande e´chelle observe´s dans l’atmosphe`re des
e´toiles massives. Il est e´vident que les mode`les de dynamo et la recherche the´orique
sur l’existence de champs magne´tiques stellaires ont besoin d’eˆtre raffine´s. Notre
compre´hension du magne´tisme, tel qu’il existe chez les e´toiles massives, passe donc
obligatoirement par l’obtention de contraintes observationnelles.
71.1.4 Le taux de de´tection magne´tique chez les e´toiles massives
La premie`re de´tection directe du champ magne´tique d’une e´toile massive fut
effectue´e par Donati et al. (2002). Les auteurs de´couvrirent un champ magne´tique
d’environ 1 kG chez l’e´toile de type spectral O, θ1Ori C. Depuis, les de´tections de
champs magne´tiques chez les e´toiles massives se multiplient graˆce, entre autres, a`
l’ame´lioration des instruments d’observations accessibles aux chercheurs.
La collaboration internationale MiMeS (Magnetism in Massive Stars1) repre´-
sente a` ce jour le plus important projet visant a` obtenir de l’information sur les
proprie´te´s magne´tiques des e´toiles massives. En date du mois de mars 2012, 357
e´toiles de type spectral O et B ont e´te´ observe´es, sous le sceau de cette collaboration,
en utilisant le spectropolarime`tre ESPaDOnS installe´ au te´lescope Canada-France-
Hawaii. Les statistiques pre´liminaires de cette enqueˆte (base´es sur 311 e´toiles) re´-
ve`lent qu’approximativement ∼ 6.5% des e´toiles OB observe´es posse`dent un champ
magne´tique. De plus, ce taux d’incidence s’ave`re similaire chez les e´toiles de type
O et les e´toiles de type B (Wade et al. 2012a). Petit et al. (2013) pre´sente d’ailleurs
le re´pertoire de toutes les e´toiles massives pour lesquelles un champ magne´tique
a e´te´ de´tecte´ par les collaborateurs de MiMeS. Paralle`lement aux travaux re´alise´s
par cette collaboration, deux autres sondages mene´s a` partir du spectropolarime`tre
FORS1 (au te´lescope VLT) re´ve`lent qu’environ ∼ 31% (4 e´toiles sur 13; Hubrig
et al. 2008) et ∼ 28% (10 e´toiles sur 36; Hubrig et al. 2011) des e´toiles de type O ob-
serve´es montrent la pre´sence de champs magne´tiques. La diffe´rence entre ces deux
re´sultats et le taux d’incidence re´ve´le´ par MiMeS est toutefois pre´occupante et c’est
pourquoi certains chercheurs ont e´mis des re´serves quant a` la validite´ de ces deux
re´sultats. Il est cependant important de mentionner qu’en plus de la diffe´rence
d’instrumentation, les me´thodes analytiques utilise´es sont elles aussi diffe´rentes.
Qui plus est, Bagnulo et al. (2012) explique dans ses travaux que plusieurs de´cou-
vertes majeures effectue´es a` partir de l’instrument FORS1 ne sont simplement pas
confirme´es par l’acquisition de nouvelles donne´es. Par exemple, lorsque les auteurs
1http ://www.physics.queensu.ca/∼wade/mimes/
8re-analyse`rent les observations en utilisant une me´thodologie diffe´rente, mais e´qui-
valente, seulement une des quatre e´toiles pour lesquelles Hubrig et al. (2008) avait
originalement obtenu des de´tections montrait la pre´sence d’un champ magne´tique
(un taux d’incidence de ∼ 8% au lieu de ∼ 31%). De tels re´sultats contradictoires
obtenus a` la suite de l’utilisation de FORS1 sont aussi de´cele´s lorsque les observa-
tions visent un autre type spectral (p. ex. Shultz et al. 2012). En somme, puisque
les travaux de la collaboration MiMeS sont fonde´s sur des techniques d’observation
et d’analyse e´prouve´es, l’on peut conside´rer qu’environ 7% des e´toiles massives
montrent des champs magne´tiques de´tectables.
1.2 Les e´toiles Wolf-Rayet
En 1866, Charles Joseph E´tienne Wolf (1827-1918) et Georges Antoine Pons
Rayet (1839-1906), tous deux employe´s par l’Observatoire de Paris, observe`rent
une Nova alors que son e´clat avait conside´rablement diminue´. Ils remarque`rent
un spectre lumineux parseme´ de bandes brillantes qui n’avaient jamais encore e´te´
observe´es dans les spectres d’e´toiles. Intrigue´s par cette de´couverte, ils entreprirent
de de´terminer, par des observations syste´matiques, si cette particularite´ spectrale
e´tait inhe´rente aux e´toiles brillantes. Un an plus tard, ils observe`rent trois e´toiles de
la constellation du Cygne (HD191765, HD192103 et HD192641) et ils constate`rent
que leurs spectres contenaient de larges bandes brillantes sur un fond continu. Les
deux astrophysiciens venaient, de`s lors, de de´couvrir le type d’e´toile qui aujourd’hui
porte leurs noms. C’est ainsi qu’en 1867, ils de´crivirent leur de´couverte dans les
Comptes rendus de l’Acade´mie des sciences :
Parmi les nombreuses e´toiles dont la lumie`re a e´te´ e´tudie´e a` l’aide
du prisme, on n’en connaˆıt qu’une seule, γ de Cassiope´e, dont le spectre
offre constamment des lignes brillantes. Nous avons l’honneur de signa-
ler a` l’Acade´mie l’existence de semblables lignes dans trois e´toiles de la
constellation du Cygne. [...] Leur spectre se compose d’un fond e´claire´
dont les couleurs sont a` peine visibles, et qui paraˆıt manquer de rouge
9et de violet, sans doute a` cause de la faiblesse de la lumie`re. Ce fond
semble interrompu par des lignes noires, mais il est impossible de l’af-
firmer, et a` plus forte raison d’assigner la position de ces lignes. Tous
trois pre´sentent une se´rie de lignes brillantes.
1.2.1 L’e´volution des e´toiles Wolf-Rayet
Les e´toiles les plus massives de l’Univers, celles posse´dant une masse initiale
supe´rieure a` environ 25M⊙, terminent leur e´volution en passant par la phase Wolf-
Rayet. Celle-ci repre´sente le dernier stage e´volutif de l’e´toile (Lamers et al. 1991)
et s’e´tend sur une pe´riode d’environ ∼ 5×105 anne´es, soit approximativement 10%
de la dure´e de vie de leurs proge´niteurs, les e´toiles OB, sur la se´quence principale
(Crowther 2007). Les e´toiles massives qui traversent la phase WR terminent leur
existence en une explosion supernova et laissent derrie`re elles un trou noir ou une
e´toile a` neutron.
Les e´toiles WR peuvent eˆtre classifie´es visuellement (selon leurs spectres) en 2
principales cate´gories : les WN et les WC/WO (Smith et al. 1990, 1996). Les vents
des e´toiles de type WN exposent les produits du cycle CNO2 et par conse´quent,
leurs spectres sont riches en raies d’he´lium et d’azote. Les e´toiles de type WC
ou WO re´ve`lent quant a` elles les restes du bruˆlage de l’he´lium par le processus
triple-alpha. Le spectre de ces e´toiles montre donc plusieurs raies d’he´lium, d’azote
et d’oxyge`ne (Crowther 2007). Les e´toiles WN tardives, nomme´es WNL (WN7 a`
WN9), montrent normalement la pre´sence d’hydroge`ne en surface. Elles sont les
plus massives, les plus brillantes, les plus froides et les plus jeunes de la classe WR.
Les e´toiles WN pre´coces, identifie´es comme WNE (WN2 a` WN5), ne posse`dent
ge´ne´ralement plus d’hydroge`ne dans leurs couches externes3, le vent stellaire les
2Dans la phase Wolf-Rayet dite classique, l’e´toile bruˆle de l’he´lium dans son coeur. Or, lors-
qu’elle se situait pre´alablement sur la se´quence principale, c’est la combustion de l’hydroge`ne qui
s’effectuait en son coeur.
3L’absence d’hydroge`ne dans les couches externes est ge´ne´ralement observe´e chez les e´toiles
WR de notre galaxie. En revanche, cette caracte´ristique est probablement relie´e a` la metallicite´
puisque la majorite´ des e´toiles WN du SMC et une bonne fraction de celles du LMC montrent
de l’hydroge`ne en surface.
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ayant expulse´es. Elles sont plus chaudes et plus aˆge´es que les WNL, mais plus
petites en taille et moins brillantes. D’autre part, les e´toiles de type WC montrent
une augmentation de la quantite´ de carbone en plus d’un exce`s d’he´lium, comme
les e´toiles WN. Elles sont les moins massives et les moins lumineuses, mais les plus
e´volue´es de la se´quence WR et aussi, les plus chaudes. La cate´gorie WO repre´sente
une phase avance´e des e´toiles WC pour laquelle le carbone s’est transforme´ en
oxyge`ne.
En re´alite´, il existe une continuite´ de proprie´te´s physiques et chimiques entre les
e´toiles O, les WN et les WC/WO (Crowther 2007). Comme aucun syste`me de clas-
sification n’est parfait, certaines e´toiles ne s’inte`grent pas parfaitement dans une
cate´gorie pre´de´finie. Par exemple, les e´toiles WN6 peuvent eˆtre conside´re´es comme
pre´coces ou tardives. Aussi, il existe des spectres WNL sans raies d’hydroge`ne tout
comme des spectres WNE qui en montrent (p.ex. Foellmi et al. 2003a,b). Dans
un tel cas, le suffixe h est utilise´ afin d’indiquer que les raies d’hydroge`ne appa-
raissent en e´mission, tandis que le suffixe ha sert a` spe´cifier que les raies spectrales
de l’hydroge`ne existent autant en e´mission qu’en absorption (Smith et al. 1996).
Certaines difficulte´s surviennent aussi lorsque le spectre d’e´toiles WN montre de
faibles raies en e´mission. D’un point de vue spectroscopique, ces e´toiles sont typi-
quement identifie´es comme WN6 a` WN9, mais leurs caracte´ristiques se rapprochent
plus des e´toiles O (type spectral Of) que des e´toiles WN. Par conse´quent, les e´toiles
de la sous-classe WNL qui, intrinse`quement, pre´sentent de faibles raies dans leurs
spectres sont maintenant perc¸ues comme des e´toiles de type O posse´dant de forts
vents stellaires. Plutoˆt que de repre´senter une e´toile e´volue´e de la phase WR, elle
en serait a` une e´tape ante´rieure de son e´volution (Crowther 2007).
Les chemins e´volutifs accepte´s de manie`re ge´ne´rale par la communaute´ scienti-
fique pour repre´senter l’e´volution des e´toiles massives sont les suivants (pour une
me´tallicite´ solaire; Crowther 2007) :
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Mini/M⊙ & 75 : O → WN (H-rich) → LBV → WN (H-poor) → WC → SN Ic
40 .Mini/M⊙ . 75 : O → LBV → WN (H-poor) → WC → SN Ic
25 .Mini/M⊙ . 40 : O → LBV/RSG → WN (H-poor) → SN Ib
8 .Mini/M⊙ . 25 : O → RSG → SN II
Tel que mentionne´ plus haut, la masse initiale ne´cessaire pour qu’une e´toile passe
par la phase WR est d’environ 25 M⊙ dans le voisinage solaire. Or, cette masse
limite de´pend en re´alite´ de la me´tallicite´ du milieu dans lequel l’e´toile se forme. Plus
la me´tallicite´ est e´leve´e, plus petite est la masse limite. En d’autres mots, la fraction
d’e´toiles Wolf-Rayet par rapport aux e´toiles O augmente avec la me´tallicite´ (Meynet
& Maeder 2005). Par ailleurs, les e´toiles posse´dant une masse initiale entre 25 M⊙
et 30 M⊙ traverseront une phase de superge´ante rouge (RSG) suivie d’une phase
WN. Finalement, les e´toiles situe´es entre 8 M⊙ et 25 M⊙ a` leur naissance n’auront
pas de stade WR : elles passeront par la phase RSG pour ultimement exploser
en supernova de type II. Les sce´narios e´volutifs pre´sente´s ci-dessus ne doivent pas
eˆtre conside´re´s comme absolus puisqu’ils de´pendent des mode`les the´oriques et des
parame`tres utilise´s. Par exemple, Sander et al. (2012) sugge`rent que les e´toiles WC
e´voluent a` partir d’une masse initiale entre 20M⊙ et 45M⊙ et que seules les e´toiles
posse´dant une masse initiale de Mini & 45 M⊙ pourraient devenir des e´toiles WO.
1.2.2 Les proprie´te´s des e´toiles Wolf-Rayet
Les « lignes » brillantes observe´es par Wolf & Rayet (1867) repre´sentent la par-
ticularite´ spectroscopique la plus saillante des e´toiles Wolf-Rayet (WR). Le spectre
de ces e´toiles montre en effet la pre´sence de raies d’e´mission extreˆmement fortes et
e´largies jusqu’a` quelques milliers de km s−1. Ces raies sont le reflet d’une specta-
culaire caracte´ristique propre aux e´toiles WR : leurs forts vents stellaires. En effet,
les raies vues en e´mission dans un spectre Wolf-Rayet sont dues a` la pre´sence d’un
vent stellaire tre`s dense, turbulent et structure´ pouvant atteindre des vitesses ter-
minales de l’ordre de plusieurs 103 km s−1. Le vent de ces e´toiles est suffisamment
opaque qu’il empeˆche meˆme la lumie`re e´mise a` la surface (hydrostatique) de l’e´toile
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de s’e´chapper. Pour les astrophysiciens, ceci est une contrainte importante, car la
surface stellaire n’est pas observable, cache´e par le vent de l’e´toile.
Le vent d’une e´toile Wolf-Rayet est naturellement lie´ a` la perte de masse qu’elle
subit au cours de sa vie. L’expulsion de matie`re qu’engendre le vent stellaire est
exprime´e en fonction du taux de perte de masse, M˙ . Tout au long de leur vie, les
e´toiles massives perdront donc plus de la moitie´ de leur masse initiale (Ekstro¨m
et al. 2012; Maeder & Meynet 2010), conse´quence des diffe´rentes phases e´volutives
qu’elles traverseront. Sur la se´quence principale (phase OB), l’e´toile posse`de typi-
quement un vent te´nu caracte´rise´ par un taux de perte de masse M˙ ∼ 10−7M⊙ an
−1
et atteignant des vitesses terminales de quelques milliers de km s−1 (Kudritzki &
Puls 2000; Prinja et al. 1990). En guise de comparaison, le soleil perd 10−14M⊙ par
anne´e. Par la suite, lors de la phase Wolf-Rayet, le vent stellaire devient plus dense
et plus puissant (M˙ ∼ 10−5M⊙ an
−1 et v∞ ∼ 2000 km s
−1; Crowther 2007). Les
vents d’e´toiles WR sont aussi enrichis en me´taux et plus optiquement e´pais que
ceux de leurs pre´de´cesseurs. E´tant donne´ l’impact de´terminant qu’un vent peut
avoir sur son e´toile et son environnement, l’e´volution des e´toiles massives ne peut
eˆtre e´tudie´e sans conside´rer leur fulgurante perte de masse (Chiosi & Maeder 1986;
Kudritzki & Urbaneja 2006; Vink 2008).
Le taux de perte de masse et la vitesse terminale du vent sont deux parame`tres
cruciaux dans l’e´tude des e´toiles WR (Lamers & Cassinelli 1999). Par exemple,
puisque l’e´volution d’une e´toile de´pend fondamentalement de sa masse, il va sans
dire que la perte de masse affecte cette meˆme e´volution. En fait, les e´toiles qui
subissent un taux de perte de masse e´leve´ e´voluent diffe´remment de celles dote´es
d’un faible M˙ . La perte de masse sous forme de vents fait en sorte que la tem-
pe´rature centrale augmente moins rapidement et donc, que la masse de la zone
convective diminue plus vite avec le temps. Par conse´quent, la luminosite´ d’une
e´toile posse´dant un vent est plus petite que celle d’une e´toile qui e´volue avec une
masse constante. Ainsi, une plus faible luminosite´ signifie une dure´e de vie sur la
se´rie principale plus longue que les e´toiles qui ne sont pas sujettes a` une perte
de masse. D’un autre coˆte´, le vent stellaire et la diminution de la zone convective
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signifient une plus petite quantite´ de carburant que l’e´toile peut bruˆler. Cet effet
tend a` raccourcir la dure´e de vie sur la se´quence principale, mais son impact est
moins important que celui de la luminosite´ (Chiosi & Maeder 1986). En somme, la
dure´e de vie d’une e´toile sur la se´quence principale augmente quelque peu (<10%)
par rapport au sce´nario hypothe´tique d’e´volution a` masse constante.
Le taux de perte de masse est relie´, de manie`re ge´ne´rale, a` la densite´ et a` la
vitesse du vent par l’e´quation de continuite´ de masse
M˙ = 4πρ(r)v(r) , (1.1)
ou` r repre´sente la distance a` partir du centre de l’e´toile, ρ et v, la densite´ et la vi-
tesse, respectivement. Cette e´quation est valide pour le mode`le simple d’un vent sta-
tionnaire et syme´triquement sphe´rique. Loin de la surface stellaire, le plasma e´jecte´
par l’e´toile atteint une vitesse terminale tre`s e´leve´e symbolise´e par v∞ = v(r →∞).
Afin de de´crire la structure du vent et de sa vitesse en fonction de la distance, v(r),
Castor et al. (1975) ont de´veloppe´ un formalisme commune´ment appele´ la loi-β.
Cette loi de vitesse est exprime´e par l’e´quation
v(r) ≃ v∞
(
1−
R⋆
r
)β
, (1.2)
ou` R⋆ est le rayon de l’e´toile a` la photosphe`re. Tel qu’illustre´ a` la Figure 1.1, le para-
me`tre β de´termine l’exposant de la loi de vitesse. Lorsqu’un vent WR est simule´, le
parame`tre β = 1 est typiquement utilise´ dans les mode`les stellaires (p.ex. Hamann
et al. 2006; Sander et al. 2012). Cependant, meˆme si ce choix reproduit correcte-
ment la forte acce´le´ration des re´gions internes du vent stellaire, les re´gions externes
sont quant a` elles mieux repre´sente´es par des valeurs de β plus e´leve´es (Gra¨fener
& Hamann 2005; Le´pine & Moffat 1999; Schmutz 1997). Conse´quemment, l’utilisa-
tion d’une loi de vitesse impliquant un seul parame`tre β approxime la structure en
vitesse du vent dans son ensemble. Afin d’obtenir une meilleure pre´cision, Hillier
& Miller (1999) ont propose´ une loi de vitesse a` deux parame`tres β distincts qui
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pourrait offrir une description plus ade´quate de toutes les re´gions du vent. Toute-
fois, l’exactitude de cette loi double-β reste a` eˆtre confirme´e. Conside´rant que les
re´gions internes d’un vent WR ne sont pas observables et que les raies d’e´mission
normalement pre´sentes dans un spectre WR sont forme´es loin de la surface stellaire
(p.ex. Hillier 1987; Schulte-Ladbeck et al. 1995), l’utilisation d’une loi β a` un seul
indice de puissance repre´sente une bonne approximation de la structure de vitesse
du vent dans les re´gions observables. Par exemple, Schmutz (1997) a de´montre´ que
la vitesse du vent de l’e´toile EZ CMa (WR6) est correctement de´crite en adoptant
β ≥ 3.
Figure 1.1 La structure en vitesse d’un vent stellaire telle que de´crite par la loi-β
(voir E´quation 1.2). Les diffe´rentes courbes sont lie´es aux valeurs de l’indice de
puissance β = 0.5, 0.8, 1.0, 2.0 et 4.0, de haut en bas respectivement.
Beals (1929) proposa un sce´nario afin d’expliquer l’origine des larges raies
d’e´mission pre´sentes dans le spectres des e´toiles WR. Selon lui, les raies spectrales
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sont forme´es a` l’inte´rieur de coquilles gazeuses en expansion autour de l’e´toile, ce
qui entraˆıne leur e´largissement via l’effet Doppler. Cette the´orie est aujourd’hui
largement accepte´e et utilise´e pour de´crire les processus d’e´mission observe´s dans
les vents d’e´toiles WR. De plus, il est maintenant reconnu que ces vents stellaires
sont caracte´rise´s par une stratification d’ionisation (Herald et al. 2000; Hillier 1987;
Schulte-Ladbeck et al. 1995). Puisque l’ionisation du vent diminue en fonction de
la distance a` la surface stellaire, cette stratification explique pourquoi les raies
d’e´mission ne montrent pas toutes la meˆme largeur et le meˆme profil. En effet, les
observations spectroscopiques de´montrent que la largeur des raies d’e´mission est
inversement corre´le´e au potentiel d’ionisation des espe`ces atomiques. En supposant
une structure de vitesse telle que de´crite par l’e´quation 1.2, les raies d’e´mission qui
se forment a` de plus grandes distances de la surface stellaire (plus bas degre´ d’io-
nisation) seront donc davantage e´largies par l’effet Doppler que les raies qui sont
cre´e´es plus pre`s de l’e´toile (plus haut degre´ d’ionisation). On peut donc imaginer
le vent d’une e´toile Wolf-Rayet comme compose´ de multiples re´gions de formation
de raies qui, en moyenne, sont situe´es a` diffe´rentes distances de la surface stellaire,
mais qui sont suffisamment e´tendues pour se chevaucher. Ultimement, la strati-
fication des raies d’e´mission permet d’e´tudier la structure et la dynamique d’un
vent Wolf-Rayet. En the´orie, il est donc possible de suivre l’e´volution de certaines
proprie´te´s du vent par l’analyse de diffe´rentes raies spectrales.
Il est maintenant accepte´ que la pression radiative est principalement respon-
sable des forts vents observe´s lors de la phase Wolf-Rayet. En effet, chaque photon
transporte une quantite´ de mouvement p = hν/c et l’e´change de cette quantite´
de mouvement entre les photons et les atomes (par l’entremise de la diffusion et
l’absorption de la radiation lumineuse par les raies spectrales) cre´e ainsi une force
acce´le´ratrice (Lamers & Cassinelli 1999). La pression de radiation est spe´cialement
efficace dans le domaine UV, la` ou` les raies de me´taux sont les plus abondantes et
ou` les e´toiles massives ont leur maximum de flux. Or, le flux de quantite´ de mou-
vement (M˙v∞) qui caracte´rise, de manie`re ge´ne´rale, le vent des e´toiles WR atteint
environ 20 fois la quantite´ de mouvement disponible pour produire un vent stellaire
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via la diffusion simple (Hamann, Gra¨fener, & Liermann 2006; Sander, Hamann, &
Todt 2012). Face a` cette limite e´tablie par la diffusion simple d’e´le´ments et d’ions
atomiques, la pression radiative ne peut donc pas expliquer a` elle seule la force
des vents Wolf-Rayet, ce qui est a` l’origine du momentum problem tel que de´crit
par Lamers & Leitherer (1993). Lucy & Abbott (1993) propose`rent, par l’entre-
mise de la diffusion multiple, un mode`le the´orique permettant un transfert accru
de la quantite´ de mouvement a` partir du champ de radiation. Cependant, leurs
travaux ne´cessitaient l’adoption pre´e´tablie d’une vitesse et d’une structure d’ioni-
sation dans le vent de l’e´toile. Une deuxie`me alternative pour palier aux proble`mes
de la diffusion simple est d’invoquer un mode`le hybride dans lequel la rotation
et le champ magne´tique agiraient en collaboration avec la pression radiative afin
d’initier et d’entraˆıner l’e´norme e´jection de matie`re observe´e chez les e´toiles WR
(Dos Santos, Jatenco-Pereira, & Opher 1993). Bien que prometteurs, les mode`les
hybrides ne sont pas encore accepte´s par l’ensemble de la communaute´ scientifique
ce qui motive d’autant plus la recherche de champs magne´tiques chez les objets de
la phase Wolf-Rayet. La de´tection directe de leur magne´tisme pourrait de plus nous
aider a` comprendre pourquoi les vents WR sont si instables et chaotiques, ceux-ci
e´tant parseme´s de chocs et d’inhomoge´ne´ite´s (p.ex. Le´pine & Moffat 1999).
1.2.3 Des e´toiles Wolf-Rayet magne´tiques ?
Les raisons de soupc¸onner la pre´sence de champs magne´tiques chez les e´toiles
Wolf-Rayet sont nombreuses. D’un point de vue e´volutif, certaines e´toiles qui tra-
versent la phase Wolf-Rayet devraient, a priori, eˆtre magne´tiques. En effet, des
champs magne´tiques ont maintenant e´te´ observe´s et mesure´s dans une varie´te´
d’e´toiles massives, incluant les e´toiles de type spectral O, les proge´niteurs des e´toiles
WR (p.ex. Bouret et al. 2008; Donati et al. 2006b; Wade et al. 2012b,c). Tel que
mentionne´ a` la section 1.1.4, approximativement 7% des e´toiles O observe´es par la
collaboration MiMeS montrent la pre´sence de signatures magne´tiques dans leurs
spectres (Wade et al. 2012a). Puisque les e´toiles de type O suffisamment massives
(M> 25M⊙) passent par la phase WR avant d’exploser en supernova, on peut donc
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s’attendre a` ce qu’une proportion similaire d’e´toiles Wolf-Rayet montrent elles aussi
des signes de magne´tisme, s’il n’existe aucun me´canisme favorisant la dissipation
du champ. Par ailleurs de re´cents travaux the´oriques (p.ex. Georgy et al. 2009; He-
ger et al. 2003) de´montrent que, dans certains cas, les e´toiles Wolf-Rayet sont les
probables proge´niteurs des supernovae de type Ib et Ic. Comme illustre´ a` la Figure
1.2, les re´manents de ces explosions peuvent prendre la forme d’e´toiles a` neutron
(NS) ou de trous noirs (BH). En the´orie, il devrait donc exister certaines e´toiles
Figure 1.2 Intervalle de masse pour les diffe´rents types de supernovae (droite) et
leurs diffe´rents proge´niteurs (gauche) en fonction de la me´tallicite´. La nature de
la supernova et du proge´niteur est indique´e pour chacune des re´gions apparaissant
dans les figures. La zone ombrage´e repre´sente la re´gion pour laquelle le re´manent
stellaire sera un trou noir (BH). Partout ailleurs, le re´sidu de l’explosion supernova
sera une e´toile a` neutron (NS). Tel que de´crit dans la section 1.2.1, les e´toiles
moins massives qu’environ 25 M⊙ e´voluent en e´toiles superge´antes (SG) rouges,
sans passer par la phase WR, et explosent en supernovae de type II. Tire´ de Georgy
et al. (2009).
WR qui e´voluent en e´toiles a` neutron. Or, ces dernie`res posse`dent des champs
magne´tiques extreˆmement puissants (B ∼ 1012−13 G) qui atteignent meˆme des in-
tensite´s s’approchant de B ∼ 1015 G dans le cas des magnetars (Gaensler et al.
2005; Hansen et al. 2004; Reisenegger 2009; Thompson et al. 2004). Les magnetars
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repre´sentent le produit final de l’e´volution d’e´toiles massives posse´dant initialement
une masse de 30-40 M⊙. Puisqu’il s’agit aussi d’e´toiles a` neutron, cela implique que
les e´toiles WR n’e´voluent pas toutes en trous noirs, tel que pre´dit par le passe´
(Fryer & Kalogera 2001; Heger et al. 2003). D’un point de vue e´volutif, les e´toiles
Wolf-Rayet sont donc ide´alement positionne´es pour posse´der des champs magne´-
tiques. En effet, certains de leurs pre´de´cesseurs sont magne´tiques et certains de
leurs successeurs le sont aussi. Il semble alors probable que certaines e´toiles WR
soient elles aussi magne´tiques. De plus, il est encore plus urgent de de´tecter la pre´-
sence de champs magne´tiques chez les e´toiles WR puisqu’elles sont, sur le plan de
l’e´volution stellaire, plus pre`s de leurs successeurs compacts que le sont les e´toiles
O.
En supposant la conservation du flux magne´tique, le magne´tisme observe´ chez
les e´toiles a` neutron se traduirait en champs magne´tiques de B ∼ 2 − 20 G a` la
surface des e´toiles de type spectral B les plus chaudes et de B ∼ 20 − 200 G a`
la surface des e´toiles de type O. Ces intensite´s magne´tiques fournissent possible-
ment une explication au faible taux de de´tection observe´ chez les e´toiles massives
de la se´quence principale. En effet, la de´tection de champs magne´tiques chez les
e´toiles O semblent pre´sentement eˆtre l’exception a` la re`gle (Wade et al. 2012a),
tandis que les e´toiles pour lesquelles de tre`s forts champs sont de´tecte´s pourraient
eˆtre lie´es, de manie`re e´volutive, aux magnetars. De leur coˆte´, les e´toiles WR sont
caracte´rise´es par un coeur hydrostatique typiquement 10 fois plus petit que celui
de leurs proge´niteurs. Conse´quemment, l’intensite´ magne´tique a` la surface stellaire
des e´toiles Wolf-Rayet pourrait eˆtre 100 fois plus e´leve´e que celle observe´e chez
les e´toiles O, soit B ∼ 2000 − 20000 G (en supposant la conservation du flux
magne´tique, Br2 = constant). Cependant, en raison de leurs vents stellaires tre`s
opaques, il est impossible d’observer la surface des e´toiles WR, du moins, dans
le domaine spectral accessible a` partir des meilleurs spectropolarime`tres. En ef-
fet, selon Schulte-Ladbeck et al. (1995), il est typiquement impossible d’observer
les raies spectrales en e´mission qui se forment a` moins de ∼ 4Rcore de la surface
stellaire. Selon la configuration magne´tique existante dans le vent de l’e´toile, l’in-
19
tensite´ du champ diminuera en fonction de la distance a` la surface stellaire. Par
exemple, si le champ magne´tique est configure´ comme un split monopole (Gayley
& Ignace 2010; ud-Doula & Owocki 2002), alors l’intensite´ du champ variera selon
R−2. Conse´quemment, une raie forme´e a` une distance de 4Rcore sera sujette a` une
intensite´ magne´tique ∼ 42 plus petite qu’a` la surface de l’e´toile, ce qui se traduit
par la pre´sence d’un champ de ∼ 100 − 1000 G dans les re´gions internes du vent
stellaire (une intensite´ magne´tique beaucoup plus e´leve´e est a` pre´voir dans le cas
d’une e´toile WR qui e´voluera en magnetar).
En plus d’affecter la structure interne des e´toiles WR, les champs magne´tiques
pourraient aussi eˆtre a` l’origine d’anomalies d’abondance (Henrichs 2001; Henrichs
et al. 2003), jouer une roˆle primordial dans la ge´ne´ration d’e´mission non thermique
et de rayons X (Chlebowski 1989; Drake 1990; Oskinova et al. 2009), et eˆtre poten-
tiellement la source d’asyme´tries a` grande e´chelle pre´sentes dans les vents stellaires.
Effectivement, la morphologie d’un vent stellaire en rotation peut eˆtre influence´e
si le taux de perte de masse surfacique est non-uniforme, conse´quence d’un champ
magne´tique en corotation avec l’e´toile (Harries 2000). Des re´gions d’interaction en
co-rotation (CIR) peuvent alors eˆtre forme´es par les flux de matie`re plus dense qui,
entraˆıne´s par la rotation diffe´rentielle du vent stellaire, prennent la forme de struc-
tures spirales (Cranmer & Owocki 1996). Les CIR sont d’ailleurs soupc¸onne´s d’eˆtre
la cause des variabilite´s pe´riodiques observe´es en photome´trie et en spectroscopie
chez certaines WR (Chene´ & St-Louis 2011; St-Louis et al. 1995). A` l’oppose´ des
structures a` grande e´chelle, les vents WR sont parseme´s de petites structures ap-
pele´es clumps (p.ex. Le´pine & Moffat 1999). Ces clumps sont des agglome´rations
de matie`re, plus denses que leur environnement imme´diat, qui voyagent dans le
vent en suivant l’e´coulement de celui-ci. Owocki et al. (1988) expliquent que ces
petites structures sont une conse´quence naturelle du me´canisme qui ge´ne`re le vent
des e´toiles massives. Effectivement, les vents stellaires entraˆıne´s par la radiation
lumineuse sont fondamentalement instables aux perturbations de vitesse. Bien que
cette instabilite´ semble eˆtre l’explication la plus naturelle a` la pre´sence de clumps,
Cantiello et al. (2009) et Cantiello & Braithwaite (2011) ont propose´ l’existence
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d’une zone de convection due a` l’opacite´ du fer (FeCZ) sous la surface des e´toiles
OB. En plus d’expliquer plusieurs phe´nome`nes observe´s chez ces e´toiles, la FeCZ
pourrait aussi ge´ne´rer des champs magne´tiques suffisamment forts pour atteindre
la surface de l’e´toile et ainsi cre´er des taches magne´tiques (analogues aux taches
solaires). Dans les cas des e´toiles WR, l’impact de cette zone de convection sur
le vent stellaire pourrait eˆtre encore plus important puisque la FeCZ serait situe´e
plus pre`s de la surface ou, dans le cas extreˆme de certaines e´toiles WO, au point
sonique du vent. Cantiello et al. (2009) sugge`rent aussi que la zone de convection
due a` l’opacite´ du fer pourrait eˆtre lie´e a` la pre´sence de clumps et aussi, au taux
de perte de masse e´leve´s des e´toiles WR. En terminant, meˆme si l’existence des
champs magne´tiques est depuis longtemps soupc¸onne´e, la recherche the´orique et
observationnelle sur le magne´tisme des e´toiles Wolf-Rayet en est toujours a` ses de´-
buts (Crowther 2007; Donati & Landstreet 2009; Walder et al. 2012). En ce sens, la
spectropolarime´trie d’e´toiles Wolf-Rayet, effectue´e a` un niveau e´leve´ de sensibilite´,
aura certainement d’importantes implications en ce qui concerne notre compre´-
hension de ces astres en fournissant les contraintes observationnelles ne´cessaires a`
l’ame´lioration des mode`les d’e´volution stellaire.
1.3 La de´tection de champs magne´tiques chez les e´toiles WR
1.3.1 La spectropolarime´trie
La spectroscopie a longtemps e´te´ la technique privile´gie´e pour l’e´tude des e´toiles.
En mesurant le comportement spectral de la lumie`re, c.-a`-d. la variation de l’in-
tensite´ lumineuse en fonction de la longueur d’onde, la surface et l’atmosphe`re
des e´toiles peuvent eˆtre e´tudie´es. Comme la plupart des techniques d’observations
astronomiques, la spectroscopie posse`de elle aussi ses limites et ne permet donc
pas aux chercheurs d’obtenir re´ponse a` toutes leurs questions. En effet, si une
e´toile est observe´e simplement en fonction de l’intensite´ de son spectre lumineux,
alors une importante quantite´ d’information est ignore´e. Puisque la lumie`re est
une onde e´lectromagne´tique, les vecteurs de´crivant son champ e´lectrique et son
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champ magne´tique peuvent osciller selon diverses orientations. Les diffe´rents phe´-
nome`nes physiques qui se produisent dans un environnement stellaire peuvent dic-
ter et contraindre ces oscillations. Dans de telles circonstances, la lumie`re est dite
polarise´e. C’est pourquoi il existe maintenant des instruments visant a` associer
l’information spectrale a` la polarisation de la lumie`re. Cette technique, nomme´e
spectropolarime´trie, est exploite´e d’une manie`re particulie`rement efficace depuis
une vingtaine d’anne´es. Son objectif ultime est de se´parer les photons selon leurs
caracte´ristiques et leurs origines. En d’autres mots, obtenir l’intensite´ de la lumie`re
polarise´e en fonction de la longueur d’onde. Puisque les e´toiles chaudes et leurs en-
vironnements circumstellaires sont capables de polariser la lumie`re qu’ils ge´ne`rent,
la spectropolarime´trie se veut donc un outil tre`s puissant afin d’obtenir de l’infor-
mation ine´dite sur ces objets. Parmi les phe´nome`nes qui peuvent eˆtre de´voile´s par
la spectropolarime´trie se trouve le magne´tisme stellaire. En effet, la pre´sence de
champs magne´tiques a` l’inte´rieur d’un environnement stellaire peut engendrer la
polarisation de la lumie`re e´mise ou absorbe´e.
1.3.2 L’effet Zeeman
L’effet Zeeman repre´sente la manie`re la plus directe de mesurer l’intensite´ d’un
champ magne´tique (Shi-Hui 1995). Lorsqu’il s’applique a` des raies d’e´mission, il
est appele´ direct ou normal. L’effet Zeeman de´crit la division d’une raie spectrale
en plusieurs composantes en pre´sence d’un champ magne´tique. C’est en 1896 que
le physicien Ne´erlandais Pieter Zeeman de´couvrit l’influence du magne´tisme sur la
radiation lumineuse. Il partagea d’ailleurs le prix Nobel de physique de 1902 avec
Hendrick A. Lorentz pour cette de´couverte.
La the´orie de la me´canique quantique de´crit un e´lectron situe´ sur un niveau
d’e´nergie par quatre nombres quantiques. Le nombre quantique principal n, le
nombre quantique orbital l (l = 0 a` l = n − 1 en valeurs entie`res), le nombre
quantique magne´tique ml (ml = −l a` ml = +l en valeurs entie`res) et le nombre
quantique repre´sentant le spin de l’e´lectron ms (ms = −1/2 ou ms = 1/2). Afin
de de´crire un syste`me atomique a` plusieurs e´lectrons, le moment cine´tique total
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−→
J doit eˆtre e´value´ en fonction des interactions internes entre les particules selon
l’e´quation suivante :
−→
J ≡
−→
L +
−→
S . (1.3)
Cette description d’un syste`me a` k particules est appele´ « le couplage LS ». Il
fait intervenir le moment cine´tique orbital total
−→
L et le moment cine´tique de spin
total
−→
S a` partir des moments cine´tiques orbitaux (
−→
l ) et de spin (−→s ) de chaque
e´lectron. En astrophysique, les atomes le´gers sont fre´quemment e´tudie´s et dans de
telles circonstances,
−→
L et
−→
S sont e´value´s a` partir de
−→
L =
k∑
i=1
−→
li (1.4)
−→
S =
k∑
i=1
−→si . (1.5)
Finalement, le nombre quantique j repre´sente la valeur propre du moment cine´tique
total du syste`me, alors que la projection du moment cine´tique total sur l’axe z4
(Jz) est repre´sente´ par mj.
Une raie spectrale se forme lorsqu’un e´lectron effectue la transition entre deux
niveaux atomiques (appele´s ici l et u), dote´s des e´nergies Eu > El. Lors d’une
transition, le moment cine´tique doit eˆtre conserve´ ce qui engendre la re`gle de se´-
lection (transition) ∆j = 0, ±1 a` l’exception des transitions ju = 0 → jl = 0 qui
sont interdites. Lorsque la transition s’effectue en pre´sence d’un champ magne´tique
externe, un niveau e´lectronique j se divise en 2j +1 niveaux interme´diaires et, par
conservation du moment cine´tique, les transitions entre les niveaux interme´diaires
s’effectuent selon la re`gle de se´lection ∆mj = 0, ±1. Une raie simple engendre´e par
la transition ju → jl se se´parera alors en plusieurs composantes qui seront de´cale´es
par rapport a` la longueur d’onde de re´fe´rence, λo
5. Ce de´calage peut eˆtre exprime´
4En pre´sence d’un champ magne´tique externe, l’axe z est normalement paralle`le a` la direction
des lignes de champ.
5La longueur d’onde ou fre´quence de re´fe´rence repre´sente la position spectrale de la raie en
l’absence de champs magne´tiques.
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par l’e´quation suivante :
∆λB = (mj,ugu −mj,lgl)λB (1.6)
ou`
λB = 4.67× 10
−13geffλ
2
oB . (1.7)
L’e´quation ci-dessus est obtenue pour une intensite´ magne´tique B exprime´e en
gauss ou` λB et λo sont en A˚ et ou` gi est le facteur de Lande´ associe´ aux niveaux
i = u, l et geff repre´sente le facteur de Lande´ effectif.
Typiquement, les composantes d’un triplet Zeeman pour lesquelles ∆mj = ±1
sont symbolise´es par σ et celles ou` ∆mj = 0 par π. De plus, ces composantes
seront polarise´es en fonction de l’orientation du champ magne´tique par rapport
a` la ligne de vise´e. Tel qu’illustre´ a` la Figure 1.3, lorsque l’orientation du champ
magne´tique est perpendiculaire a` la direction de propagation de lumie`re, l’effet
Zeeman transversal se´parera une raie d’e´mission en trois composantes polarise´es
line´airement. La composante centrale (π) apparaˆıt a` la meˆme longueur d’onde de
re´fe´rence, λ0, alors que les deux autres composantes, σ+ et σ−, se situent a` λo−λB
et λo + λB, respectivement. D’un autre cote´, si la radiation se propage paralle`le-
ment aux lignes de champ magne´tique, l’effet Zeeman longitudinal engendrera alors
la division d’une raie spectrale en deux composantes polarise´es circulairement. La
composante σ+ apparaˆıt du coˆte´ bleu de la raie originale (polarisation circulaire
antihoraire) tandis que l’autre, σ−, se retrouve du coˆte´ rouge (polarisation circu-
laire horaire). Ge´ne´ralement, les deux composantes σ sont polarise´es de manie`re
elliptique, car l’orientation du champ magne´tique par rapport a` la ligne de vise´e
fait souvent un angle γ diffe´rent de 0◦ ou 90◦. D’ailleurs, les traits gras verticaux ap-
paraissant a` la Figure 1.3 indiquent la position de chacune des composantes et leur
longueur repre´sentent l’intensite´ relative de chacune d’entre elles. La comparaison
entre les sce´narios purement longitudinal ou purement transversal de´montre que
ces intensite´s de´pendent de l’angle γ. Lorsque le champ est transversal (γ = 90◦),
la composante π est deux fois plus intense que chacune des composantes σ. Dans le
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Figure 1.3 Illustration de l’effet Zeeman longitudinal (gauche) et transversal
(droite). Dans le cas d’un triplet Zeeman normal, la composante π apparaˆıt a` la
longueur d’onde de re´fe´rence, λo, et est polarise´e line´airement. Cette composante
n’est cependant pas observe´e lorsque la ligne de vise´e est paralle`le a` l’orientation
du champ magne´tique. Les deux composantes σ sont de´cale´es de ±λB et sont ge´ne´-
ralement polarise´es de manie`re elliptique. Toutefois, leur polarisation est circulaire
et line´aire lorsque l’effet Zeeman est purement longitudinal et purement transver-
sal, respectivement. Les deux sche´mas du bas repre´sentent la signature spectrale
de l’effet Zeeman pour les parame`tres Stokes V (polarisation circulaire) et Stokes
Q (polarisation line´aire). Tire´ de Ignace & Gayley (2003).
cas longitudinal (γ = 0◦), l’intensite´ de chaque composante σ est double´e par rap-
port a` la situation d’un champ transversal. De fac¸on ge´ne´rale, l’intensite´ relative
de chacune des composantes cre´e´es par l’effet Zeeman est donne´e par l’e´quation
suivante (Shi-Hui 1994) :
Iσ =
1
4
(1 + cos2 γ) (1.8)
Iπ =
1
2
sin2 γ . (1.9)
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Cette e´quation n’est valide que pour l’effet Zeeman normal, c.-a`-d. pour les raies
spectrales en e´mission.
Le niveau de polarisation line´aire produit par l’effet Zeeman est extreˆmement
petit. Par ailleurs, ce dernier peut eˆtre masque´ par le niveau de polarisation line´aire
engendre´ par diffusion Thomson des e´lectrons libres pre´sents dans un vent stellaire
chaud, ionise´ et, dans certains cas, globalement asyme´trique (Schulte-Ladbeck et al.
1992a). L’effet Zeeman transversal n’est donc pas un moyen tre`s efficace de de´tecter
la pre´sence de champs magne´tiques dans les e´toiles WR, car leurs vents ne sont pas
toujours caracte´rise´s par une syme´trie sphe´rique (Harries et al. 1998). De plus, la
soustraction des deux composantes polarise´es circulairement ge´ne`re une signature
spectrale beaucoup plus forte et surtout, directement proportionnelle a` l’intensite´
du champ magne´tique. Quant a` lui, l’effet transversal (polarisation line´aire) n’est
proportionnel qu’a` un terme de deuxie`me ordre (Ignace & Gayley 2003; Landi
Degl’Innocenti & Landolfi 2004).
1.3.3 Les parame`tres de Stokes
L’information contenue dans la radiation lumineuse est, dans la plupart des cas,
le seul moyen d’e´tudier le champ magne´tique d’un astre. Pour cette raison, l’e´tat
de polarisation de la lumie`re doit eˆtre bien caracte´rise´ afin de pouvoir quantifier
et qualifier convenablement le champ magne´tique de l’objet e´tudie´. Pour de´crire
correctement l’e´tat de la polarisation, les parame`tres de Stokes (I, Q, U , V ) sont
commune´ment utilise´s. Ceux-ci ont e´te´ de´veloppe´s par Sir George Gabriel Stokes en
1852 et furent introduits dans le monde de l’astronomie en 1946 par Chandrasekhar.
Il existe plusieurs ouvrages de re´fe´rence qui traitent de la polarisation de la lumie`re
dans le contexte de la (spectro)polarime´trie stellaire. La pre´sente section se fonde
plus pre´cise´ment sur Clarke (2010); Clarke & Grainger (1971), Kliger et al. (1990),
del Toro Iniesta (2003) et Tinbergen (1996). Pour de plus amples informations sur
les ondes e´lectromagne´tiques et les parame`tres de Stokes, le lecteur est invite´ a`
consulter les re´fe´rences e´nume´re´es ci-dessus.
Une onde e´lectromagne´tique peut eˆtre repre´sente´e par la superposition d’un
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champ e´lectrique (
−→
E ) et d’un champ magne´tique (
−→
B ) qui sont contenus dans un
plan perpendiculaire a` la direction de propagation de l’onde (voir Figure 1.4). Les
Figure 1.4 Illustration d’un faisceau lumineux (onde e´lectromagne´tique) se propa-
geant dans la direction zˆ. Le champ e´lectrique (
−→
E ) et le champ magne´tique (
−→
B )
sont dessine´s ici de manie`re sche´matique afin de de´montrer leur orthogonalite´.
instruments utilise´s en recherche astrophysique sont sensibles a` l’e´nergie transporte´e
par les ondes e´lectromagne´tiques. Puisque cette e´nergie est une fonction du champ
e´lectrique, la polarisation de la lumie`re est ge´ne´ralement de´crite en fonction des
composantes
−→
Ex et
−→
Ey du champ e´lectrique :
−→
Ex(z, t) = E0x cos(kz − ωt)xˆ (1.10)
−→
Ey(z, t) = E0y cos(kz − ωt+ ǫ)yˆ (1.11)
ou` k = 2π/λ est le nombre d’ondes, ω = 2πf est la fre´quence angulaire et ǫ est
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la diffe´rence de phase (de´phasage) temporelle entre les oscillations de
−→
Ex et
−→
Ey.
Pour un faisceau lumineux polarise´ qui voyage dans une direction arbitraire zˆ, le
plan de polarisation est de´fini par xˆ et yˆ. Si l’une des composantes est nulle ou
si le de´phasage est de 0 ou π, le champ e´lectrique re´sultant oscille en suivant une
droite dans le plan de polarisation (voir Figure 1.5). Dans un tel cas, la lumie`re est
line´airement polarise´e. Lorsque sin(ǫ) > 0, le vecteur re´sultant du champ e´lectrique
effectue une rotation anti-horaire6 autour de l’axe de propagation, zˆ. De plus, si
sin(ǫ) > 0 et les amplitudes respectives des deux composantes ne sont pas iden-
tiques, la polarisation est dite elliptique gauche. A` l’oppose´, lorsque sin(ǫ) < 0, le
champ e´lectrique re´sultant tourne dans le sens horaire et l’on fait alors re´fe´rence
a` une polarisation droite (et elliptique si E0x 6= E0y). Dans l’e´ventualite´ ou` les
amplitudes E0x et E0y sont identiques et que la diffe´rence de phase est e´gale a` π/2
ou 3π/2, alors le vecteur re´sultant du champ e´lectrique de´crit un cercle autour de
l’axe de propagation et conse´quemment, la polarisation est dite circulaire.
Tel que mentionne´ pre´ce´demment, les 4 parame`tres de Stokes sont utilise´s pour
de´crire la radiation lumineuse. Le parame`tre Stokes I sert a` quantifier l’intensite´
de la lumie`re (tous photons confondus). Les parame`tres Stokes Q et U servent
a` de´crire la lumie`re polarise´e line´airement tandis que le parame`tres Stokes V est
associe´ a` la polarisation circulaire. Ils sont de´finis selon les e´quations suivantes :
I = E20x + E
2
0y (1.12)
Q = E20x − E
2
0y (1.13)
U = 2E0xE
2
0y cos(ǫ) (1.14)
V = 2E0xE
2
0y sin(ǫ) (1.15)
Il est a` noter que selon cette de´finition l’intensite´ Stokes I est ne´cessairement po-
sitive alors que les parame`tres Stokes Q, U et V peuvent eˆtre positifs ou ne´gatifs.
Une proprie´te´ importante des parame`tres de Stokes est leur additivite´. Ainsi, lors-
qu’une onde polychromatique (superposition d’ondes monochromatiques de diffe´-
6Dans le re´fe´rentiel de l’observateur.
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rentes fre´quences) converge vers un de´tecteur, les parame`tres de Stokes mesure´s
seront la somme des parame`tres de Stokes associe´s a` chacune des ondes monochro-
matiques (par exemple, V = V1+V2+ . . .). Bien qu’un onde polychromatique peut
eˆtre totalement polarise´e ou totalement non polarise´e (si Q = U = V = 0), la
lumie`re qui nous provient des e´toiles est ge´ne´ralement partiellement polarise´e, c.-
a`-d. la somme d’une composante non polarise´e et d’une composante comple`tement
polarise´e. Les parame`tres de Stokes de´crivant cette polarisation partielle sont donc
aussi la somme des parame`tres de Stokes de chaque composante. Il est possible de
ge´ne´raliser les diffe´rents types de polarisation observe´s par ce qui suit :
Polarisation line´aire Q 6= 0, U 6= 0, V = 0
Polarisation circulaire Q = 0, U = 0, V 6= 0
Radiation comple`tement polarise´e I2 = Q2 + U2 + V 2
Radiation partiellement polarise´e I2 > Q2 + U2 + V 2
De plus, les quantite´s p, plin et pcirc sont fre´quemment utilise´es afin de de´crire
la polarisation stellaire. Elles repre´sentent respectivement le degre´ de polarisation,
le degre´ de polarisation line´aire et le degre´ de polarisation circulaire.
p =
√
Q2 + U2 + V 2
I
(1.16)
plin =
√
Q2 + U2
I
(1.17)
pcirc =
V
I
(1.18)
En terminant, l’e´tat de polarisation d’une radiation e´lectromagne´tique peut eˆtre
entie`rement de´termine´ si les 4 parame`tres de Stokes sont connus. Dans les chapitres
a` venir, les parame`tres de Stokes seront associe´s a` diverses quantite´s instrumentales
et spectrales permettant ainsi l’e´tude du magne´tisme stellaire.
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Figure 1.5 Illustration de la polarisation line´aire, circulaire et elliptique. Les 4
sche´mas montrent seulement les composantes
−→
Ex et
−→
Ey d’un onde e´lectromagne´tique
qui se propage paralle`lement a` l’axe zˆ. Une polarisation line´aire est observe´e si
l’une des composantes est nulle ou si le de´phasage est de 0 ou π. Une polarisation
elliptique est obtenue lorsque sin(ǫ) 6= 0 et E0x 6= E0y. Finalement, la polarisation
est dite circulaire si E0x = E0y et si ǫ = π/2 ou 3π/2. Dans les deux sche´mas du
bas, la polarisation est circulaire gauche et elliptique gauche pour un observateur
situe´ dans la direction de propagation de la lumie`re.
CHAPITRE 2
PRE´SENTATION DU PROJET DE RECHERCHE
La recherche de champs magne´tiques par l’entremise d’observations spectropo-
larime´triques est le sujet de la pre´sente the`se de doctorat. Plus pre´cise´ment, l’ob-
jectif de cette e´tude vise a` de´tecter l’effet Zeeman dans les raies d’e´mission d’e´toiles
Wolf-Rayet pour ensuite de´terminer l’intensite´ du champ magne´tique potentielle-
ment pre´sent dans le vent stellaire de l’objet observe´. Au total, 12 e´toiles WR
brillantes ont e´te´ observe´es a` partir du te´lescope de 3.6 me`tres Canada-France-
Hawaii, situe´ au sommet du mont Mauna Kea a` 4200 me`tres d’altitude sur l’ˆıle
d’Hawaii. Le spectropolarime`tre ESPaDOnS fut utilise´ afin d’obtenir les spectres
de lumie`re polarise´e (Stokes V , Q et U). Les donne´es furent ensuite re´duites a` partir
des logiciels Libre-ESpRIT et Upena, puis compare´es au mode`le de vent stellaire
magne´tique propose´ par Gayley & Ignace (2010). La proce´dure d’infe´rence baye´-
sienne fut utilise´e afin de mode´liser les observations et ainsi obtenir une estimation
de l’intensite´ magne´tique des e´toiles cible´es ou, dans le cas de non-de´tections, des
limites supe´rieures. Les sections 2.1, 2.2 et 2.3 pre´sentent les bases sur lesquelles
s’appuient ce projet de recherche.
Ce dernier peut eˆtre divise´ en deux grandes cate´gories qui sont pre´sente´es en de´-
tails aux chapitres 3 et 4. La premie`re partie de cette e´tude se concentre sur l’e´toile
EZ CMa = WR6 = HD 50896. Elle est l’une des plus brillantes e´toiles WR de la
galaxie (mV = 6.94) et aussi, l’une des mieux e´tudie´e a` ce jour. Les observations
montrent la pre´sence de variabilite´s pe´riodiques (P = 3.766 jours) qui sont ge´ne´-
ralement interpre´te´es comme des variations dynamiques du vent stellaire et lie´es a`
la rotation de l’e´toile. Afin d’expliquer plusieurs des phe´nome`nes observe´s dans le
vent de EZ CMa, diffe´rents chercheurs ont propose´ la pre´sence de CIRs aux origines
magne´tiques. Or, la de´tection d’un champ magne´tique a` grande e´chelle n’e´tait pas
envisageable par le passe´, principalement en raison de contraintes instrumentales.
Avec l’arrive´e de la nouvelle ge´ne´ration de spectropolarime`tres, l’on pouvait donc
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espe´rer obtenir la premie`re de´tection directe d’un champ magne´tique chez EZ CMa.
L’e´toile fut donc observe´e a` plusieurs reprises (en 2005, 2009 et 2010) en misant
sur une couverture temporelle comple`te de sa pe´riode de rotation. En raison du
nombre et de la qualite´ des donne´es recueillies, la me´thodologie analytique utilise´e
lors de ce projet de doctorat fut de´veloppe´e a` partir des observations de EZ CMa.
Le chapitre 3 pre´sente donc, en plus des re´sultats, les de´tails de l’analyse magne´-
tique ainsi que les solutions propose´es aux diffe´rents proble`mes rencontre´s lors du
traitement des donne´es.
Une fois les bases de l’analyse e´tablies, les spectres de 11 autres e´toiles WR ont
e´te´ examine´s afin d’y de´tecter la pre´sence d’un champ magne´tique. Ces e´toiles furent
observe´es d’une manie`re plus sommaire en obtenant parfois qu’un seul spectre par
e´toile. Cette strate´gie fut adopte´e dans l’objectif d’observer un plus grand nombre
d’e´toiles WR et ainsi, d’augmenter les chances de de´tecter un champ magne´tique.
En effet, dans l’e´ventualite´ ou` l’une d’entre elles s’ave´rait magne´tique, son obser-
vation nous permettrait de de´tecter directement son champ dans la mesure ou`
celui-ci est significatif. Dans ce cas, meˆme si un seul spectre e´tait obtenu, et que
conse´quemment la ge´ome´trie du champ ne pouvait pas eˆtre de´termine´e, la simple
de´tection directe du champ repre´senterait une premie`re dans l’e´tude des e´toiles
Wolf-Rayet. Le chapitre 4 pre´sente les re´sultats de l’analyse magne´tique applique´e
aux 11 e´toiles.
2.1 ESPaDOnS
Les observations effectue´es dans le cadre de ce projet ont e´te´ faites a` partir du
te´lescope de 3.6m Canada-France-Hawaii (CFHT) et d’un de ses instruments : le
spectropolarime`tre ESPaDOnS 1. Cette section pre´sente les principales caracte´ris-
tiques de cet instrument ainsi que son logiciel de re´duction de donne´es (pour de
plus amples informations, voir aussi Donati et al. 1997; Manset & Donati 2003).
1L’acronyme ESPaDOnS provient de l’anglais Echelle Spectro-Polarimetric Device for the Ob-
servation of Stars. Une description de´taille´e de l’instrument est disponible sur le site web du
CFHT a` l’adresse http ://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/
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ESPaDOnS est un spectropolarime`tre e´chelle a` haute re´solution spectrale ali-
mente´, par fibres optiques, a` partir d’un module Cassegrain . Ce dernier est situe´ au
foyer Cassegrain du te´lescope et contient l’e´quipement ne´cessaire au guidage et a`
la calibration ainsi que le polarime`tre. Le module spectroscopique de l’instrument
se situe quant a` lui dans la salle Coude´ du CFHT et est compose´ du dissecteur
d’image, du spectrographe et du de´tecteur CCD. Il fut conc¸u pour couvrir les lon-
gueurs d’onde allant de 370 nm a` 1 050 nm espace´es sur un re´seau de 40 ordres
spectrales2. Dans son mode d’utilisation spectropolarime´trique, ESPaDOnS produit
simultane´ment deux faisceaux aux e´tats de polarisation orthogonaux qui sont utili-
se´s pour construire le spectre en intensite´ (Stokes I) et l’un des 3 autres parame`tres
de Stokes (Q, U ou V ). Ce mode d’utilisation permet d’obetnir R = λ/∆λ ∼ 68000.
L’efficacite´ de l’instrument, incluant le te´lescope et le de´tecteur, se situe entre 15%
et 20%.
De`s les premie`res phases de construction d’ESPaDOnS, une fuite entre les dif-
fe´rents parame`tres de Stokes fut observe´e (Barrick et al. 2010). A` l’origine, cette
fuite (appelle´e cross-talk) e´tait e´value´e a` approximativement 20%. C’est donc dire
qu’une quantite´ non ne´gligeble et non de´sire´ de flux polarise´ circulairement (Stokes
V ) se retrouvait dans le flux polarise´ line´airement (Stokes Q et U), et vice versa. A`
travers les anne´es, plusieurs modifications furent apporte´es a` ESPaDOnS de sorte
qu’aujourd’hui, le niveau de cross-talk est en dec¸a de 1%. Les observations ob-
tenues lors de ce projet de recherche contribue`rent grandement a` la diminution
du niveau cross-talk. En effet, la majorite´ des programmes d’observation effectue´s
a` partir d’ESPaDOnS ont pour cibles des e´toiles ne montrant pas (ou tre`s peu)
de polarisation line´aire. L’existence d’un cross-talk n’a donc pas d’influence signi-
ficative sur la polarisation circulaire mesure´e. Or, la lumie`re de certaines e´toiles
Wolf-Rayet (p.ex. WR6) est line´airement polarise´e a` un niveau atteignant parfois
10 fois celui observe´ en polarisation circulaire. Dans une telle situation, l’effet du
cross-talk ne peut donc pas eˆtre ne´glige´, surtout lorsque de tre`s faibles amplitudes
2La couverture spectrale d’ESPaDOnS est interrompue a` 3 endroits : de 922.4 a` 923.4 nm, de
960.8 a` 963.6 nm et de 1 002.6 a` 1 007.4 nm.
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Stokes V (d’origine magne´tique) sont attendues. Ce projet de doctorat mis donc en
e´vidence les proble`mes lie´s a` la pre´sence de cross-talk dans les donne´es ESPaDOnS.
Les observations d’e´toiles WR motive`rent donc l’e´quipe technique responsable du
spectropolarime`tre a` se pencher sur cette proble´matique afin d’identifier l’origine
du cross-talk et ensuite l’e´liminer.
La re´duction de donne´es s’est effectue´e a` partir des logiciels Libre-ESpRIT (de´-
veloppe´ spe´cifiquement pour la re´duction de donne´es spectropolarime´triques e´chelle
par Donati et al. 1997) et Upena. Ce dernier est base´ sur Libre-ESpRIT et fut de´ve-
loppe´ par le CFHT afin d’offrir aux utilisateurs un service de re´duction de donne´es
plus efficace. La proce´dure de re´duction s’effectue en deux e´tapes. La premie`re
consiste a` de´terminer la position et la forme de chacune des 40 ordres spectrales
pour ensuite parvenir a` les calibrer en longueur d’onde. La relation entre longueur
d’onde et les pixels du de´tecteurs est obtenue graˆce a` une lampe de comparaison
au thorium. La deuxie`me e´tape de la re´duction de donne´es effectue l’extraction des
parame`tres de Stokes. En plus du flux (Stokes I) et de la polarisation (Stokes Q, U
ou V ), Libre-ESpRIT (Upena) ge´ne`re deux spectres nuls nomme´s N1 et N2 et les
barres d’erreur associe´es a` chaque quantite´. Les spectres nuls sont par de´finition
plats et centre´s a` ze´ro (Donati et al. 1997). Par conse´quent, ils sont utilise´s pour
identifier la pre´sence de signaux parasites dans les donne´es qui seraient engendre´s
par un proble`me lie´ a` l’instrumentation ou a` la re´duction. En somme, les observa-
tions ESPaDOnS re´duites a` partir de Libre-ESpRIT (Upena) consiste en un spectre
de polarisation (line´aire ou circulaire) contenant environ 214 000 points, duquel la
polarisation du continu est soustraite. Dans le chapitre 3, les proce´dures d’observa-
tion et de re´duction seront aborde´es de manie`re plus approfondies. Le phe´nome`ne
de cross-talk (et de son e´limination) sera aussi discute´.
2.2 Le mode`le du split monopole
Les observations obtenues lors de ce projet ont e´te´ compare´es aux des pre´dic-
tions the´oriques de Gayley & Ignace (2010). Ces auteurs ont calcule´ le profil de
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polarisation circulaire Stokes V pour une raie d’e´mission forme´e dans un vent ma-
gne´tique d’e´toile massive sans rotation. La configuration magne´tique conside´re´e
dans leurs travaux prend la forme du split monopole. Cette configuration est adop-
te´e en supposant que l’e´nergie me´canique du vent domine l’e´nergie magne´tique du
champ. Dans une telle situation, un champ initialement dipolaire est e´tire´ par l’ex-
pansion radiale du vent stellaire. La ge´ome´trie induite d’un tel champ ressemble a`
un monopole a` l’exception que les he´misphe`res magne´tiques posse`dent des polarite´s
oppose´es(ud-Doula & Owocki 2002). La quantification de l’effet Zeeman s’effectue
en adoptant l’approximation de champ-faible et l’approximation de Sobolev. Gay-
ley & Ignace (2010) obtiennent alors un profil Stokes V tre`s particulier dont la
forme rappelle celle d’un battement cardiaque (heartbeat). Ce profil, illustre´ a` la
figure 2.1, montre plusieurs inversions de polarite´. Son amplitude est de´termine´e
par le rapport de l’intensite´ magne´tique et de la vitesse du vent dans la re´gion de
formation de la raie, B/v. Pour une raie forme´e a` la base du vent stellaire (v = 100
km s−1) et une intensite´ magne´tique de B = 100 G, le niveau de polarisation circu-
laire (Stokes V/I) atteint approximativement de 0.1% a` 0.3%. Mathe´matiquement,
les expressions de´crivant les profils Stokes V et Stokes I sont respectivement
V ∗(x)
I(x)
=


3(p−2)
p+3
brx
2 si |x| < 1,
−p(p−2)
p+3
brx
−3 si |x| > 1
(2.1)
et
I(x) =


1
p−2
si |x| < 1,
x−(p−2)
p−2
si |x| > 1 .
(2.2)
Dans les e´quations ci-dessus, la longueur d’onde x est exprime´e en unite´s du de´ca-
lage Doppler d’une vitesse vr, de sorte que
∆x =
∆λB
λ0
c
vr
, (2.3)
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Figure 2.1 Profil de polarisation circulaire pre´dit pour un champ magne´tique de type
split monopole de B = 100 G et observe´ par le poˆle. Ce profil de polarisation relative
(Stokes V/I) est obtenu pour une raie optiquement e´paisse (mais effectivement
mince) centre´e a` λ = 550 A˚ qui se forme dans les re´gions les plus profondes
d’un vent stellaire (v=100 km s−1). Les diffe´rentes courbes pointille´es repre´sentent
diffe´rents choix d’e´missivite´, p = 4, 5 et 6 (voir l’e´quation 2.4). Plus le parame`tre p
est e´leve´, plus l’amplitude du profil Stokes V/I l’est aussi. Le trait plein repre´sente
le profil d’une raie d’e´mission de type flat-topped. Tire´ de (Gayley & Ignace 2010).
ou` vr repre´sente la vitesse de la zone formation de la raie d’e´mission, λ0 la longueur
d’onde centrale de la raie et c, la vitesse de la lumie`re. De plus, le parame`tre
p provient de la fonction d’e´missivite´ de la raie qui de´crit le taux de production
(isotropique) d’e´nergie radiative dans la raie par unite´ de volume et par angle solide.
La fonction d’e´missivite´ prend la forme d’une loi de puissance
j(r) = j0r
−p , (2.4)
ou` p peut servir a` repre´senter diffe´rents me´canismes d’emission, divers degre´s d’io-
nisation et diffe´rentes lois de vitesse. Typiquement, l’exposant prend la valeur de
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p ≃ 6 pour une raie de recombinaison ce qui est particulie`rement pertinent afin
de mode´liser les raies d’e´mission d’e´toiles WR. Il s’agit donc de la valeur adopte´e
lors de la comparaison entre les observations ESPaDOnS et le mode`le de Gayley &
Ignace (2010).
Puisque l’objectif de Gayley & Ignace (2010) est de de´terminer le rapport V/I,
les auteurs ont parametrise´ leur mode`le de manie`re a` pouvoir l’appliquer facilement
a` une raie spectrale quelconque. Ainsi, |x| = 1 correspond typiquement a` longueur
d’onde de re´sonance de la raie. Sur le profile Stokes I(x), |x| = 1 correspond alors
aux bords d’un sommet de type flat top ou a` la demi-largeur a` mi-hauteur pour
les profils plus arrondis. Par ailleurs, la quantite´ ∆λB qui apparait a` l’e´quation 2.3
est analogue a` l’e´quation 1.6 et est de´finie comme le de´calage duˆ a` l’effet Zeeman
longitudinal :
∆λB = 1.4× 10
−3A˚ geff
−→
B · nˆ
100 G
( λ0
5500 A˚
)2
. (2.5)
Sous sa forme mathe´matique, V ∗(x) correspond a un champ (hypothe´tique) de´-
montrant une syme´trie sphe´rique. Bien que cette approche soit physiquement tre`s
peu cre´dible lorsque V ∗(x) repre´sente un champ monopolaire (B ∝ 1/r2), la trans-
formation de V ∗(x) vers V (x) (pour obtenir le profil associe´ au split monopole)
s’effectue simplement en inversant le signe V ∗(x) pour un coˆte´ de la raie d’e´mis-
sion, a` partir de son centre. Donc a` partir de l’e´quation 2.1 le profil Stokes V/I
repre´sentant la configuration magne´tique du split monopole est obtenu via
V (x) = V ∗(x)
x
|x|
(2.6)
Pour terminer cette section, il est important de mentionner que le mode`le de
Gayley & Ignace (2010) ne tient pas compte de la rotation de l’e´toile, ni de l’occul-
tation stellaire qui pourrait affecte´e les raies d’e´mission forme´es pre`s de la surface
de l’e´toile. Ces deux restrictions ne sont cependant pas tre`s contraignantes dans le
cas des e´toiles WR puisque, de manie`re ge´ne´rale, on s’attend a` ce que leurs taux
de rotation soient faibles (Chene´ & St-Louis 2011; St-Louis et al. 2009). De plus,
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les spectres ESPaDOnS sont peuple´s de raies d’e´mission qui, pour la plupart, sont
forme´es a` plusieurs rayons stellaires de l’e´toile. Par conse´quent, on peut conside´rer
que la radiation lumineuse provenant d’un vent WR et observe´e dans le domaine
du visible, n’est ge´ne´ralement pas occulte´e par la surface stellaire. Par ailleurs, les
discontinuite´s pre´sentes a` |x| = 1 (voir figure 2.1) sont le re´sultat (artificiel) de la
de´marche adopte´e par Gayley & Ignace (2010). Les auteurs mentionnent qu’une
transition plus continue est a` pre´voir, en re´alite´, dans ces re´gions du profil de raie
et que par conse´quent, le niveau de polarisation atteint a` |x| = 1 ne devrait pas
eˆtre conside´re´ comme observationnellement envisageable.
2.3 Les statistiques baye´siennes
Tel que mentionne´ au de´but de ce chapitre, l’analyse des donne´es spectropolari-
me´triques a principalement e´te´ re´alise´e par l’utilisation des statistiques baye´siennes.
La pre´sente section effectue un survol des principes utilise´s lors de cette analyse.
Pour une couverture approfondie du sujet, le lecteur est invite´ a` consulter l’ou-
vrage de Gregory (2010). Les statistiques baye´siennes re´pondent avantageusement
aux besoins de mode´lisation engendre´s par ce projet de recherche. En effet, les
observations ont e´te´ compare´es au mode`le du split monopole (voir Section 2.2) de
manie`re a` de´terminer les proprie´te´s magne´tiques des e´toiles Wolf-Rayet observe´es.
Notre analyse utilise les principes d’infe´rence baye´sienne pour obtenir des rapports
de cotes entre deux mode`les aptes a` de´crire les observations et ainsi de´terminer
lequel de ceux-ci doit eˆtre favorise´. De plus, il fut possible de de´terminer les valeurs
les plus probables pour les parame`tres du mode`le en identifiant certains re´gions
cre´dibles dans l’espace de ces parame`tres. Ceci repre´sente un avantage significatif
de l’infe´rence baye´sienne puisque, pour un parame`tre choisi, il est possible d’e´ta-
blir une re´elle probabilite´ de sa valeur base´e seulement sur les donne´es recueillies.
Lors de non-de´tections, ces meˆmes re´gions de cre´dibilite´ ont e´te´ utilise´es pour e´ta-
blir une limite supe´rieure de l’intensite´ du champ magne´tique admissible par les
observations .
38
Les statistiques traditionnelles (frequentist statistics) de´finissent la probabilite´
d’observer un e´ve`nement comme la fre´quence de ce dernier lors d’observations suc-
cessives effectue´es dans des conditions identiques. La probabilite´ est alors base´e
sur l’occurrence hypothe´tique d’un e´ve´nement et doit eˆtre interpre´te´e comme la
chance d’observer le meˆme e´ve´nement lors d’une collecte de donne´e identique. Les
statistiques baye´siennes offre plutoˆt une extension des principes de logique utilise´s
pour de´terminer la plausibilite´ d’un e´ve´nement, et non pas sa fre´quence. L’infe´-
rence baye´sienne utilise seulement nos connaissances actuelles et l’ensemble des
donne´es recueillies afin de construire une distribution de probabilite´ pour les pa-
rame`tres d’un mode`le. De plus, les statistiques baye´siennes permettent d’inclure
quantitativement les incertitudes lie´es aux parame`tres ou aux observations lors de
la mode´lisation. Au final, il est possible de de´terminer les valeurs les plus probables
d’un parame`tre tel qu’il pourrait exister dans les donne´es recueillies.
Le the´ore`me de Bayes de´crit un processus d’apprentissage, c.-a`.d. la manie`re
dont la probabilite´ d’une hypothe`se Hi devrait eˆtre modifie´e en fonction de nos
connaissances, I, et de nouvelles observations, D. En d’autres mots, la plausibi-
lite´ d’une hypothe`se est de´termine´e en calculant la probabilite´ de celle-ci compte
tenu des donne´es recueillies et de l’information de´tenue au pre´alable. Le the´ore`me
s’exprime sous la forme suivante :
p(Hi|D, I) =
p(Hi|I)p(D|Hi, I)
p(D|I)
(2.7)
Le terme de gauche, p(Hi|D, I), repre´sente la probabilite´ a` poste´riori et doit eˆtre
interpre´te´ comme la probabilite´ que l’hypothe`se Hi soit vraie compte tenu des
observations D et de l’information connue avant l’acquisition de nouvelles observa-
tions, I. Au nume´rateur, p(Hi|I) est appele´ la probabilite´ a` priori et repre´sente la
probabilite´ que l’hypothe`se Hi soit vraie compte tenu des informations I connues
a` priori. Apparaissant aussi au nume´rateur, p(D|Hi, I) est la probabilite´ d’avoir
obtenu les donne´es D sachant que l’hypothe`se Hi et les connaissances a` priori I
sont vraies. Cette probabilite´ est aussi nomme´e la vraisemblance (likelihood) de Hi
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et est parfois exprime´e par L(Hi). Finalement, le de´nominateur p(D|I) repre´sente
la vraisemblance globale (global likelihood), c.-a`.d. la somme des multiplications
entre les probabilite´s a` priori multiplie´es et les vraisemblances pour l’ensemble des
hypothe`ses. Mathe´matiquement, la vraisemblance globale s’exprime comme
p(D|I) =
∑
i
p(Hi|I)p(D|Hi, I) (2.8)
et, a` partir de l’e´quation 2.7, cela signifie que la somme des probabilite´s a` poste´riori
doit eˆtre e´gale a` 1 : ∑
i
p(Hi|D, I) = 1 (2.9)
Lors de recherche scientifique, il est souvent ne´cessaire d’e´valuer quel mode`le
the´orique est susceptible d’offrir la meilleure description d’un phe´nome`ne observe´.
Graˆce aux statistiques baye´siennes, il est possible de comparer plusieurs mode`les
compe´titifs, Mi, et ainsi de´terminer lequel, base´ sur les observations, est le plus
plausible. En e´mettant l’hypothe`se que l’un des mode`les est « exact », la probabilite´
a` poste´riori pour chacun des mode`les compare´s est exprime´e par, selon le the´ore`me
de Bayes (voir l’e´quation 2.7) :
p(Mi|D, I) =
p(Mi|I)p(D|Mi, I)
p(D|I)
(2.10)
Puis, la comparaison entre deux mode`les s’effectue en calculant le rapport de cotes3.
Pour un mode`leMi qui est compare´ a` un mode`leMj, le rapport de cotes est obtenu
a` partir de l’e´quation suivante :
Oij =
p(Mi|D, I)
p(Mj|D, I)
=
p(Mi|I)
p(Mj|I)
p(D|Mi, I)
p(D|Mj, I)
≡
p(Mi|I)
p(Mj|I)
Bij . (2.11)
Le terme p(Mi|I)/p(Mj|I) repre´sente le rapport des probabilite´s a` priori de chaque
mode`le et sert a` chiffrer la plausibilite´ relative de chaque mode`le selon les infor-
3L’expression rapport de cotes (parfois appele´ rapport de chances) provient de l’anglais odds
ratio
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mations connues a` priori. On appelle la quantite´ Bij facteur de Bayes. Ce dernier
repre´sente le rapport des vraisemblances globales et indique de quelle manie`re les
deux mode`les reproduisent les donne´es recueillies. Ici, il est important d’introduire
un principe fondamentalement lie´ au facteur de Bayes et par conse´quent au test
d’hypothe`ses : le principe du rasoir d’Occam. Ce dernier exprime le fait que face
a` deux hypothe`ses, la plus simple se doit d’eˆtre privile´gie´e. Le roˆle du facteur de
Bayes dans le calcul de Oij est de s’assurer que le mode`le le plus complexe sera
privile´gie´ seulement si les observations justifient re´ellement un plus haut degre´ de
complexite´ ; en d’autres mots, si les nouvelles donne´es justifient l’ajout de para-
me`tres supple´mentaires au mode`le.
Lorsqu’un mode`le the´orique est juge´ ade´quat pour de´crire un phe´nome`ne phy-
sique, l’e´tape suivante est de proce´der a` l’estimation de ses parame`tres. A` cet effet,
l’utilisation du the´ore`me de Bayes se veut tre`s inte´ressante. L’e´valuation de chaque
parame`tre s’effectue alors par l’entremise de la fonction de densite´ de probabilite´
(PDF4) associe´e a` chacune des variables a` estimer. Par exemple, en conside´rant
qu’un mode`le M est de´fini par un parame`tre θ, la quantite´ p(θ|M)dθ repre´sente la
probabilite´ a` priori que la valeur du parame`tre se trouve dans l’intervalle [θ, θ+dθ].
Dans ce cas le the´ore`me de Bayes prend la forme suivante :
p(θ|D,M) =
p(θ|M)p(D|θ,M)
p(D|M)
. (2.12)
En comparant les e´quations 2.7 et 2.12, on s’aperc¸oit que le parame`tre θ repre´sente
l’hypothe`se d’inte´reˆt, Hi, et que les connaissances a` priori, I, sont refle´te´s par la
supposition de validite´ du mode`le M. Par ailleurs, comme l’espace du parame`tre est
continu, la somme apparaissant a` l’e´quation 2.8 devient une inte´grale de sorte que
la vraisemblance globale pour le mode`le M est e´value´e par l’expression suivante :
p(D|M) =
∫
p(θ|M)p(D|θ,M)dθ = L(M) . (2.13)
4L’abre´viation PDF provient de l’anglais Probability Density Function
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De manie`re ge´ne´rale, la vraisemblance globale d’un mode`le est e´gale a` la moyenne
ponde´re´e des vraisemblances de chacun de ses parame`tres. De plus, lorsqu’un mo-
de`le est de´crit par plusieurs parame`tres, plusieurs inte´grales sont utilise´es dans
l’e´quation 2.13. Typiquement, la probabilite´ a` priori et la vraisemblance sont at-
tribue´es directement lorsque l’on proce`de a` l’estimation de parame`tres. Dans un tel
cas, L(M) repre´sente simplement une constante de normalisation sans signification
inte´ressante.
Lorsque l’on proce`de a` l’estimation d’un ou plusieurs parame`tres, la solution
engendre´e par l’infe´rence baye´sienne n’est pas une ou plusieurs valeurs singulie`res
(dans l’espace des parame`tres), mais bien la densite´ de probabilite´ a` poste´riori
p(θ|D,M). E´videmment, il est souvent utile, voire ne´cessaire, de pre´senter les re´-
sultats par l’interme´diaire des meilleurs parame`tres et de leurs incertitudes respec-
tives. La valeur la plus probable du parame`tre θ est e´value´e a` partir du mode de
la densite´ de probabilite´, tandis que la moyenne de la densite´ de probabilite´ est
exprime´e par l’e´quation 2.14.
〈θ〉 =
∫
θ p(θ|D,M) dθ (2.14)
Parfois, la densite´ de probabilite´ est si asyme´trique que de la repre´senter par un seul
parame`tre (p.ex. le mode ou la moyenne) n’est pas suffisant. Il est alors possible
de de´finir un intervalle de valeurs probables pour le parame`tre θ, de´crit comme
une re´gion cre´dible R, qui contient un pourcentage C de la densite´ de probabilite´
a` poste´riori (p.ex. C = 95%),
C =
∫
R
p(θ|D,M) dθ . (2.15)
A` l’inte´rieur de la re´gion R, la densite´ de probabilite´ est partout plus grande qu’a`
l’exte´rieur de R. De cette manie`re, il est possible d’attribuer directement une pro-
babilite´ au parame`tre estime´. Par exemple, la solution offerte par l’infe´rence baye´-
sienne peut s’exprimer comme ceci : la probabilite´ que le parame`tre θ se situe dans
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l’intervalle R est de C.
Jusqu’ici, la solution de l’infe´rence baye´sienne fut exprime´e par la PDF a` poste´-
riori. Cette dernie`re est dite comple`te et conjointe pour tout l’espace de parame`tres.
Or, il est fre´quent que, de tous les parame`tres d’un mode`le, seulement un soit in-
te´ressant. Ainsi, si un mode`le M est compose´ de deux parame`tres, par exemple, θ
et φ, la probabilite´ a` poste´riori s’e´crit p(θ, φ|D,M). Dans l’e´ventualite´ ou` l’un des
deux parame`tres est sans inte´reˆt (ou si l’on de´sire simplement se concentrer sur
l’un des deux parame`tres), il s’agit simplement d’inte´grer sur la dimension du pa-
rame`tre identifie´ comme nuisible. Par exemple, on obtient la probabilite´a` poste´riori
du parame`tre θ par :
p(θ|D,M) =
∫
p(θ, φ|D,M) dφ . (2.16)
L’inte´gration de parame`tres nuisibles est historiquement appele´e marginalisation
et, conse´quemment, p(θ|D,M) obtenu de l’e´quation 2.16 repre´sente la fonction de
densite´ de probabilite´ a` poste´riori marginalise´e pour θ.
Au de´but de la pre´sente section, le the´ore`me de Bayes a e´te´ introduit (e´quation
2.7) et les diffe´rentes probabilite´s qui le composent ont e´te´ de´crites. L’une d’entre
elle, p(Hi|I), repre´sente la probabilite´ a` priori. Celle-ci permet d’inclure dans la
proce´dure d’infe´rence baye´sienne toute l’information disponible pre´alablement a`
l’acquisition de nouvelles donne´es. Par contre, il arrive parfois que cette information
n’est pas disponible ou simplement inexistante. Dans ce cas, il est possible de de´finir
des PDF a` priori en adoptant diffe´rentes approches. Dans ce qui suit, quelques-une
d’entre elles sont de´crites.
Le principe d’ignorance. Lorsqu’un phe´nome`ne est e´tudie´ pour la premie`re
fois, le niveau d’ignorance est tre`s e´leve´. Il est donc utile de fonder le choix de la
probabilite´ a` priori sur certains arguments. Le principe d’ignorance dicte que la
probabilite´ associe´e a` N hypothe`ses mutuellement exclusives est 1/N. Cependant,
lors de l’estimation d’un parame`tre, il existe ge´ne´ralement quelques informations
disponibles qui permettent de contraindre davantage la probabilite´ a` priori. Par
43
exemple, il est fre´quent de connaˆıtre la valeur minimale et maximale du parame`tre
d’inte´reˆt. Le choix de la probabilite´ a` priori de´pend alors du type de parame`tre
implique´ dans le mode`le.
La probabilite´ a` priori uniforme. Lorsqu’un parame`tre est mesure´ a` partir
d’une origine et qu’en conse´quence, il peut prendre des valeurs positives ou ne´ga-
tives, l’on est en pre´sence d’un parame`tre de position (location parameter). Dans
une situation d’ignorance comple`te, le choix de la probabilite´ a` priori se doit d’eˆtre
invariante a` un changement du point d’origine. Si l’on suppose que le parame`tre θ
est de´fini par les valeurs minimale et maximale θmin et θmax, et qu’en plus, il existe
un nombre infini de valeurs possibles et mutuellement exclusives dans l’intervalle
[θmin, θmax], l’hypothe`se que la valeur re´elle de θ se trouve entre θ et θ + dθ a une
probabilite´ de dθ. Ainsi, la densite´ de probabilite´ est appele´e probabilite´ a` priori
uniforme et prend la forme suivante :
p(θ|M) =
1
θmax − θmin
. (2.17)
La probabilite´ a` priori de Jeffreys. Lorsque le parame`tre implique´ dans un
mode`le ne peut que prendre des valeurs positives, il s’agit d’un parame`tre d’e´chelle
(scale parameter). Par exemple, l’intensite´ d’un champ magne´tique5 est un para-
me`tre d’e´chelle et peut eˆtre mesure´e en gauss ou en tesla. Peu importe le sys-
te`me d’unite´ choisi, le re´sultat de l’infe´rence statistique doit eˆtre le meˆme. Il est
alors ne´cessaire de de´finir une densite´ de probabilite´ invariante sous un changement
d’e´chelle (d’unite´). Dans ce cas, une probabilite´ a` priori de Jeffreys6 est utilise´e
(voir e´quation 2.18).
p(θ|M) =
1
θ ln(θmax/θmin)
(2.18)
Lorsque l’intervalle de valeur que peut prendre un parame`tre couvre plusieurs
5Lorsque l’intensite´ d’un champ magne´tique prend des valeurs ne´gatives, celles-ci repre´sentent
en re´alite´ la nature du poˆle observe´, en l’occurrence le poˆle ne´gatif. L’utilisation de valeurs positives
et ne´gatives pour de´crire les variations d’un champ magne´tique sert donc a` pre´ciser l’orientation
du champ par rapport a` l’observateur, puisque l’intensite´ magne´tique ne peut qu’eˆtre positive.
6En l’honneur de Sir Harold Jeffreys qui fut le premier a` proposer le type de probabilite´ a`
priori
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e´chelles de grandeur, le choix d’une probabilite´ a` priori uniforme pour un pa-
rame`tre d’e´chelle tend a` accorder plus de poids aux grandes valeurs par rapport
aux plus petites. A` l’oppose´, la probabilite´ a` priori de Jeffreys, de par son e´chelle
logarithmique, accorde la meˆme probabilite´ aux grandes et aux petites e´chelles.
La probabilite´ a` priori de Jeffreys modifie´e. Finalement, certains para-
me`tres d’e´chelle, comme l’intensite´ magne´tique, peuvent the´oriquement eˆtre nuls.
Dans une telle circonstance l’e´quation 2.18 n’est plus de´finie. Afin de contourner
cette contrainte mathe´matique, une version modifie´e de la probabilite´ a` priori de
Jeffreys e´limine la singularite´ (voir e´quation 2.19). Lorsque θ < a, ce type de pro-
babilite´ a` priori agit comme le type uniforme et lorsque θ > a, elle agit comme une
probabilite´ a` priori de Jeffreys.
p(θ|M) =
1
(θ + a) ln(a+θmax
a
)
(2.19)
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Abstract
We report on the first deep, direct search for a magnetic field via the circular
polarization of Zeeman splitting in a Wolf-Rayet star. Using the highly-efficient
ESPaDOnS spectropolarimeter at the Canada-France-Hawaii telescope (CFHT),
we observed at three different epochs one of the best WR candidates in the sky
expected to harbor a magnetic field, the bright, highly variable WN4 star EZ
CMa = WR6 = HD 50896. We looked for the characteristic circular polarization
(Stokes V ) pattern in strong emission lines that would arise as a consequence of
a global, rotating magnetic field with a split monopole configuration. We also
obtained nearly-simultaneous linear polarization spectra (Stokes Q and U), which
are dominated by electron scattering, most likely from a flattened wind with large-
scale corotating structures. As the star rotates with a period of 3.766 days, our view
of the wind changes, which in turn affects the value of the linear polarization in lines
versus continuum at the ∼ 0.2% level. Depending on the epoch of observation, our
Stokes V data were affected by significant cross-talk from Stokes Q and U to V . We
removed this spurious signal from the circular polarization data and experimented
with various levels of spectral binning to increase the signal-to-noise of our data.
In the end, no magnetic field is unambiguously detected in EZ CMa. Assuming the
aDe´partement de physique, Universite´ de Montre´al and Centre de Recherche en Astrophysique
du Que´bec (CRAQ), C.P. 6128, succ. centre-ville, Montre´al (Que´bec), H3C 3J7, Canada
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star is intrinsically magnetic and harbors a split monopole configuration, we find
an upper-limit of B ∼ 100 G for the intensity of its field in the line-forming regions
of the stellar wind.
Keywords : magnetic field — polarization — stars: early-type — stars: Wolf-Rayet
— techniques: polarimetric
3.1 Introduction
In the Universe, magnetic fields can be found in a variety of celestial objects.
Stars are no exception. In fact, stellar magnetism is ubiquitous in most parts of
the HR diagram. However, its characteristics such as the field strength, topology
and the percentage of magnetic stars at a given spectral type are known to a
lesser extent and need to be further investigated. Nonetheless, some stars are now
definitely considered as magnetic, even strongly so, while others present a much less
obvious portrait of their magnetism. Massive stars (Minit > 8M⊙) fall in this latter
category. Despite their relatively small numbers, they dominate the ecology of the
Universe via their extreme output in photons and particles. This occurs not only
during the final supernova (SN) explosion but, especially for the more luminous
hot stars, via their fast dense winds during their entire lifetimes. Whereas the
presence of a magnetic field seems to be a common feature among low-mass stars
(Minit < 1.5 M⊙), only a minority of high-mass stars show magnetic properties.
Nonetheless, there are very good reasons to expect some massive stars to har-
bor magnetic fields. As the ISM itself possesses organized, large-scale magnetic
fields (Valle´e 2004), it is unavoidable, assuming magnetic flux conservation (Heiles
& Crutcher 2005) in plasmas, that all type of stars, because they result from cloud
collapse, will have a fossil magnetic field, possibly a very strong one, at least when
they enter the ZAMS. Moreover, Cantiello et al. (2009) studied the iron convec-
tion zone of hot massive stars and suggested that magnetic fields produced in this
sub-photospheric convective layer could rise to the surface of OB stars. These
models certainly represent a step forward, but refinements are still needed. In
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particular, magnetohydrodynamic models have not yet confirmed the efficiency of
the Tayler-Spruit instability in stellar interiors (Mathis & Zahn 2005). It is clear
that models with magnetic fields need to be urgently constrained observationally.
Magnetic fields could also be the cause of abundance anomalies (Henrichs 2001;
Henrichs et al. 2003); be a key factor in the generation of non-thermal and/or
X-ray emission (Chlebowski 1989; Drake 1990); and possibly be at the origin of
large-scale wind asymmetries which lead to rotationally modulated, periodic spec-
tral and photometric variability (St-Louis et al. 1995). Indeed, the morphology
of a rotating stellar wind can be influenced if the mass-loss rate per unit area
of the stellar surface is non-uniform, perhaps due to a corotating magnetic field
(Harries 2000). Corotating Interaction Regions (CIRs) can then be formed by ra-
dial streams of higher and/or lower density material twisted by differential wind
rotation into spiral structures (Cranmer & Owocki 1996). Therefore, spectropo-
larimetry of population I WR stars at a high level of sensitivity will most certainly
provide constraints for future modeling and thus may have major implications on
our understanding of their evolution.
Furthermore, neutron stars (NS), the descendants of many massive stars with
initial masses in the range of 8 M⊙ . Minit . 20 M⊙ (Hansen et al. 2004), display
large magnetic fields, typically with B ∼ 1012−13 G, which translates, via magnetic
flux conservation, to B ∼ 2− 20 G at the surfaces of early OB-type stars. Extrap-
olating to more massive stars, these relatively low field values possibly explains the
fact that at present, detectable magnetic fields seem to be the exception for O stars
rather than the rule (Wade et al. 2012a). The few O stars with strong magnetic-
field detections may be related to magnetars with B ∼ 1015 G (Thompson, Chang,
& Quataert 2004), which are likely the remnants of massive stars above 30-40 M⊙
(Gaensler et al. 2005). Magnetars are neutron stars, which implies that at least
some stars above 20 M⊙ can become NS after all, and not necessarily BHs (Fryer
& Kalogera 2001; Heger et al. 2003).
Currently, less than 20 OB-type stars have definite detections of surface mag-
netic fields (Walder, Folini, & Meynet 2012) and no direct detection has been made,
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up to now, for their evolutionary successors, Wolf-Rayet (WR) stars; the real chal-
lenge in this latter case is, in fact, to unambiguously detect the field. The direct
detection of a magnetic field in WR stars requires instruments that were not avail-
able until the arrival of ESPaDOnS (Echelle Spectro-Polarimetric Device for the
Observations of Stars) at CFHT and FORS1 (FOcal Reducer and low dispersion
Spectrograph) at VLT. These instruments are an order-of-magnitude more sensitive
than previous ones (Donati 2003). Since the former offers a higher spectral resolu-
tion than the latter (∼ 50 times better), it allows observers to detect more subtle
variations throughout the line profiles while being also able to reach higher signal-
to-noise ratio (S/N) by binning data (reaching similar resolution as unbinned FORS
data). Now, at last, we have a unique opportunity to make significant progress in
this unexplored domain.
In the case of core He-burning WR stars, the hydrostatic core radii (Rcore) are
typically an order of magnitude smaller than those of their O progenitors, so the
expected surface magnetic fields in WR stars could be ∼ 100 times higher than in
O stars, i.e. B ∼ 200 − 2000 G, assuming magnetic flux conservation. However,
because of WR stars’ opaque stellar winds, we can generally not observe down to
their hydrostatic surfaces. According to Schulte-Ladbeck, Eenens, & Davis (1995)
and using Rcore ∼ 2.65 R⊙ (Hamann et al. 2006) and β = 3 in the velocity law
- as for EZ CMa - one can calculate that the strong WR winds only allow us to
see emission lines down to ∼ 4Rcore. If one adopts the likely configuration of a
split monopole to describe the field (Gayley & Ignace 2010; ud-Doula & Owocki
2002) - essentially a bipolar field pulled radially outward by the strong outflow -
then the magnetic field would vary as R−2 and it would be ∼ 42 smaller at 4Rcore
than at the hydrostatic core. This implies fields of ∼ 10 − 100 G expected in the
inner observable parts of WR winds, with much larger values for pre-magnetars.
In a sense, it is even more urgent to detect magnetic fields in WR stars, which are
evolutionarily closer to compact remnants than are O stars.
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3.1.1 EZ CMa = WR6 = HD 50896
The Wolf-Rayet star EZ CMa (WR6=HD 50896) is one of the brightest and
best studied stars of its kind. It has now been observed at almost all wavelengths
available with ground-based and space observatories in an attempt to understand
its puzzling nature and ultimately, the extreme stellar wind properties of WR stars
and the consequences on their circumstellar environment. EZ CMa is a WN4 star
of magnitude mV = 6.94 (van der Hucht 2001a), the sixth brightest WR star in the
Galaxy and in the night sky. EZ CMa exhibits unusual properties that still need
to be explained and confirmed observationally. It shows periodic optical and UV
line and continuum variability with a period of P = 3.766 d (Lamontagne, Moffat,
& Lamarre 1986). The multiple signs of variability also point toward long-term
dynamic changes in the large electron-density distribution and geometry. These
wind variations are seen in photometric, polarimetric and spectroscopic observa-
tions over the same time scale, suggesting that a common mechanism is responsible
for the slow and continuous evolution of the observed changes (Robert et al. 1992).
Matthews, Moffat, & Marchenko (1992) and Duijsens et al. (1996) also reported
flare type variability in EZ CMa. The former authors suggested that the intriguing
brightness increase is consistent with a field strength of Bcore ∼ 10
3 G, if due to
the reconnection of magnetic field lines at the stellar surface. Robert et al. (1992)
argued that the lack of long-term coherency in the shape of the phase variations
could be accounted for by a slow random growth and fading of disturbances or
spots in the visible parts of the rotating star. Similar modulations are observed in
T Tauri and RS CVn stars. Constrained but variable magnetic loops are implied
and a field strength of Bwind > 90 G in the accelerating part of the wind is required.
Furthermore, Duijsens et al. (1996) proposed a 400-day time scale for the maximum
light amplitude variations that would be caused by a potential magnetic cycle. To
explain the variable properties of EZ CMa, a likely scenario is the modulation of
a rotating single star with CIRs, as seen in the Sun (Mullan 1986). Additionally,
a co-rotating inhomogeneous density distribution in the stellar wind causing vari-
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able transparency could create a variable mass loss. CIRs could emanate from hot,
magnetically active regions near the surface (due to a global magnetic field) and
would fade away when the star is in the low regime of its magnetic cycle (Duijsens
et al. 1996; St-Louis et al. 1995).
In spite of the multiple studies conducted on EZ CMa, a number of questions
remain unresolved. Is the variability related to a dynamic, structured and rotating
envelope? If so, what is its shape? Can magnetic fields account for some of the
observed characteristics? If so, does EZ CMa harbor a global, large-scale field or
does it only have small-scale localized magnetic loops at its surface? Can modern
spectropolarimetry be exploited to directly detect the magnetic activity of the
star? In an attempt to address these questions, we have collected circular and
linear spectropolarimetry of EZ CMa throughout three epochs of observations.
3.2 Observations and data processing
We observed EZ CMa at the Canada-France-Hawaii Telescope using ESPaDOnS1.
This instrument is a bench-mounted high-resolution e´chelle spectrograph and spec-
tropolarimeter designed to obtain a complete optical spectrum (from 3700 A˚ to
10500 A˚) in a single exposure with a resolving power of about 68000 in the spec-
tropolarimetric mode. Essentially, light passes through a polarization analyzer and
two beams corresponding to orthogonal states of polarization are generated. Then,
they are fiber-fed to a stationary and temperature-controlled cross-dispersed spec-
trograph and two interleaved spectra are recorded on a CCD. The full spectrum
spans 40 orders. To create the Stokes parameter I, the two spectra are added
together while the polarization component of the Stokes vector, either V , Q or
U , is formed by basically subtracting the two spectra. Furthermore, one obser-
vation of the star (dedicated to circular or linear polarization, Q or U) consists
of four successive exposures where, for the second and third, the optics settings
are changed so as to exchange the positions of the two spectra on the CCD. This
1www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/
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enables the minimization of systematic errors due to misalignments, transmission,
seeing effects, etc. (cf. Donati et al. 1997).
Our observations were carried out in 2005 and, through the MiMeS CFHT
Large Program2, in 2009 and 2010. Table 3.I summarizes the observing runs. We
devoted most of our observing time of WR6 to circular polarization measurements
(Vλ) since they are expected to yield a larger Zeeman signature in emission lines
than linear polarization in WR6, which in any case for this type of star is strongly
dominated by electron-scattering polarization in a globally asymmetric, rotating
wind (Schulte-Ladbeck et al. 1991, 1992a). Of course, in the wind, the expected
field strength is reduced compared to the surface value depending on the radial
distance of the spectral line formation zones. For those lines whose peaks can
reach many times the level of the continuum, the attainable S/N in Stokes V will
be much higher, thus compensating to a large extent for the wind dilution of the line
polarized flux by the (circularly) unpolarized continuum flux. Linear polarization
exposures (Q and U) were also collected to empirically model the cross-talk between
Stokes parameters and compensate for its effect as linear polarization (usually
depolarization) across spectral lines could come from scattering off free electrons
in a rotation-flattened wind (Schulte-Ladbeck et al. 1992a). This is especially
important in WR6, where linear continuum (and some line) polarization is known
to be significant and variable (Robert et al. 1992). This will be discussed in more
detail in Section 3.4.
For the 2005 observations, data reduction was carried out using Libre-ESpRIT,
a self-contained data reduction package developed specifically for reducing e´chelle
spectropolarimetric data. This package was first developed by Donati et al. (1997)
and later upgraded in order to be used specifically with ESPaDOnS. In 2009 and
2010, data reduction was performed by CFHT’s reduction pipeline Upena, which
is based on Libre-ESpRIT.
The reduction of ESPaDOnS data proceeds in two general steps3. The first
2http://www.physics.queensu.ca/∼wade/mimes/
3http://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/Espadons esprit.html
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Table 3.I. Journal of EZ CMa observations
Date HJD Phase texp S/N pixel
−1
(UT) (245 0000+) (s)
2005 Dec 19 3723.853-3724.098 0.155-0.220 12000 1062
2005 Dec 20 3724.935-3725.123 0.442-0.492 12600 1247
2005 Dec 21 3725.839-3726.123 0.682-0.758 14400 1824
2009 Jan 7 4838.919-4839.033 0.242-0.273 6480 1177
2009 Jan 8 4839.810-4839.923 0.479-0.509 6480 1192
2009 Jan 9 4840.827-4840.939 0.749-0.779 6480 1336
2009 Jan 10 4841.818-4841.930 0.012-0.042 6480 1349
2010 Feb 25 5252.851-5252.935 0.155-0.178 4968 1124
2010 Feb 26 5253.840-5253.925 0.418-0.440 4968 1132
2010 Feb 27 5254.804-5254.888 0.674-0.696 4968 1086
2010 Feb 28 5255.858-5255.944 0.954-0.977 4968 1120
Note. — Dates (UT), range of heliocentric Julian Dates, associated
range of phases, exposure time (texp), and corresponding S/N per pixel
attained in the continuum for all observations. Expressed in seconds,
texp is the total amount of time spent recording Stokes V observations
each night, i.e. the total of all sub-exposures recorded in a given night.
The phases are computed according to the ephemeris of Lamontagne
et al. (1986), using P = 3.766 days, E0 = HJD 2446153.61. The S/N
pixel−1 represents the average of S/N values attained in each 1.8 km s−1
spectral bin within three continuum regions: 496-510, 507-521 and 556-
574 nm.
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consists of a geometrical analysis of each order from a sequence of calibration ex-
posures. Their position and shape are derived from a mean flat field image. The
wavelength-to-pixel relationship along and across each spectral order is obtained
from a comparison frame (thorium). In the second step, the geometrical infor-
mation previously found is used to perform an optimal extraction of each object
spectrum. Libre-ESpRIT processed spectra include not only the flux and polar-
ization information, but also two check spectra (N1 and N2) and error bars at
each wavelength point in the spectrum. The check spectra are null polarization
profiles and should be used to help identifying spurious polarization signatures.
In fact, they are particularly important to check that any potential signature in
polarization profiles (either Stokes V , Q or U) are indeed real and not the re-
sult of instrumentation and/or reduction-related problems (Donati et al. 1997). If
such issues are non-existent, N1 and N2 should reflect the noise level present in
the observations. More details concerning the extraction technique implemented
in Libre-ESpRIT can be found in Horne (1986) and Marsh (1989). In the end,
observations obtained with ESPaDOnS and reduced with Libre-ESpRIT (Upena)
deliver continuum subtracted linear or circular polarization spectra consisting of
about 214 000 data points, each point corresponding to a velocity bin of 1.8 km s−1.
In all, 70 complete Stokes-V spectra of EZ CMa were obtained. During the three
observing runs, data were acquired over consecutive nights to cover the 3.766-day
cycle. Each of these 70 spectra required series of four independent positions of the
wave plate. Each night, we also obtained similar series in each of Stokes Q and U .
Table 3.I presents the total exposure time spent on nightly Stokes V measurements
and the corresponding S/N ratio attained in the continuum of EZ CMa’s spectrum.
3.2.1 Getting the Most Out of Processed Data
In this section, we present the different methods used to increase the detectabil-
ity of a potential magnetic field. A typical observing run consisted of the following
sequence of Stokes parameter exposures: Q, U , V1...Vn, U , Q, where n corresponds
to the total number of Stokes V exposures recorded during the night. After passing
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through the reduction pipeline, five quantities are computed at each wavelength;
e.g. for a Stokes V exposure, we get IV , V, N1,v, N2,v and σV . The latter represents
the error on all quantities since these are generated using similar manipulations of
light beams (Donati et al. 1997).
Stokes Q and U spectra were taken at the beginning and at the end of a Stokes
V observing sequence to check if significant variations had occurred in linear polar-
ization while the V exposures were taken. In the event that linear line polarization
has changed significantly, Q and U spectra could be, for example, linearly inter-
polated to correct the individual Stokes-V exposures. In actual fact, no significant
variations were observed in linear polarization during any sequence, although Q,U
spectra do vary over longer time scales.
To reach a sufficiently high S/N, we needed about two hours of exposure time
(estimated by the ESPaDOnS exposure-time calculator) on EZ CMa each night.
However, we had to split that time into several shorter observations, as the detector
would otherwise saturate. Therefore, multi-exposures of circular polarization were
taken during each observing sequence. Furthermore, strong emission lines forced
us to split the exposures even more than if based on the continuum intensity, de-
pending on the peak line-intensity. Once processed by the Upena pipeline, the
spectra were then combined to generate one high-S/N Stokes V profile per night.
The same reduction was applied to the Stokes Q and U and check spectra (N1 and
N2). Processing one order at a time, a weighted-mean was calculated at each wave-
length with the rms errors added accordingly (see Bevington & Robinson 2003).
In the end, three polarization profiles were generated each night. Stokes Q and U
measurements were later used to correct Stokes V observations for cross-talk effects
(see below).
Figure 3.1 shows the four Stokes parameter spectra collected during the first
night of observation of the 2010 run. The top panel presents the relative intensity
spectrum in arbitrary units. When being processed by Upena, the actual number of
counts recorded at each wavelength is lost during the optimal extraction of data4.
4http://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/Espadons esprit.html
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Figure 3.1 Complete set of Stokes parameters recorded on 2010 February 25. Each
parameter is generated by combining multiple exposures taken during the observing
sequence. From top to bottom: observed Flux in Stokes IV , V (circular polariza-
tion), Q and U (linear polarization) in arbitrary units. The variation in polarized
flux seen in Stokes V , Q and U reflects: (1) the varying noise level in the spectral
orders, and (2) the variation of noise level with flux within spectral lines. In the
top panel, the strongest emission lines are identified.
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The bottom three panels show the combined (flux) Stokes parameters V , Q and U .
Another feature of ESPaDOnS e´chelle data is the order-to-order overlaps. In Figure
3.1, these typically correspond to regions where the noise level in Stokes V , Q and U
significantly increases. Figure 3.2 offers a better view of this characteristic property
of e´chelle spectra as it shows the same spectrum of EZ CMa but now focuses only
on three orders. The dashed vertical lines indicate where the orders overlap and
especially at the extremities, where the noise level is higher. This is a property of
spectrographs using e´chelle gratings in which a spectrum will be under-exposed at
the ends of the orders since the e´chelle efficiency varies across each order (Schroeder
1970). To reduce the impact of noisy order extremities, we decided (following the
work of Semel & Li 1996), to eliminate the overlap region of each order while at the
same time joining together the 40 orders into one continuous spectrum. For each
Stokes parameter, the junctions between orders were determined based on their
uncertainty profiles. Figure 3.2 shows an example of this operation done on Stokes
V . The top and bottom panels show the Stokes IV profile and its associated error
σV as a function of wavelength, with order overlaps, clearly visible (bottom profiles
in black and blue). This shows that the error (noise) increases at the beginning
and end of each order. Consequently, the order junctions were set at wavelengths
where the uncertainty profiles from two successive orders cross each other. The
result is a continuous spectrum with no overlaps. The dashed vertical lines in the
figure illustrate where the order junctions were cut and joined together. The top
curves in these panels show in red the final spectrum and associated error once the
orders were trimmed and joined together. The middle panels of Figure 3.2 show
the three Stokes parameters V , Q and U .
3.3 Variable binning
The noise level present in the raw data makes it impossible to distinguish a
signal visually. Ignace & Gayley (2003) estimated that for a 3σ detection of a 100
G field, a S/N∼ 104 was required while the S/N typically reaches S/N ∼ 3000 at
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Figure 3.2 Order-to-order overlap of ESPaDOnS e´chelle-data. From top to bottom:
observed flux in Stokes IV , V , Q, U (in arbitrary units) and the uncertainty profile
(σV ) showing five orders and their overlaps (data taken on 2010 February 25).
Emission lines of the Pickering series, Heiiλ4200 A˚ and Heiiλ4339 A˚ are visible in
Stokes IV . The top and bottom panels show (in red) continuous Stokes IV and σV
profiles obtained after eliminating the inter-order overlaps. While vertical dotted
lines indicate the regions where orders overlap, dash vertical lines indicate where,
based on the σV profile crossings, orders are trimmed and joined together (see text).
Continuous Stokes IV and σV spectra appearing in red were both vertically shifted
for clarity.
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the peak of the Heii λ4686 emission line when all observations taken in a single
night are combined into a single nightly spectrum, as described above. Since EZ
CMa shows several emission lines of various intensities in its spectrum, the S/N
per pixel is not constant. In order to obtain the same S/N at every pixel of our
Stokes V spectra (i.e. similar error bars per pixel), we then applied a variable size
binning. An identical binning procedure was carried out for Q, U spectra, but with
slightly lower final S/N in each bin due to the shorter time spent observing them
and to the large signal we detect. The method employed to carry out the variable
binning is based on Bevington & Robinson (2003). Assume a quantity Xλ with its
related uncertainty σλ. Then the weighted mean is defined by
X =
∑
λ
(Xλ/σ
2
λ)∑
λ
(1/σ2λ)
(3.1)
and the error on the weighted mean is
σX =
√√√√ 1∑
λ
(1/σ2λ)
. (3.2)
Here, the quantity X can represent any Stokes parameters and their respective
check spectra. The spectral range over which the summations in equations 3.1
and 3.2 are calculated, i.e. the spectral bin width, is determined according to a
S/N threshold. For each element summed in the calculation of X and σX , the
corresponding S/N inside that bin is calculated (see Equation 3.3). When a certain
threshold is reached, the bin is closed (for all Stokes parameters) and the next bin
begins. This binning method generates bins of variable widths but with similar
S/N.
S/Nthreshold =
IV
σIV
(3.3)
Here, IV and σIV are calculated according to equations 3.1 and 3.2, respectively.
The afore mentioned threshold depends on the spectral region examined. Since
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emission-line intensities in the spectrum of EZ CMa can vary greatly from one
line to another, the threshold chosen to examine a line reaching e.g. twice the
continuum, is inadequate to examine a line reaching ten times the continuum,
and vice versa. In fact, choosing the appropriate level of binning is crucial. Bins
that are too small do not help to identify any expected signature as the final S/N
might be too low while bins that are too wide will enhance cancellation where
expected polarization reversals are observed, thus essentially smoothing out the
otherwise present signal. Note that, it is not necessary to retain the highest spectral
resolution of ESPaDOnS, given that WR winds are turbulent with typical speeds
of vturbulence ∼ 100 km s
−1 (Le´pine & Moffat 1999), equivalent to 1.5 A˚ at λ = 4500
A˚. In the end, the high spectral resolution of ESPaDOnS was not wasted since
the high dispersion allowed us to reach without saturation a very high S/N per
bin. Variable data-binning yielded good results, as patterns and features then
became distinguishable, particularly in the two linear polarization spectra, where
such effects are known to occur in EZ CMa (see Figure 3.3). We will discuss
later what level of binning was applied to the data but, in principle, it should
have no impact on integrated quantities (e.g. detection probability, longitudinal
magnetic field intensity) computed from the binned data. In the end, the variable
binning process produces a certain pattern of pixels of different sizes. Arguably, the
resulting pattern depends on the starting and ending wavelengths of the binning
procedure. However, we have checked that this dependence does not influence our
results. In fact, at the binning levels used in the analysis, the pixel pattern within
an emission line is quasi -independent of the spectral range over which variable
binning is applied.
3.4 Cross-talk analysis
It was observed that the ESPaDOnS instrument, while behaving as expected,
induced cross-talk between Zeeman parameters. In our case, circular polarization
measurements clearly appear to contain a fraction of linear polarization. Since the
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Figure 3.3 Normalized Stokes parameters recorded on 2010 February 25. Since more
time was spent recording circular polarization (Stokes V ) than linear polarization
(StokesQ and U), these are presented in their relative form (i.e. normalized by their
respective intensity flux) so both types of polarization can be compared effectively.
From top down: raw Stokes I/Ic, V/I, Q/I and U/I profiles (left) and their binned
equivalent (right) obtained after the variable binning process (S/Nthreshold = 22500).
This results in bins of about 2 A˚ at the line peak of Heii λ4686, which is the most
intense emission line of EZ CMa’s spectrum. Note that the Stokes V/I binned
profile is amplified ten times for clarity.
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shape in V profiles was similar to a linear combination of Q and U , we deduced
that we have significant cross-talk from Q,U to V and not vice versa. Through
the years and through modifications to the instrument, the origin of this cross-talk
was successfully identified by the ESPaDOnS support team and it was considerably
reduced but not completely suppressed. EZ CMa shows clear linear line polarization
signatures of typically ∼ 0.2% at line peak, both in Stokes Q and Stokes U . Since
Stokes V signatures at the 0.01− 0.1% level are expected (Gayley & Ignace 2010),
we could not neglect the existence of cross-talk from linear to circular polarization
during our observing runs, given the strength of linear polarization which is an
order of magnitude stronger than the expected circular polarization. This is clearly
illustrated by Figure 3.4 in which the normalized Stokes parameters V , Q and U are
shown for the three different nights of the 2005 observing run. At this epoch, the
reported cross-talk factor was approximately 7% and it is obvious, particularly for
the first two nights of observations, that the observed V/I profiles resemble a linear
combination of the observed profiles seen inQ/I and U/I. To make up for a possible
contamination of Stokes V measurements, we adopted the pessimistic but prudent,
conservative view that the entire V signal consisted of cross-talk fromQ and U , then
proceeded as follows to remove it. First, each Stokes parameter is normalized by the
corresponding unpolarized flux recorded during the exposure sequence (cf. Section
3.2.1). Working with normalized Stokes parameters ensures that each spectral
pixel reflects the fraction of recorded light that is polarized (circularly or linearly)
relative to the unpolarized Stokes I parameter. Then, we assumed a linear and
wavelength-dependent relation for the cross-talk contamination as follows:
(V
I
)′
= (aQλ+ bQ)
Q
I
+ (aUλ+ bU)
U
I
+ δ . (3.4)
The five parameters aQ, bQ, aU , bU and δ in Equation 3.4 were assumed to be con-
stant from night-to-night at any given epoch. Our results for the three observing
runs are presented in Table 3.II. For a given run, the relative V profile of the
strongest emission lines, Heiiλ4686, Heii λ5411, Heii λ6560 and Niv λ7111, were
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Figure 3.4 Spectra in all 4 normalized Stokes parameters for the three different
nights of the 2005 observing run. The top panel shows the nightly mean profile
of the Heiiλ4686 emission line. The next 3 panels show in black the normalized
and binned Stokes V (vertically shifted for clarity and zoomed in y-scale), Q and
U parameters for that profile. The polarization profiles are binned to a constant
S/N (∼ 22500) per bin and the resulting mean error bar appears at the top-right
corner of each frame. Note that while Stokes I is normalized by the continuum
level (Ic), the Q, U and V spectra are normalized to the total wavelength-dependent
intensity obtained with the same exposures used to obtain a given Stokes parameter
(IV , IQ, IU). In the second panel from top, the cross-talk model (F = 6.98±0.26%
and Ω = −22± 1◦ at line center) based on Q/I and U/I in the bottom 2 rows, is
shown in red, while the residual spectrum obtained by subtraction of the modeled
from the observed signal (also vertically shifted) is shown in blue. Dashed lines
represent the zero-polarization level.
63
simultaneously fitted to equation 3.4 for each of the nightly spectra, taking the
model value (V/I)′ to be the closest possible to the observed V/I parameter. We
then defined αλ = aQλ + bQ and βλ = aUλ + bU to be Fλ sin 2Ωλ and Fλ cos 2Ωλ,
respectively. Consequently, we refer to Fλ =
√
α2λ + β
2
λ as the cross-talk factor at
one specific wavelength and Ωλ = 0.5 × arctan(αλ/βλ), as the rotation angle of
the Q-U plane relative to some arbitrary but fixed internal axis in the V system
(see Table 3.III). In equation 3.4, the coefficient δ represents a constant offset in
circular polarization that we assume to be independent of wavelength. By default,
the reduction pipeline subtracts the continuum polarization from the polarization
spectrum, as well as from the null spectra. Typical emission lines found mostly in
young stars are excluded when determining the continuum regions, but if a lot of
other emission lines are present, as it is the case for EZ CMa, the continuum normal-
ization will not exclude those lines, yielding inaccurate results5. When examining
reduced data of EZ CMa which were automatically normalized by the continuum
intensity, it is obvious that the automatic removal process fails to correctly do so.
We thus suspect that the automatic removal of continuum polarization might also
be erroneous. Hence, the δ-coefficient in equation 3.4 compensates for the fact that
the reduction pipeline fails to adequately remove the continuum polarization.
Figure 3.4 shows the rectified profile for the strongest line in our spectrum,
i.e. Heiiλ4686, as well as the three other normalized Stokes parameters (in black)
for the four nights of the 2005 CFHT run. It shows, in red, the above-mentioned
model spectrum for the cross-talk in V/I, and, in blue, the residual V/I spectrum
after the removal of the model cross-talk. The observed V/I spectra (in black)
and their residuals were vertically shifted for clarity. Note that the above method
assumes that the cross-talk has not varied over the time interval of an observing
run, that is at most, over four consecutive nights of observations. This assumption
is arguably incorrect since in May 2009, the cross-talk was observed to be quite
variable, sometimes showing large variations within a single night (Barrick et al.
2010). After the changes made to the spectropolarimeter in the summer and fall
5http://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/Espadons esprit.html
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Table 3.II. Cross-talk parameters computed from Stokes V profiles
Observing Run Cross-Talk Parameters
(year) aQ bQ aU bU δ
(×10−5 nm−1) (×10−2) (×10−5 nm−1) (×10−2) (×10−5)
2005 −0.39± 0.32 −4.75± 0.17 −3.53± 0.39 6.59± 0.22 −0.94± 0.06
2009 6.05± 0.42 −5.96± 0.23 −5.11± 0.21 1.26± 0.12 −1.26± 0.12
2010 −2.11± 0.29 1.22± 0.16 2.35± 0.20 −1.44± 0.11 −2.18± 0.16
Note. — Four emission lines (Heiiλ4686, Heiiλ5411, Heiiλ6560 and Nivλ7111) were used to model
the cross-talk signature according to Equation 3.4. Results for all epochs of observations are presented.
Table 3.III. Cross-talk factors computed for the four strongest emission lines
Observing Run Cross-Talk Factor Fλ(%)
(year) Heiiλ4686 Heiiλ5411 Heiiλ6560 Nivλ7111 ESPaDOnS
λ0 ≃ 4688 A˚ λ0 ≃ 5415 A˚ λ0 ≃ 6563 A˚ λ0 ≃ 7116 A˚ (reported)
2005 6.98± 0.26 6.82± 0.27 6.59± 0.30 6.48± 0.31 ∼ 7
2009 3.34± 0.29 3.11± 0.29 2.93± 0.28 2.94± 0.26 ∼ 2− 4
2010 0.41± 0.17 0.18± 0.17 0.19± 0.23 0.36± 0.23 . 1
Note. — The cross-talk factors are computed from observations obtained at three different
epochs and are compared with their respective reported values.
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of 2009, the cross-talk level was reduced to below 1% but still shows a small level
of variability due to the variable observing conditions (see the latest news about
ESPaDOnS’ crosstalk6 and Barrick et al. 2010). Our constant cross-talk assumption
seems thus reasonable for data recorded in 2010 but less so for the two other sets
of observations obtained in 2005 and 2009. On one hand, the nightly cross-talk
level is unpredictable and our knowledge of the various sources responsible for its
variability do not allow us to model its exact behavior yet. On the other hand,
the level of linear polarization within line profiles is high and given the existence of
cross-talk, its impact on recorded Stokes V profiles cannot be neglected (see Figure
3.4). Modelling the cross-talk using all consecutive nights of an observing run
might not determine its exact nightly value, but we believe that our methodology
provides a good estimate of the mean cross-talk level present at that time. This
is supported by the good agreement between the cross-talk factors we obtained
and the ones estimated by the ESPaDOnS team at the time the observations were
taken (see Table 3.III). Furthermore, we checked that the crosstalk removal process
did not introduce variations similar to the expected Stokes V signal (see Figure 3
of Gayley & Ignace (2010) for the expected Stokes V profile within emission lines
formed in a hot-star wind threaded with a weak radial magnetic field). To do so,
we examined the fitted cross-talk model prior to subtracting it from the observed
Stokes V profiles. In the context of this study, the cross-talk level was highest
during the 2005 run. Even at this level, Figure 3.4 shows that the cross-talk model
takes the form of a smooth, continuous function within the emission line profile.
Conversely, when the cross-talk level was at its lowest (in 2010), the model is
almost constant throughout the line (see second row of Figure 3.5). In any case,
we are confident that the cross-talk removal process did not introduce any artificial
variations that could be mistaken for a real signal by the subsequent analysis.
6http://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/
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3.4.1 Null Profiles Affected by Cross-Talk?
While it is known and reported that cross-talk affects measurements made with
ESPaDOnS, the two null profiles are not expected to be influenced by such an
effect. We discuss here a curious characteristic observed in NV,1 and NV,2. As men-
tioned previously, two null spectra for each Stokes parameter are generated during
an observing sequence. Theoretically, these should show a flat profile centered at
the zero polarization level. However, as shown in Figure 3.5, NV,1 and NV,2 profiles
exhibit structure inside the spectral line. Moreover, those patterns are sometimes
of amplitude comparable to or larger than the Stokes V signatures. Furthermore
and perhaps more obvious is the fact that NV,1 and NV,2 do not seem to be cen-
tered at zero as they are supposed to be but appear shifted in polarization level.
This suggests that, at the very least, a constant amount of spurious polarization is
added to the null spectra when these are generated. Since signatures in NV,1 and
NV,2 also seem to follow the shape of the Stokes Q and U profiles (much like what
was observed in Stokes V before the cross-talk removal; see Figure 3.4), perhaps
cross-talk effects are also present in the null spectra. Mueller matrix calculations
allow us to verify that there is a potential for cross-talk effects to appear in the
null spectra (e.g. if the Fresnel rhombs and their respective positions are not with-
out imperfections; see Appendix 3.7.1) . Since the four sub-exposures needed to
compute Stokes V are independent, i.e different combinations of their azimuthal
axis are used, an error on any of the prisms positions can yield the presence of Q
and/or U in V , NV,1 and NV,2. Moreover, rotational variability and stress birefrin-
gence from optical elements located before the polarization module could also be an
additional source of cross-talk, even though these elements have been studied and
improved throughout the years. According to the ESPaDOnS support team, some
of the cross-talk left, along with its variation, is due to the Atmospheric Dispersion
Corrector which probably still exhibits stress birefringence, and since its configu-
ration changes as a function of time (as a function of the telescope’s position), this
small stress birefringence introduces a small level of variable crosstalk. With that
67
25/02/2010
    
2
4
6
8
10
12
I V
/I c
26/02/2010
    
 
 
 
 
 
 
27/02/2010
    
 
 
 
 
 
 
28/02/2010
    
 
 
 
 
 
 
    
-0.04
-0.02
0.00
0.02
0.04
V
/I V
 
(%
)
    
 
 
 
 
 
    
 
 
 
 
 
    
 
 
 
 
 
    
-0.04
-0.02
0.00
0.02
0.04
N
1/I
V
 
(%
)
    
 
 
 
 
 
    
 
 
 
 
 
    
 
 
 
 
 
466 468 470 472
-0.04
-0.02
0.00
0.02
0.04
N
2/I
V
 
(%
)
466 468 470 472
                                  wavelength (nm)
 
 
 
 
 
466 468 470 472
 
 
 
 
 
466 468 470 472
 
 
 
 
 
Figure 3.5 Normalized Stokes V , NV,1 and NV,2 parameters for the four different
nights of the 2010 observing run. In the bottom three rows, cross-talk models
computed from Equation 3.4 and using parameters presented in Tables 3.III and
3.IV, are shown in red, while the residuals are shown in blue. The observed data
(in black), along with the residuals, are vertically shifted for clarity.
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in mind, we have decided to be cautious and eliminate cross-talk from NV,1 and
NV,2 using the same method described in section 3.4. The cross-talk parameters
are shown in Table 3.IV. When parameters aQ, bQ, aU and bU are considered, there
is no systematic trend present in the results obtained from Stokes V that appear
in NV,1 or in NV,2. They are however of similar magnitude. Since Stokes V is
fundamentally different in nature (what it represents and how it is generated) than
the null spectra - it potentially contains a polarization signal intrinsic to the star -
this is expected as the cross-talk removal method is aimed at eliminating all signal
present in a given parameter. On the other hand, the δ-parameter value obtained
from Stokes V , NV,1 and in NV,2 should be consistent because it is independent of
Q and U and constant within the line profile. Comparing δ-values presented in
Tables 3.II and 3.IV confirms this.
Within most of the emission line, the crosstalk model behaves like a polarization
constant that centers the null profiles at the zero polarization level once it is sub-
tracted from the observed data. Equations 3.33 to 3.35 along with Equations 3.36
to 3.43 (see Appendix 3.7.1) indicate that the net cross-talk effect on NV,1 and NV,2
due to positional errors of the Fresnel rhombs is likely more complex than a simple
linear combination of Q and U . Thus, the model used to remove the cross-talk in
the two check spectra is likely oversimplified. Nonetheless, since terms in Q and U
represent the most important contributions to cross-talk, the model still is a good
first-order approximation.
3.5 Magnetic analysis
3.5.1 Zeeman Splitting Polarization
As mentioned in Section 3.3, we have used a binning procedure aimed at re-
ducing noise and thus favoring the detection of any potential signal due to the
presence of a magnetic field. The cross-talk removal could, at worst, eliminate
a fraction of the Stokes V profile intrinsic to the star. However, using the same
cross-talk parameters for all the nights in one run helps to minimize this because
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Table 3.IV. Cross-talk model parameters computed from Stokes null profiles
Observing Run Cross-Talk Parameters
(year) aQ bQ aU bU δ
(×10−5 nm−1) (×10−2) (×10−5 nm−1) (×10−2) (×10−5)
−N1−
2005 0.51± 0.32 −1.08± 0.17 −3.27± 0.39 0.53± 0.22 −0.86± 0.04
2009 11.34± 0.42 −7.86± 0.23 2.74± 0.21 −1.91± 0.12 −1.56± 0.14
2010 −1.90± 0.29 −0.44± 0.16 −1.83± 0.20 −0.32± 0.11 −1.77± 0.09
−N2−
2005 3.09± 0.32 2.19± 0.17 −17.41± 0.39 11.31± 0.22 −0.47± 0.08
2009 9.13± 0.42 −4.43± 0.23 −4.29± 0.21 4.27± 0.12 −1.47± 0.09
2010 −14.94± 0.29 9.27± 0.16 −4.07± 0.20 3.57± 0.11 −0.69± 0.18
Note. — The same modeling technique applied to Stokes V observations is used on both NV,1 and
NV,2 spectra. Results for all epochs of observations are presented.
there is no reason to believe that any intrinsic, variable polarization would exhibit
the same pattern as the cross-talk which depends entirely on the behavior of Q
and U . Nonetheless, we checked (by visual inspection) that the crosstalk model
was a smooth, continuous function within the line profile and that it did not re-
semble, in shape and amplitude, the Stokes V signature predicted by Gayley &
Ignace (2010). Moreover, except for the 2005 data (see Figure 3.4), the crosstalk
model is approximatively constant throughout the line profiles. The presence of a
magnetic field in the wind of EZ CMa observed via Zeeman splitting was looked for
in two ways: (1) calculation of the reduced-χ2 within the Stokes V line profile and
(2) measurement of the longitudinal field Bl directly from the first order moment
of the Stokes V profile. In the first method, the reduced-χ2 within the Stokes V
line profile is computed to verify if the signal diverges significantly from a flat, null
profile characteristic of a non-magnetic star. To diagnose the presence of a mag-
netic field in EZ CMa, we followed the detection diagnostic of Donati, Semel, &
Rees (1992) and Donati et al. (1997). A circularly polarized signature is definitely
detected if the associated detection probability is larger than 99.999%. A detection
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probability between 99.9% and 99.999% corresponds to a marginal detection and
below 99.9%, no formal detection is reported. Moreover, any positive detection
across the spectral line is considered real if the detection probabilities calculated
in both null profiles as well as in the continuum are below 99.9%.
For reasons discussed in Section 3.3, the level of binning which is applied to
the data is important as it could influence the detectability of any potential Stokes
V signature present inside the line profile. Because the expected signatures are
extremely small in amplitude (Donati et al. 1997), specially for spectral lines formed
in a stellar wind (Gayley & Ignace 2010), they need to be measured with high
accuracy; i.e. with relative noise levels lower than 10−4. Since choosing a different
S/Nthreshold for each spectral line is somewhat arbitrary, variable binning was thus
conducted on the data so that individual error bars reflected a 0.01% uncertainty.
With such a relative noise level, a strong magnetic field (∼ 102−3 G) present in the
wind of EZ CMa would yield Stokes V signatures detectable at the 3σ-level. On the
other hand, the presence of a weaker field at . 100 G level requires an even higher
signal-to-noise level to be clearly detected. Ignace & Gayley (2003) and Gayley
& Ignace (2010) predict that such a magnetic field intensity, in a split-monopole
configuration, would generate Stokes V line profiles reaching ∼ 0.01 − 0.04% in
amplitude for emission lines formed in the wind and viewed under ideal conditions.
Based on these considerations, we computed the detection probability within the
Stokes V line profiles after binning the data so that the relative error bars reflected
σV ≃ 10
−4. Table 3.V reports those detection probabilities calculated for the
Stokes V profiles of Heiiλ4686 as well as for the two null spectra, NV,1 and NV,2.
We present only the results obtained from the Heiiλ4686 emission line because it is
the strongest emission line in the spectrum with the smallest error bars. Although
this might be compensated for by a lower signal, since it is formed further from
the star, no other lines nor a combination thereof, show any better signal. In
a few instances, the criteria are met to report, at best, a marginal detection in
Stokes V (99.915% for Heiiλ5411 on the third night of the 2005 observing run;
99.904% and 99.964% for Nivλ7111 on the third and fourth night of the 2009
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Table 3.V. Detection probabilities computed for the Heiiλ4686 emission line
Year Phase PV PN1 PN2
(φ) (%) (%) (%)
2005 0.155 65.4 83.4 98.8
0.442 59.1 78.4 99.1
0.682 62.3 37.7 38.7
2009 0.242 72.7 99.779 78.2
0.479 94.4 99.843 77.5
0.749 33.9 61.5 3.0
0.012 87.5 90.3 59.3
2010 0.155 83.7 85.8 68.1
0.418 28.7 81.1 67.8
0.674 10.8 95.2 64.4
0.954 90.0 35.8 50.0
Note. — Values for PV , PN1 , PN2
represent the detection probabilities de-
rived from within the Stokes V , N1 and
N2 line profile, respectively, and binned
in phase according to the ephemeris of
Lamontagne et al. (1986). The results
are presented at the 3-decimal preci-
sion level when the probability reach
98% so the criterias of Donati et al.
(1997) can be adequately evaluated.
The phase φ corresponds to the first
observation taken each night and de-
tection probabilities are obtained from
profiles binned to a precision of σV ≃
10−4.
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observing run, respectively). However, no systematic detections can be reported
for all spectral lines or for a given emission lines at all phases. Therefore, this
test does not allow us to infer the presence of a magnetic field, as most of the
Stokes V profiles are not significantly different (according to the χ2 statistics) from
a null, non-magnetic signature. Strangely, marginal detections are also achieved on
a few occasions within check profiles and continuum regions. This would suggest
that excess noise in the data can sometimes randomly affect the shape of the
signal, leading to an erroneous mariginal detection on the basis of a χ2 test when
compared to a Stokes V = 0 profile. As a whole, these results probably indicate
that if there is a large-scale magnetic field in the wind of EZ CMa, it is not strong
enough to consistently generate detectable signatures. By binning the data further
to increase the S/N, any potential signature could consequently be smoothed out,
thus lowering the upper detection limit. Also, the approach taken to eliminate
cross-talk effects might remove a fraction of a real magnetic signature and hence,
decrease its detectability. In the end, the fact that no Zeeman splitting signature
is, in general, unambiguously detected points towards the following conclusion: any
magnetic field present in the wind of EZ CMa (in the line formation zones) is too
weak for the detection capabilities of both the instrument and the methods used
in this study.
Of course at this stage, no information about the strength and structure of a po-
tential magnetic field is obtained. Ionization stratification in the wind of EZ CMa
(Herald et al. 2000; Hillier 1987; Schulte-Ladbeck et al. 1995) implies that emission
lines present in the spectrum are formed in different conditions (e.g. different dis-
tances from the stellar surface, different velocities) and hence, line-emitting regions
would be threaded by different field intensities, no matter what large-scale mag-
netic configuration could be present. Moreover, emission lines often suffer blends
with other emitting ions, which can dilute the circular polarization component of
the dominating emitting ion. For these reasons, averaging the circularly polarized
profiles from different individual emission lines (as is done for stars showing a large
number of photospheric absorption lines) is inadequate. Thus, all results presented
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in this paper must come from the analysis of single emission lines. Consequently,
this could explain why no significant detections are made according to the strict cri-
teria mentioned above which are adapted for profiles analyzed by the least-squares
deconvolution (LSD) method. In the context of hot stars, this technique combines
several (∼ 101−2) photospheric absorption lines in order to increase the detectabil-
ity of a potential Stokes V signal (Donati et al. 1997) and has proven its efficiency
of exposing magnetic signatures that are hidden by noise within single line profiles.
Donati et al. (1992) used different criteria when analyzing individual lines and so,
perhaps the analysis of WR emission lines should be based on better adapted cri-
teria. Nonetheless, we feel that analyzing single emission lines of EZ CMa with
the highest standards represent the safest, most conservative way of detecting a
magnetic field. Moreover, eye inspection of Stokes V data led us to conclude that
profiles resembling an organized, s-wave type, Zeeman signature do not necessarily
result in a marginal (or even significant) detection whereas unorganized, relatively
flat profiles with a few divergent data points sometimes do. We feel that the search
for a Zeeman splitting signature by computing the χ2-statistics within individual
emission lines would yield a positive detection only if a strong, organized magnetic
signature is present in the data.
The other technique used to evaluate the presence of a magnetic field (and its
amplitude) in the wind of EZ CMa is the determination of its mean longitudinal
intensity by calculating the first-order moment of the Stokes V profile within the
line according to
Bl = −2.14× 10
11
∫
vV (v) dv
cλgeff
∫
[Ic − I(v)] dv
(3.5)
(Mathys 1989; Rees & Semel 1979; Wade et al. 2000), where the wavelength λ
of the center of gravity of the line is in nm, geff is the effective Lande´ factor and
Bl is expressed in gauss. The uncertainties associated with Bl were computed by
propagating the errors of each spectral bin through equation 3.5. The center of
gravity (from which the velocity was determined) was calculated according to the
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following equation:
λ =
1
Wλ
∫
I(λ)λ dλ , (3.6)
whereWλ is the equivalent width of the line and I(λ) is the unpolarized line profile.
The effective Lande´ factor can be determined from the total angular momentum
number and Lande´ factor of each level involve in a transition. It was first derived
by Shenstone & Blair (1929) and can be computed through the formula
geff = 0.5(g1 + g2) + 0.25(g1 − g2)(J1(J1 + 1)− J2(J2 + 1)) , (3.7)
where g1, g2 and J1, J2 are respectively the Lande´ factors and total angular mo-
mentum quantum numbers of the participating levels of the line transition. For
the emission lines considered in this work, the Lande´ factor of a certain level was
computed by the LS -coupling approximate formula
g = 1 +
J(J + 1)− L(L+ 1) + S(S + 1)
2J(J + 1)
(3.8)
where L and S are the orbital angular momentum and spin quantum numbers of
the considered level, respectively. Using equations 3.7 and 3.8, the effective Lande´
factors for Heiiλ4686, 5411, 6560 and Nivλ7111 emission lines are geff = 1.07, 1.06,
1.06 and 1.17, respectively. The integration ranges for both λ and Bl were chosen
to be symmetric about the center of gravity of the line going from -2000 to 2000 km
s−1. These limits of integration were chosen to encompass all information about
the magnetic field in the Stokes V profile while avoiding the inclusion of excess
continuum and line blends outside of the profile. In the end, the longitudinal
field measured from Stokes V is detected significantly (at the 3σ level and over) if
|Bl|/σ ≥ 3. For the sake of conciseness, only the results for the Heiiλ4686 emission
line are presented in Table 3.VI since a longitudinal magnetic field is significantly
detected at the 3σ-level (and higher) within the observed Stokes V profiles on only
a few occasions (one such instance can be found in Table 3.VI). The only other
significant detection occurs for the Heiiλ5411 line, on the third night of the 2009
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observing run (Bl = −128 ± 35 G ⇒ z = 3.7). Also, the first moment technique,
when applied to both N1 and N2, never results in a detection, as expected.
Figure 3.6 illustrates the phase variation of the longitudinal field for all three
epochs of observations and for all four emission lines analyzed. A least-squares
fit of a cosine curve to the data was performed using the form Bl(φ) = B0 +
B1 cos(2π(φ− φ0)). The resulting parameters along with the reduced χ
2 value are
presented in Table 3.VII. The least-squares fit was applied assuming the variations
are continuous and consistent from one epoch of observations to another. This
continuity has not been confirmed but it still represents a reasonable hypothesis.
According to the least-squares statistic, the longitudinal field is not significantly
different from zero and the variation of the field is detected at only a 2σ level. Based
on this test, there is not enough evidence to infer the presence of a magnetic field in
the wind of EZ CMa. Moreover, the reduced χ2 statistic obtained through the curve
fit is essentially the same as that computed for the magnetic null hypothesis; i.e.
B = 0. These calculations were also applied to the N profiles and the results suggest
that they are also compatible with a null profile, as expected. For completeness,
we employed a Kolmogorov-Smirnov test to investigate if the distribution of the
detection significance from Stokes V (zV ) is significantly different from that derived
from the null profiles, N1 and N2. For the cumulative distributions of zV and zN1 ,
we obtain D = 0.1363 and for zV and zN2 , D = 0.2045 indicating that the null
hypothesis (that the distribution are the same) can be rejected at confidence levels
of about 36% and 79%. In other words, the two-sided Kolmogorov-Smirnov test
indicates that the distribution of zV does not appear to be significantly different
from the zN1 and zN2 distributions. This supports our claim that the longitudinal
magnetic field test does not provide enough evidence to infer the presence of a
detectable magnetic field.
The longitudinal magnetic field considered here is only used as a statistical
indicator of the field strength. It is important to note that the longitudinal magnetic
field is not used as the primary diagnostic of the presence of a magnetic field. This
is because of a number of considerations. First, a variety of magnetic configurations
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Table 3.VI. Longitudinal field values calculated for the Heiiλ4686 emission line
Year Phase Stokes V Null N1 Null N2
φ Bl ± σB zV Bl ± σB zN1 Bl ± σB zN2
2005 0.155 -20± 17 1.2 -22± 17 1.2 21± 17 1.2
0.442 -13± 15 0.8 2± 15 0.1 37± 15 2.5
0.682 29± 11 2.7 -17± 11 1.6 -19± 11 1.7
2009 0.242 -8.3± 16 0.5 5± 16 0.3 -12± 16 0.8
0.479 52± 16 3.2 41± 16 2.5 -2± 16 0.1
0.749 6± 14 0.4 38± 14 2.7 -6± 14 0.4
0.012 -18± 15 1.3 1± 15 0.1 8± 15 0.6
2010 0.155 -24± 17 1.4 -7± 17 0.4 -8± 17 0.5
0.418 -11± 17 0.7 16± 17 1.0 -9± 17 0.5
0.674 -27± 18 1.6 14± 17 0.8 -1± 17 0.1
0.954 8± 16 0.5 16± 16 1.0 25± 16 1.6
Note. — The detection significance of the longitudinal magnetic
field is expressed by z = |Bl/σB|. The longitudinal magnetic field
is given in gauss and φ corresponds to the phase of the first obser-
vation taken each night according to the ephemeris of Lamontagne
et al. (1986). Significant detections (z > 3σ) appear in bold font.
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Figure 3.6 Phase variation of the longitudinal field. For all three epochs of obser-
vations and all emission lines considered in this study, the top panel presents the
longitudinal field values measured within Stokes V profiles whereas the bottom two
panels show values obtained from within N1 and N2 profiles, respectively. The sym-
bols represent the different emission lines and the epochs of observations are color
coded: 2005 data are in green, 2009 in red and 2010 in blue. At the bottom of each
panel the resulting parameters of the cosine curve, Bl(φ) = B0+B1 cos(2π(φ−φ0)),
least-squares fit are presented.
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Table 3.VII. Results of the longitudinal field variation cosine fit
Parameters Stokes V Null N1 Null N2
B0 (G) −3.38± 2.91 4.50± 2.91 −3.32± 2.2.91
B1 (G) 8.36± 3.96 3.36± 4.23 4.55± 4.15
φ0 0.12± 0.08 −0.12± 0.22 −0.17± 0.14
χ2ν (fit) 1.82 1.11 1.24
χ2ν (B = 0) 1.81 1.11 1.21
Note. — The best parameters of the cosine curve are com-
puted through a χ2 goodness-of-fit test for the Stokes V , N1
and N2 observations. The last two rows present the result-
ing χ2ν applied to the cosine curve and to a null, B = 0 line,
respectively.
can produce a null mean longitudinal field component, one for which the first-order
moment of the Stokes V profile is zero (i.e. a profile roughly symmetric about
the center-of-gravity of the emission line profile). Nonetheless, almost all of these
configurations generating a null mean longitudinal field component will produce
a detectable Stokes V signature in the line profile, given that the magnetic field
is strong enough. In the next section, we will discuss how this might actually be
the type of profile expected for the magnetized stellar wind of WR stars. Secondly,
equation 3.5 was derived for magnetic dipoles in rotating stellar photospheres under
some simplifying assumptions. It it thus important to verify if it can be applied to
WR star winds in which the field topology is not dipolar and where the dominant
spectral line broadener is not rotation. The derivation of equation 3.5 assumes that
the emergent Stokes V line profiles are antisymmetric about their center. As shown
by Gayley & Ignace (2010), this is expected in the context of the present study
even if the magnetic field topology in WR stellar winds resembles a split monopole
rather than a dipole. The derivation of equation 3.5 shows that it is independent
of the projected rotational velocity of the star under very general conditions, i.e.
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the effect of the rotation on the line profiles has been fully accounted for and the
first-order moment technique takes advantage of the rotational Doppler effect to
get an enhanced diagnosis (Mathys 1988, 1989). However, the Zeeman broadening
produced by a line observed in the visible band and a modest magnetic field is much
smaller than the velocity broadening in the winds of hot stars. This leads to severe
polarimetric cancellation of the σ-components of the standard Zeeman triplet and
hence, the ability to detect the longitudinal magnetic field through the Zeeman
effect depends generally on the amount of Zeeman shift relative to the relevant
broadening processes (Ignace & Gayley 2003). As described by these authors, this
cancellation is however mitigated by velocity gradients in the wind which allows
for some Zeeman signal to persist in the line profile and produce an antisymmetric
Stokes V profiles about its center. What the exact physical meaning of equation
3.5 is, in the context of WR stars, is not clearly established and thus, it cannot a
priori be taken for granted that is it the average over the emitting volume of the
line of sight component of the magnetic field. Furthermore, equation 3.5 should be
used for the analysis of single spectral lines that are effectively unblended (Mathys
1989). In the case of Wolf-Rayet stars, their strong stellar winds generate very
broad lines that often consist of a blend of different ion species. Even if one ion
usually dominates (in intensity) at the wavelength of interest, contributions from
other species can affect the results of the first-order moment technique. To minimize
the contributions due to other spectral lines on the edges of the line profile, the
limits of integration were chosen to only include the information of the Stokes
V profile within the emission line. Moreover, Mathys (1989) states that a the
mean longitudinal field obtained from the observation of different spectral lines
is not a priori identical, especially for an element inhomogeneously distributed
over the star. This is also relevant in the case of EZ CMa, and possibly for WR
stars in general, where ionization stratification occurring in its stellar wind (Herald
et al. 2000; Hillier 1987; Schulte-Ladbeck et al. 1995) implies that different spectral
lines are formed in regions where the local field strength varies due to the radial
dependence of the magnetic field intensity. While the spectral lines considered in
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this work are, in first approximation, homogeneously distributed over the stellar
surface (the radial extent of individual formation zones is larger than the stellar
core radius), their measurements may still yield discrepant field values. If different
radial distributions are found for the various ions considered, as it appears to
be the case for EZ CMa, then equation 3.5 will depend in a different manner
on the spectral line, leading to a discordant value of the longitudinal magnetic
field. As mentioned in section 3.1.1, the variations observed in EZ CMa are epoch
dependent. If the magnetic field is also subject to such a dependency, the fit of a
cosine curve through the phased-bin variations of its longitudinal value (recorded
over a five-year span) should be interpreted with extra care, even more so when a
straight line (B(φ) = 0) yields a similar fit according to the reduced-χ2. Finally,
another shortcoming of this technique may come from the process of line formation
in the winds of Wolf-Rayet stars. The first-order moment method is based on
several hypotheses (e.g. Milne-Eddington approximation, weak-line approximation,
LTE) that are not relevant for radiation-driven winds from hot stars. In all, the
determination of the longitudinal magnetic field using equation 3.5 appears to be an
approximation of its true value. Certainly, a better understanding of spectral line
formation in the atmospheres of WR stars and how the moment technique should
be modified for different ions formed in a hot star wind would help understand the
exact physical meaning of equation 3.5. Still, Figure 3.6 illustrates that when the
longitudinal field values derived from all four emission lines (for all three epochs
of observations) are combined together, the cosine fit finds a field value at a ∼ 2σ
significance level in Stokes V while in the null N1 and N2, it is significant at ∼ 1σ.
Even if 2σ is not statistically significant enough to report a detection, it is worth
noting that, when all the above considerations are taken into account, the cosine-
fitted longitudinal field reaches such a significance level while, for N1 and N2, it is
around unity, as expected. In summary, the longitudinal magnetic field variation
does not provide enough evidence to infer the presence of a magnetic field, but it
should not be on its own interpreted as the absence of magnetism in EZ CMa. We
look closer into this below.
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3.5.2 Potential Magnetic Field Geometry
Despite the negative results on the presence of a detectable global magnetic field
in EZ CMa using techniques relying on the amplitude of the Stokes V signature and
its (non)symmetric nature, it is useful to take yet another approach: fitting a simple
model to the data. To this end, we assume that the magnetic field of EZ CMa can
be described by the split monopole model of Gayley & Ignace (2010), allowing us
to place an upper limit on its intensity and to investigate its potential geometry.
The first step taken by these authors to establish a model describing the effect of a
magnetic field on the stellar wind of hot stars came earlier when they incorporated
the weak-field longitudinal Zeeman effect in the Sobolev approximation (Ignace
& Gayley 2003). They derived expressions for the circularly polarized emission
from a magnetized wind. Particularly interesting in the case of Wolf-Rayet stars,
they investigated the split monopole configuration to schematically illustrate the
expected polarized profile. They found that the signature resembles an s-wave
pattern and that for a surface field of about 100 G (seen pole-on), the largest
polarizations peaking at approximately 0.05% in Stokes V result for optically thin
but strong recombination emission lines. More recently, Gayley & Ignace (2010)
published the results of an improved model of Stokes V (λ) profiles for emission
lines formed in hot-star winds threaded with a weak magnetic field. For the most
favorable orientation (i.e. pole-on), they found that the circularly polarized profile
has a characteristic heartbeat shape exhibiting multiple sign inversions across the
spectral line (see Gayley & Ignace 2010, Fig.3). For a wind magnetic field intensity
of B ≃ 100 G and at depths where the wind speed is v ≃ 100 km s−1, the overall
scale of V/I is of the order of 0.1%.
A split monopole is considered under the assumptions that the magnetic field
has been radially combed by the wind and rotation does not play a central role. It
is important to note that the overall competition between the wind’s mechanical
energy density and the magnetic energy density can be described by the magnetic
wind confinement parameter η⋆ =
B2⋆R
2
⋆
M˙v∞
, where B⋆ and R⋆ are respectively the
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equatorial magnetic field and the radius at the star’s surface. Based on the work
of Hamann et al. (2006), R⋆ corresponds to a radial optical depth of τRoss = 20. In
regions far from the stellar surface, ud-Doula & Owocki (2002) demonstrated that
the magnetic field lines are stretched out to follow the approximately radial wind
outflow since the wind dominates the interaction. However, closer to the surface
where the wind velocity is smaller, a sufficiently strong magnetic field can channel
the wind plasma along closed field lines and hence significantly influence the wind
flow. Quantitatively, for η⋆ < 1, the field is fully opened by the wind outflow.
For stronger confinements, η⋆ > 1, the magnetic field remains closed over a limited
range of latitudes and heights above the equatorial surface, but eventually is opened
into a nearly radial configuration at large radii. ud-Doula & Owocki (2002) and
Owocki & ud-Doula (2004) also demonstrated that, for confinements as small as
η⋆ = 0.1, the magnetic field can have a significant influence in enhancing the density
and reducing the wind speed near the magnetic equator. In the case of EZ CMa,
η⋆ < 1 requires a magnetic field intensity of B⋆ < 4 kG and η⋆ = 0.1 would imply
a field strength of B⋆ ∼ 1.3 kG, for the following wind and stellar parameters:
M˙ = 10−4.3M⊙ yr
−1, v∞ = 1700 km s
−1 and R⋆ = 2.65 R⊙ (Hamann et al. 2006).
Because of the enormous mass-loss rates of WR stars, even relatively small values
of η⋆ require large field strengths. Hence, in the weak-field limit, a split monopole
configuration, resulting from the interaction of a dipolar field with a strong stellar
wind, is a relatively good representation of the magnetic field present in the wind
of WR stars.
When modulated with phase, the model of Gayley & Ignace (2010) can be de-
scribed by four parameters linked to the magnetic field geometry: (1) the viewing
inclination angle of the stellar rotation axis, i0, (2) the obliquity angle β between
the field axis and the rotation axis, (3) the phase of closest approach of the mag-
netic pole to the line of sight, φ0 and (4) the magnetic field intensity at the line
formation region Bline, contained in the quantity b1 in their parameterization (see
Gayley & Ignace 2010, Eq.30 and 32). Additionally in order to account for lines
of different widths, one more parameter is used to determine the crossover wave-
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lengths (|x| = 1 in their parameterization) on each wing of the line profile. Along
with the reversal existing at line center, this is where the polarization reversals
occur in the Stokes V model. It is typically the wavelength that resonates at the
line formation region, which appear around the half-width at half-maximum for
rounded profiles, expressed as λx=1 in what follows.
Our approach was to simultaneously fit all Stokes V profiles recorded during
one epoch of observation (within a chosen spectral line). Thus, for the 2005 data,
three nights were simultaneously modeled while four nights were used for both
fitting processes of the 2009 and 2010 data. At first, a χ2 minimization was used
to compare the observed Stokes V signatures to a grid of computed, theoretical
profiles so the best set of parameters can be determined. The minimization was
done in two successive steps: find the value of λx=1 first, and then determine the
magnetic geometry [Bline, i0, β, φ0]. We proceeded this way since the shape of
Stokes V model profiles is not a variable; only its amplitude with time is. In
this framework, [Bline, i0, β, φ0] are free parameters, but constants for a given
model. Because the geometry of the magnetic field does not influence where |x| = 1
occurs on the emission line profile, we chose to dissociate both while performing
the χ2 minimization. This means that a first grid (five parameters) is generated
to determine λx=1 and a second grid (four parameters) to find the best set of
[B, i0, β, φ0] with the previously found value of λx=1 fixed.
To begin with, wavelengths λ were transformed into scaled wavelengths x (as
used by Gayley & Ignace 2010) according to Equation 3.9
x =
λ− λo
∆λhwhmκ
, (3.9)
where λo is the central wavelength of the line, ∆λhwhm = λhwhm − λo is the half-
width at half-maximum of the line profile and κ a constant scale factor. When
κ = 1, this definition of x assumes that λx=1 = λhwhm. To find the correct posi-
tion of |x| = 1, we allow κ to vary by no more than ±20%, i.e. the scale factor
was sampled from 0.8 to 1.2 at every 0.02. Ideally, eye inspection of the observed
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profiles would clearly indicate where |x| = 1 and finding its position on the line
profile would be straightforward. Since the recorded data do not yield such a clear
visual picture, and because the binning process smooths out the polarization rever-
sal regions, the κ-parameter sampling is sufficient to obtain reasonable precision.
Furthermore, Gayley & Ignace (2010) mention that the sharp wing spike occurring
at |x| = 1 is an artifact of their treatment, and a smoother transition (which would
involve some cancellation near the discontinuity) is to be expected for emission
lines with rounded-top. The following specifies how the first grid samples the other
parameters: 0 ≤ Bline ≤ 3000 G at every 20 G; 0 ≤ i0 ≤ 180
◦ at each 10◦ (idem for
β); and 0 ≤ φ0 ≤ 1 at each 0.1 phase. Once the best κ-value is found (according to
χ2 statistics), the second grid of computed profiles is generated sampling each of
the remaining four parameters within the same range of values but using a smaller
step size: ∆Bline = 10 G, ∆i0 = ∆β = 10
◦,∆φ0 = 0.025. In the end, the parame-
ters that provided the lowest reduced-χ2 were chosen to represent the best-fitting
model. This χ2 minimization procedure was applied to the four strongest emission
lines present in the spectrum of EZ CMa: Heiiλ4686, 5411, 6560 and Nivλ7111.
Figure 3.7 shows an example (for the 2010 dataset) of the χ2 landscapes computed
from the observed Stokes V profiles of the Heiiλ4686 emission line. Each landscape
is a two-dimensional slice of the grid (with the other three parameters being fixed
at their best-fit values), showing the reduced-χ2 values with the minimum indicated
by a white star. Additionally, the 1σ, 2σ and 3σ uncertainty contours are super-
imposed on the landscapes and the former allows us to estimate the uncertainty
of the best-fitting model parameters. These are summarized in Table 3.VIII. The
i0− β landscape shows the presence of two minimum values of χ
2
ν . This is a direct
consequence of modulating the heartbeat Stokes V profile according to the phase
of observation. To achieve this, Equations 30 and 32 of Gayley & Ignace (2010)
need to be corrected by a phase-dependent scale factor, F(φ) = 1− sin(iB) , where
iB represents the effective viewing inclination of the field axis at any moment. It
is defined as cos(iB) = cos(i0) cos(β) + sin(i0) sin(β) cos(φ) (Ignace et al. 2011).
According to this definition and because i0 and β are allowed to vary from 0
◦ to
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180◦, there exist two pairs of i0−β values that generate the same modulating factor
F(φ) and this degeneracy is reflected by the presence of two minima in Figure 3.7
(i0 − β landscape). Furthermore, due to the trigonometric properties of the sine
and cosine functions, four pairs of i0 − β values can also yield the same minimum
in a χ2ν landscape. When reading Table 3.VIII, it is important to remember that
values of i0 and β can be swapped; the order in which they are presented does
not reflect any preferences. This method of determining the best estimates for the
split-monopole model parameters gives poor constraints on the angles i0 and β. It
would be arbitrary to invoke any trends or preferred values for both parameters
given the degeneracy of the phase-dependent modulation applied to the model. The
magnetic field intensity at the line formation region appears to decrease from the
first epoch of observation to the last. Assuming that the emission lines considered
here are formed roughly at the same distance from the star and under the same
conditions, the average of Bline is ∼ 163 G in 2005, ∼ 85 G in 2009 and ∼ 68 G in
2010. The same decreasing trend is noticeable, in general, when each spectral line
is considered individually. However, Bline estimates suffer from large uncertainties
and this epoch-dependent variation cannot be confirmed. It is important to note
that the quality of ESPaDOnS observations has increased over time, which is re-
flected by the generally decreasing error bars on Bline at each epoch of observation.
This could also explain the observed decreasing trend as better data were recorded
in 2010 than in 2005. At best, this analysis allows us to propose an upper-limit
value for the magnetic field strength in the wind of EZ CMa of Bline ∼ 100. Con-
versely, the reduced-χ2 values are generally close to unity while the field strength
approaches zero, within its lower uncertainty limit. This could also mean that the
non-magnetic hypothesis offers a reasonable fit to the data.
Still within the framework of the split-monopole model, we performed a Bayesian
analysis of the spectropolarimetric observations following the work of Petit & Wade
(2012). This analysis describes the relative likelihood of the split-monopole model
by generating a multidimensional posterior probability density that covers the pa-
rameter space of the model. Since only φ is allowed to change between different
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Figure 3.7 Parameter estimation of the split-monopole model from a χ2 goodness-
of-fit test. All panels show two-dimensional χ2 landscapes of the model grid with
the white star indicating the position of the minimum reduced-χ2, representing
the best parameter estimates. Also, the 1σ, 2σ and 3σ uncertainty contours are
superimposed. Here, the χ2 test is applied to the Stokes V profile within the
Heiiλ4686 emission line (2010 dataset).
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Table 3.VIII. Best parameter estimates of the split-monopole model
Epoch Line Bline i0 β φ0 κ χ
2
ν (fit/null)
(1) (2) (3) (4) (5) (6) (7) (8)
2005 Heiiλ4686 100−92+224 55
−55
+40 115
−31
+65 0.800
−0.270
+0.200 0.96
−0.16
+0.24 1.02/1.03
125−40+55 65
−65
+31
Heiiλ5411 170−91+1399 45
−42
+62 80
−77
+27 0.300
−0.255
+0.180 1.14
−0.07
+0.06 1.47/1.46
135−62+42 100
−27
+77
Heiiλ6560 240−228+375 55
−47
+55 70
−62
+40 0.925
−0.065
+0.075 0.90
−0.06
+0.12 1.07/1.09
125−55+47 110
−40
+62
Nivλ7111 140−120+620 60
−41
+41 105
−26
+55 0.575
−0.075
+0.215 1.20
−0.04
+0.00 1.01/1.02
120−41+41 75
−55
+26
2009 Heiiλ4686 80−71+234 50
−50
+58 65
−65
+43 0.275
−0.140
+0.203 1.14
−0.09
+0.06 1.06/1.12
130−58+50 115
−43
+65
Heiiλ5411 120−82+262 70
−56
+37 70
−56
+37 0.500
−0.050
+0.210 0.80
−0.00
+0.11 1.09/1.09
110−37+56 110
−37
+56
Heiiλ6560 70−38+123 60
−37
+27 60
−37
+27 0.125
−0.101
+0.097 1.08
−0.08
+0.04 1.11/1.11
120−27+37 120
−27
+37
Nivλ7111 70−63+315 65
−64
+50 70
−69
+45 0.975
−0.215
+0.025 0.94
−0.09
+0.26 1.32/1.32
115−50+64 110
−45
+69
2010 Heiiλ4686 70−44+289 145
−49
+35 35
−35
+49 0.400
−0.200
+0.150 0.94
−0.11
+0.05 1.00/1.02
Heiiλ5411 80−55+283 65
−41
+40 70
−46
+35 0.275
−0.105
+0.120 1.10
−0.04
+0.08 1.04/1.04
110−35+46 115
−40
+35
Heiiλ6560 40−40+82 45
−45
+71 50
−50
+66 0.300
−0.300
+0.700 1.06
−0.26
+0.14 1.07/1.04
135−71+45 130
−66
+50
Nivλ7111 80−47+377 25
−25
+34 25
−25
+34 0.775
−0.185
+0.225 1.16
−0.02
+0.04 1.22/1.24
155−34+25 155
−34
+25
Note. — Columns 3-7 list each parameter value with its 1σ uncertainty corresponding to
the extent of the contour level. Bline is expressed in gauss while i0 and β are in degrees. The
reduced-χ2 value of the best-fitting model and null profile are presented in column 8.
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observations, rotation-independent magnetic configurations [Bline, i0, β] can be
computed in order to determine which configuration yields good posterior proba-
bilities for all observed Stokes V profiles. The set of parameters that provides the
maximum likelihood model is then considered the most probable magnetic config-
uration fitting the data. In this Bayesian statistics approach, we do not constrain
the phases (φ being treated as a nuisance parameter). The inclination angle or the
obliquity angle can vary from 0◦ to 180◦ while the magnetic intensity has an upper
bound at 3 kG. The rotational phase and obliquity both have simple flat priors
and the inclination angle prior is described by a random orientation probability
distribution of the form p(i0) = 0.5 sin(i0). Since the magnetic field strength is a
parameter that can vary over several decades, we need to set an equal probability
per decade while avoiding the singularity at B = 0. Therefore, we used a modi-
fied Jeffreys prior (Gregory 2005; Petit & Wade 2012) with a cut at B = 20 G,
which corresponds to twice the grid step. The computed probability density func-
tions (PDF) marginalized for i0, β and Bline are presented, from top to bottom,
in figure 3.8 for our 2010 observations. The PDFs have been normalized by their
maximum values to facilitate the display. Also, credible regions corresponding to
68.3%, 95.4% and 99.7% of the total posterior probability density (analogous to
the 1σ, 2σ and 3σ contours of a Gaussian-like distribution) appear (superposed) in
shades of green, from dark to pale colors, respectively. To express the best estimates
of model parameters, we present the maximum of the joint posterior probability
density (MAP) and the modes of the marginalized PDF for each parameter. These
are computed for the four strongest lines, for all epochs of observations and are
summarized in Table 3.IX. According to Petit & Wade (2012), MAP and mode
values are not always equal, especially if the probability distribution is complex.
The MAP values generally produce the best fit to the data but do not necessarily
reflect the bulk of each PDFs. On the other hand, the mode of each parameter rep-
resents adequately the bulk of the probability but does not necessarily give a good
fit to the observations. The Bayesian analysis was performed assuming κ-values
found previously when applying the χ2 goodness-of-fit test. We nonetheless verified
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Figure 3.8 Parameter estimation of the split-monopole model from a Bayesian anal-
ysis. Posterior PDFs marginalized for the rotational axis inclination, magnetic
obliquity angle and the magnetic field strength at the line formation zone are pre-
sented from top to bottom, respectively. The 68.3%, 95.4% and 99.7% credible
regions appear (superposed) in shades of green, from dark to pale colors respec-
tively. Here, the Bayesian analysis is applied to the Heii λ4686 emission line Stokes
V profiles recorded in 2010.
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that the same κ-values were obtained through the Bayesian framework by making
no assumptions on the scaling parameter and running the analysis. Since this veri-
fication yielded the same results, we then focused on the parameters describing the
large-scale magnetic split-monopole.
Another useful application of Bayesian statistics resides in testing the plausibil-
ity of one model versus another by computing the so-called odds ratio, O(M1/M0).
It provides a more sensitive diagnostic of the presence of a weak magnetic signature
embedded in noise than the detection probability technique or the longitudinal field
method (Petit & Wade 2012). In this case, we can quantitatively evaluate the plau-
sibility of the magnetic split-monopole hypothesis,M1, by calculating its odds ratio
with the null model, M0, representing the non-magnetic hypothesis (Stokes V =
0). The evidence supporting model M1 is considered very strong when O(M1/M0)
is > 102 ( 100:1), strong when > 101.5 ( 30:1), moderate when > 101 ( 10:1) and
weak when > 100.5 ( 3:1) (Jeffreys 1998). The odds ratios computed from Stokes
V profiles are also summarized in Table 3.X. As a sanity check of these values, the
same analysis was applied to the check spectra N1 and N2.
The Bayesian analysis of individual emission lines in the spectrum of EZ CMa
results, in most applications, in a non-detection. In fact, Tables 3.IX and 3.X
illustrate that field intensities of Bline = 0 are usually preferred to describe the ob-
servations, which is reflected by the associated odds ratio favoring the non-magnetic
hypothesis. The magnetic split-monopole hypothesis is preferred on four occasions,
three of them being part of the 2010 observing run. This could be explained by the
upgrades done on ESPaDOnS through the years, increasing the spectropolarime-
ter efficiency and precision. On the other hand, it could also reflect an intrinsic
change in EZ CMa’s magnetic properties. Although less likely, this hypothesis is
still a possibility given the variable nature of the WR star with epoch (Robert
et al. 1992). Taking into account all nights simultaneously, the odds ratio for the
Heiiλ6560 emission line Stokes V profiles observed in 2009 is ∼ 4 : 1 in favor of
the magnetic hypothesis, while the N1 and N2 profiles are both ∼ 3 : 1 in favor of
the null, non-magnetic hypothesis, as expected. In 2010, the odds ratio is ∼ 5 : 1,
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Table 3.IX. Results of the Bayesian analysis applied to Stokes V observations
Epoch Line MAP estimates Mode estimates χ2ν
Bline i0 β Bline i0 β MAP/Mode/Null
(1) (2) (3) (4) (5) (6) (7) (8) (9)
2005 Heiiλ4686 0 90 0 0+80 85
−35
+45 10
−10
+49 1.04/1.04/1.03
95−45+35 170
−49
+10
Heiiλ5411 0 90 90 0+80 90
−37
+37 90
−45
+45 1.49/1.49/1.46
Heiiλ6560 40 110 70 0+115 85
−31
+41 85
−51
+61 1.07/1.11/1.09
95−41+31 95
−61
+51
Nivλ7111 0 90 90 0+125 90
−35
+35 90
−55
+55 1.04/1.04/1.02
Combined Heii lines 0 90 0 0+40 90
−39
+39 0+42 1.15/1.15/1.15
180 180−42
2009 Heiiλ4686 0 90 90 0+65 90
−38
+38 90
−26
+26 1.11/1.14/1.12
Heiiλ5411 50 75 70 0+120 90
−35
+35 90
−53
+53 1.10/1.10/1.09
Heiiλ6560 70 65 60 80−80+135 75
−22
+52 65
−31
+18 1.06/1.07/1.11
105−52+22 115
−18
+31
Nivλ7111 0 90 90 0+75 90
−38
+38 90
−28
+28 1.34/1.34/1.32
Combined Heii lines 30 125 145 20−20+45 85
−35
+45 10
−10
+49 1.10/1.11/1.10
95−45+35 170
−49
+10
2010 Heiiλ4686 60 145 20 60−60+110 70
−32
+14 10
−10
+43 1.00/1.03/1.02
110−14+32 170
−43
+10
Heiiλ5411 80 110 115 80−80+125 85
−29
+39 80
−38
+58 0.99/1.02/1.04
95−39+29 100
−58
+38
Heiiλ6560 0 90 0 0+60 90
−40
+40 0
−0
+45 1.07/1.07/1.04
180−45+0
Nivλ7111 90 145 175 90−50+165 55
−27
+21 5
−5
+35 1.24/1.40/1.30
125−21+27 175
−35
+5
Combined Heii lines 30 90 75 30−30+55 90
−33
+33 90
−51
+51 1.02/1.02/1.03
Note. — Columns 3-5 present the best estimates for the rotation-independent parameters based on
MAP. The mode values along with their respective uncertainties (based on the 68.3 % credible region)
appear in columns 6, 7 and 8. Bline is expressed in G and angles i0 and β, in degrees. The last column
gives three values of the reduced-χ2 computed for the split-monopole model using MAP estimates, same
model using mode estimates, and null (non-magnetic) profile, respectively. For all epochs of observations,
the Bayesian analysis is applied to the four strongest emission line profiles (individually), as well as to
all Heii lines of that subset (simultaneously).
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Table 3.X. Odds ratio computed for Stokes V , N1 and N2 observations
Epoch Line Log(O(M1/M0))
Stokes V null N1 null N2
(1) (2) (3) (4) (5)
2005 Heiiλ4686 -0.30 -0.33 -0.46
Heiiλ5411 -0.31 -0.34 -0.51
Heiiλ6560 -0.16 -0.47 -0.49
Nivλ7111 -0.18 -0.46 -0.48
Combined Heii lines -0.50 -0.47 -0.64
2009 Heiiλ4686 -0.35 -0.50 -0.17
Heiiλ5411 -0.45 -0.40 -0.49
Heiiλ6560 0.62 -0.54 -0.43
Nivλ7111 -0.26 -0.52 -0.52
Combined Heii lines -0.14 -0.57 -0.49
2010 Heiiλ4686 0.66 -0.53 -0.50
Heiiλ5411 0.23 -0.38 -0.14
Heiiλ6560 -0.35 -0.50 -0.35
Nivλ7111 1.95 -0.32 -0.13
Combined Heii lines 0.00 -0.68 -0.22
Note. — For all epochs of observations, the odds ratio are com-
puted for the four strongest emission lines (individually) and for
all Heii lines of that subset (simultaneously). The values are ex-
pressed in a base-10 logarithm form, i.e. log
(
O(M1/M0)
)
.
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∼ 2 : 1 and ∼ 89 : 1 in favor of the magnetic split-monopole for Stokes V profiles
for the Heiiλ4686, Heiiλ5411 and Nivλ7111 emission lines, respectively. Mean-
while, all odds ratios computed from their respective N1 and N2 profiles favor the
non-magnetic scenario, as expected. It is interesting to note that Bayesian model
comparison, through the calculation of the odds ratio, automatically disadvantages
more complicated models. It has a built-in Occam’s razor implying that simpler
explanations are to be preferred, unless there is sufficient evidence in favor of more
complicated explanations (Gregory 2005). The theorem of Bayes both quantifies
such evidence and determines how much additional evidence is sufficient by assign-
ing a large probability to a more complicated model only if the complexity of the
data justifies the additional complication of the model. Since the expected Stokes
V amplitudes expected for a magnetized stellar wind are at the noise level of our
ESPaDOnS observations, it is not surprising to obtain an odds ratio in favor of a
non-magnetic scenario. Only observations showing larger (in amplitude) and more
clearly organized Stokes V signatures are assessed additional evidence via the cal-
culation of the split-monopole model global likelihood. It is thus interesting to note
the existence (in a few cases) of the odds ratio favoring the magnetic hypothesis
even if the evidence is, in general, weak.
With this method, when a magnetic field is detected, only limited information
can be obtained for angles i0 and β. The magnetic geometry is recovered by the
mode values of the marginalized PDFs (most probable inclination and obliquity),
but the credible regions are too extended to put strong constraints on these pa-
rameters. On average, the field strength (when detected) is 〈Bline〉 = 78
−31
+88 which
is significant at approximately 2.5σ. The latter assumes that the emission lines
considered are formed roughly under the same conditions, in the wind of EZ CMa.
Since it was reported (Herald et al. 2000; Hillier 1987; Schulte-Ladbeck et al. 1995)
that EZ CMa exhibits ionization stratification in its stellar wind, averaging the field
strength from different emission lines is a simplistic way of quantifying the magnetic
intensity. Nonetheless, even if different spectral lines form at different distances for
the star’s surface, their formation zones are quite extended and often overlapping.
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Consequently, 〈Bline〉 should be considered as an order-of-magnitude indication of
the field strength. Hoping that the combination of more observations (from the
same epoch) would yield better constraints on the split-monopole model param-
eters, we combined data from the Heiiλ4686, Heiiλ5411 and Heiiλ6560 emission
lines and performed the Bayesian analysis. These Heii spectral lines (same ionic
species) are roughly formed at the same distance from the stellar core, 8− 10 Rcore
according to Hillier (1987), and should therefore be generated in a similar mag-
netized plasma. In 2009 and 2010, the most probable values for Bline are 20
−20
+45
and 30−30+55, respectively, while for the 2005 observing run, Bline = 0+40 is the most
probable estimate of the field strength (see Table 3.IX). The corresponding odds
ratios (see Table 3.X) are all in favor of the non-magnetic hypothesis which is not
surprising given the weak estimates obtained for the field strength.
3.6 Discussion and conclusions
In this study, we report new magnetic measurements of the Wolf-Rayet star
EZ CMa based on spectropolarimetric observations obtained with ESPaDOnS at
CFHT. Most of the observations and their analysis were undertaken within the con-
text of the Magnetism in Massive Stars (MiMeS) Project. High-resolution circular
polarization measurements allowed us to investigate individual emission lines for
Zeeman-splitting patterns in their Stokes V profiles. Assuming the split-monopole
model of Gayley & Ignace (2010), we propose an upper limit for the magnetic field
strength in the wind of EZ CMa of Bwind ∼ 100 G. It has been previously demon-
strated that EZ CMa, like probably all WR stars, shows the presence of ionization
stratification in is stellar wind (Herald et al. 2000; Hillier 1987; Schulte-Ladbeck
et al. 1995). By fitting a Gaussian profile to the emission lines considered in our
analysis we obtain, on average, half-width at half maximum velocities of 1125, 956,
1056 and 1192 km s−1 for Heiiλ4686, Heiiλ5411 , Heiiλ6560 and Nivλ7111, respec-
tively. Assuming v∞ = 1700 km s
−1 (Hamann et al. 2006) and a velocity β-law, it
is then possible to transform these velocities into radial distances from the stellar
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core.
Typically, the velocity-law index β is set to unity in models simulating a WR
stellar wind (Hamann, Gra¨fener, & Liermann 2006; Sander, Hamann, & Todt 2012).
However, while β = 1 adequately describes the strong acceleration in the inner
part of the wind, the outer part tends toward higher β values (Gra¨fener & Hamann
2005; Le´pine & Moffat 1999; Schmutz 1997). Adopting a single value of β would
thus approximate the entire wind structure whereas the double-β law proposed by
Hillier & Miller (1999) could offer a better match to the overall structure. While
this remains to be clarified in the case of EZ CMa, Hillier (1987) and Schulte-
Ladbeck et al. (1995) have demonstrated that the emission lines considered in
this study form farther out in the wind rather than close to the star’s surface.
Furthermore, Schmutz (1997) showed that the outer velocity structure of EZ CMa
can be approximated by a β-law with β ≥ 3. In any case, we present in Table 3.XI
the different line formation zone radii obtained by adopting both β = 1 and β = 3.
In their model of a magnetized stellar wind, Gayley & Ignace (2010) parameterized
the wind velocity structure as v = r which is better represented by a velocity β-
law using a high power index. This parameterization combined with the work of
Gra¨fener & Hamann (2005), Le´pine & Moffat (1999) and Schmutz (1997) tend to
suggest that a high value of the β-index should be preferred. Consequently, the
discussion below assumes a value of β = 3.
Since the intensity of a split-monopole magnetic field decreases as 1/r2, we
propose a conservative upper-limit for the surface magnetic field strength of B⋆ ∼
5.4 kG For completeness, we also derived B⋆ (as well as other parameters introduced
below) using β = 1 which appears in Table 3.XII. Using this upper-limit for the
surface magnetic field strength and the stellar parameters taken from Hamann
et al. (2006), we find that the wind confinement parameter (ud-Doula & Owocki
2002) is η⋆ ∼ 1.8. The radial variation of η(r) is modeled in terms of a magnetic
power-law index q (=3 for a dipole7) and the velocity-law index β. This allows
7The split monopole configuration assumed to be present in the line formation zones is the
result of a dipolar magnetic field stretched out by the stellar wind.
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Table 3.XI. Emission-line formation zone properties of EZ CMa
Emission line vhwhm Rline (R⋆)
(km s−1) β = 1 β = 3
Heiiλ4686 1125±31 3.0±0.2 7.7±0.5
Heiiλ5411 956±23 2.3±0.1 5.7±0.2
Heiiλ6560 1056±21 2.6±0.1 6.8±0.3
Nivλ7111 1192±28 3.3±0.2 8.9±0.6
Note. — The radial distances (Rline) are com-
puted (according to the velocity β-law) for values
of β = 1 and β = 3. We adopt v∞ = 1700 km s
−1
(Hamann et al. 2006) and we assume that a given
line formation zone is characterized by a wind ve-
locity approximately equal to the averaged half-
width at half maximum velocity (vhwhm) of the
corresponding emission line. R⋆ represents the
stellar core radius.
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us to calculate the Alfve´n radius at which the magnetic and wind energy densities
are equal, η(RA) ≡ 1 (see ud-Doula et al. 2006, Eq.1). According to ud-Doula &
Owocki (2002), this value provides a reasonable estimate for the maximum radius
at which magnetic loops remain closed in a wind outflow, before being eventually
opened into a nearly radial configuration at larger radii. Based on our upper-limit
for the surface magnetic field of EZ CMa, the Alfve´n radius extends to RA ∼ 2.0R⋆
if we adopt β = 3. Within this distance, the flow is channeled toward the magnetic
equator causing shock collisions. MHD simulations by ud-Doula & Owocki (2002)
show that, for a moderate magnetic confinement parameter, η⋆ ∼ 1 the deflection
toward the magnetic equator becomes more pronounced than at low values of η⋆,
with a correspondingly stronger equatorial change in density and radial flow speed.
Even for the weak magnetic case (η⋆ < 1), there is still a noticeable deflection of
the outflow leading to an increased density and a decreased radial flow speed in the
equatorial region. These authors also stipulate that the shock collisions occurring
within closed loops are potentially strong enough to produce hard X-rays while the
stagnated material on top of closed field loops is then pulled by gravity inward,
back onto the star.
Using the stellar parameters of EZ CMa modeled by Hamann et al. (2006)
and an equatorial velocity (veq ∼ 40 km s
−1 ) computed by St-Louis et al. (2009)
assuming the 3.766-day period is the rotation period, we can calculate the rota-
tion parameter W = veq/vcrit ≃ 0.03 and the Kepler (corotation) radius RKep =
W−2/3R⋆ ≃ 9.5R⋆. For any material trapped on magnetic loops inside the Kepler
radius, the outward centrifugal support is less than the inward pull of gravity (ud-
Doula et al. 2008). In other words, when R⋆ < RA < RKep, much of the material
(compressed into clumps) is too dense to be line-driven and falls back toward the
star. Consequently, the transient suspension of trapped material in closed loops
establishes a dynamical magnetosphere(DM) as opposed to when RA > RKep > R⋆,
in which case the rotationally supported, magnetically confined material accumu-
lates to form a centrifugal magnetosphere (CM; Petit et al. 2013). EZ CMa falls
in the former domain and if there is indeed a weak, split monopolar magnetic field,
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the effects of rotation are most likely limited to some modest, transient enhance-
ment in equatorial density and overall mass-loss rate, relative to non-rotating cases.
Beyond the Alfve´n radius and into the more open field flow, the channeling could
also be sufficient to deflect the flow toward the magnetic equator and possibly pro-
duce oblique shocks. If strong enough, these shocks could create moderate density
enhancements and potentially generate X-rays. These MHD simulations were not
specifically intended to obtain a portrait of the magnetized stellar wind of a WR
star, but combined with the upper-limits found for EZ CMa, they provide an inter-
esting groundwork for interpreting the intrinsic variability of the star, which could
be the result of surface magnetic fields perturbing its inner stellar winds.
Due to the intrinsic instability of the line-driving mechanism for radiative stellar
winds (Dessart & Owocki 2003; Feldmeier et al. 1997; Runacres & Owocki 2002),
massive stars are generally luminous in X-rays, with a canonical value for early
OB stars of LX > 10
−7.2L⋆ (Berghoefer et al. 1997; Gagne´ et al. 2011; Naze´ et al.
2011). Cassinelli & Swank (1983) proposed two sources of X-ray emission: X-rays
that arise from fragmented shocks in the wind and X-rays from very hot, probably
magnetically confined loops, near the base of the wind. The latter scenario was
studied by Babel & Montmerle (1997). Based on a magnetically confined wind
shock (MCWS) model, they predicted that a collision between the wind compo-
nents from the two hemispheres in the closed magnetosphere leads to strong shocks
and characteristic X-ray emission. More precisely, several predictions can be di-
rectly compared with observations: (1) the hottest plasma should be located at a
few stellar radii from the stellar surface where the wind streams collide; (2) the
X-ray emission lines should be rather narrow, because the hot plasma is nearly sta-
tionary; (3) magnetic stars should be more X-ray luminous than their nonmagnetic
counterparts of similar spectral type; (4) the X-ray spectrum of magnetic stars
should be harder than that of non-magnetic stars, with the bulk of the hot plasma
at the hottest temperature; and (5) the X-ray emission should be modulated peri-
odically as a consequence of the occultation of the hot plasma by a cool torus of
matter, or by the opaque stellar core. When magnetic O stars are considered, it
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Table 3.XII. Magnetic and line-emission zone parameters of EZ CMa
Parameters β-law velocity structure
β = 1 β = 3
Rline (R⋆) ∼ 2.8 ∼ 7.3
B⋆ (kG) ∼ 0.8 ∼ 5.4
η⋆ ∼ 0.04 ∼ 1.8
RA (R⋆) ∼ 1.0 ∼ 2.0
Note. — Parameters Rline, B⋆, η⋆
and RA are computed for the velocity-
law indices β = 1 and β = 3. The
radii Rline and RA correspond to the av-
erage of the line-formation zone distances
from the stellar surface (typically where
Bwind ∼ 100 G) and to the Alfve´n ra-
dius, respectively. B⋆ is the magnetic
field strength at the stellar core and η⋆
is the wind confinement parameter as de-
scribed by ud-Doula & Owocki (2002).
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appears that only one star, θ1 Orionis C (Donati et al. 2006a), displays properties
that are fully compatible with the predictions of the MCWS model. The X-ray ob-
servations of other magnetic O stars led to perplexing results: while some comply
to the predictions of the magnetically confined wind model, others do not. Overall,
the X-ray properties of O-type stars are diverse. Strong, hard, and variable X-ray
emission may be a sufficient attribute of magnetic massive stars, but it is not a
necessary one (Oskinova et al. 2011a,b). Consequently, it seems at first glance that
luminous, hard and variable X-ray emission could be a proxy for magnetism in mas-
sive stars even if these properties are not always present in those stars. Petit et al.
(2013) compiled a comprehensive list of O stars for which magnetic fields have been
convincingly detected via the Zeeman effect and classified their magnetospheres.
As all these stars show some level of overluminosity (log(LX/L⋆) > −6.7), they
proposed that a potential explanation for the X-ray emission enhancement in CMs
is the centrifugal acceleration for fast rotators, which contributes by propelling the
confined material up the magnetic loop leading to stronger shocks than what could
be achieved by radiative acceleration alone like in a DM. Studying the X-ray emis-
sion could thus provide a different perspective on the structure and dynamics of
magnetospheres, and the shock physics occurring in both DMs and CMs. While
our understanding of the connection between X-rays and magnetism in OB stars is
progressing, the X-ray emission from Wolf-Rayet stars, the evolved descendants of
O-type stars, remains enigmatic. Because their dense winds are much more opaque
to X-rays than those of O stars, one may thus naively expect WR stars to be less
X-ray bright than their progenitors. Also, because of their large mass-loss rates,
even small values of η∗ require generally large magnetic field strengths. Yet, some
WR stars are X-ray sources (Ignace et al. 2003; Skinner et al. 2010), while others
remain undetected despite low upper limits on LX (Gosset et al. 2005).
Even if the global magnetic field of EZ CMa is likely too weak to generate a CM
which would take the form of a thin, dense, slowly outflowing disk at the magnetic
equator, it could be the seed of CIRs thought to be present in the wind of this
star (e.g. St-Louis et al. 1995). Deflection of the wind outflow toward the magnetic
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equator past the Alfve´n radius and the resulting shock collisions could also offer an
explanation for the occasional flare-type variability (Duijsens et al. 1996; Matthews
et al. 1992) and X-ray emission (Georgiev et al. 1999; Skinner et al. 2002; Willis
et al. 1994). Furthermore, based on the work of ud-Doula & Owocki (2002), a
B⋆ ∼ 5 kG could perturb the inner wind of EZ CMa and thus explain the dynamic
changes in the large electron-density distribution and geometry proposed by Robert
et al. (1992).
Additionally, if we assume that the magnetic field is effectively channeling the
rotating wind, the above-mentioned results are consistent with the work of Harries,
Hillier, & Howarth (1998) and Harries et al. (1999). These authors argue that the
observed continuum (linear) polarization behavior could result from a combination
of wind flattening and corotating regions that would generate variable, large-scale
structures in the stellar wind. They also state that the observed continuum polar-
izations of EZ CMa can be matched by models with equator:pole density ratios of
2-3, typical of WR stars showing a reduction in linear polarization at emission-line
wavelength. Furthermore, they propose that the most obvious mechanism for pro-
ducing these large-scale structures is a global, corotating magnetic field. As we are
only able to place an upper limit to the magnetic field rather far out in the wind,
our result is compatible with such a flattening in the continuum forming region
of the wind, closer to the stellar core. As discussed above, if a DM exists within
the Alfve´n radius, it could produce a non-spherically symmetric electron density
distribution that polarizes the continuum radiation but that is not detected in the
line forming region further out in the wind. More observational data are necessarily
needed to confirm whether or not EZ CMa harbors a magnetic field that could gen-
erate such an increase in density toward the magnetic equator (cf. Harries, Hillier,
& Howarth 1998).
The magnetic field upper limit set in this paper needs to be considered with
care. We do not infer the presence of a magnetic field in EZ CMa since the evi-
dence supporting that statement is not strong enough. If a Zeeman signatures is
present in our recorded Stokes V observations, their detection is at the limit of
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ESPaDOnS’ capabilities and are mostly embedded in noise. Indeed, the majority
of our nightly Stokes V profiles (from different emission lines) seem to be compat-
ible with a null, non-magnetic profile. Eye inspection of those profiles, at different
levels of binning, does not show the typical s-wave pattern expected for a magne-
tized wind and statistical tests applied to these signatures confirm a preference for
the non-magnetic hypothesis. On the other hand, a few observed Stokes V profiles
do show organized patterns that fit well the split-monopole predictions. Although
we cannot completely neglect the possibility of noise randomly taking the form of
a magnetic signature, this scenario is unlikely since we put the raw data through
a binning algorithm (to increase the S/N) which would average out random noise
centered at zero. Numerical tests done on synthesized, null profiles aﬄicted by ran-
dom noise similar to that present in the observations confirm this. If what appears
to be an organized magnetic signature is not intrinsic to EZ CMa, it is probably
due to spurious polarization coming from the polarimetric module of ESPaDOnS.
However, the observations offering the strongest evidence for a magnetic detection
were mostly recorded in 2010, i.e. after the spectropolarimeter had been success-
fully upgraded with better optical components and when the cross-talk level was
below 1%.
Another, perhaps more natural, explanation for the lack of systematic signif-
icant detections could be directly related to EZ CMa’s magnetic properties. If,
during its 3.766 day rotation cycle, a favorable orientation (with respect to the ob-
server) of the magnetic pole happens rarely, then the field component responsible
for the longitudinal Zeeman effect would be too weak for any circular polarization
to be detected. Assuming a weak magnetic field, the majority of the Stokes V pro-
files would not have large enough amplitudes to be distinguished from noise. On
occasions though, the geometry of the field could allow the star to be observed at
a more favorable orientation therefore producing a detectable Stokes V signature.
In this scenario, the simultaneous analysis of several consecutive nights of obser-
vations would lower the odds of a positive detection since most of the observed
circular polarization profiles would favor the non-magnetic hypothesis. In addi-
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tion, if EZ CMa was at a phase (when observations were made) of low magnetic
activity, as proposed by Duijsens et al. (1996), then the odds of making positive
detection are consequently lowered. The fact that we obtain some evidence, al-
though weak, favoring the split-monopole model over the non-magnetic hypothesis
when simultaneously analyzing Stokes V profiles recorded on consecutive nights,
should be noted and should encourage the acquisition of new observations, prefer-
ably of even higher quality. At this point, a fundamental question arises. Could
the detected circular polarization be due to some other process rather than being
magnetic in origin? One conceivable possibility is multiple scattering even if the
simple scattering process yields linear polarization. Circular polarization can actu-
ally be the result of multiple scattering of polarized radiation by non-spherical dust
grains (Wolf, Voshchinnikov, & Henning 2002). However, in the case of electron
scattering which completely dominates in hot-star winds, multiple scattering will
always lead to linear polarization (see van de Hulst 1981) and in any case, there is
no evidence for dust being generated in the wind of this WR star.
The split monopolar configuration considered in this paper was chosen because
of its generic character in a dense, radial stellar wind (Gayley & Ignace 2010). It
represents a field with a high degree of symmetry which is a natural assumption
when rotation is not playing a central role. However, the wind of EZ CMa shows ev-
idence of a departure from spherical symmetry (Morel et al. 1998; Schulte-Ladbeck
1994; St-Louis et al. 1995) in which rotation appears to be dynamically important.
Taking this into account, Gayley & Ignace (2010) propose a possibility for magnetic
detections in hot-star winds to result from aspherical pockets of intense emission
from structures in the wind, rather than from smooth radial fields. Their analysis
does not consider stellar occultation or emission from the stellar photosphere but
this is likely negligible since the emission lines studied in this paper are formed far
out in the wind. Also, the split-monopole model does not account for clumping
but the authors argue that it would likely not have a significant impact on the
degree of polarization. It might even generate a local increase in B, depending
on the dynamics of the clumping process, by increasing the field detectability in
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pockets where emission is especially strong. The absence of significant detections
at all phases for a given emission line or for all spectral lines on a given night
could perhaps be explained by the presence of clumps or dense pockets of material
flowing into the emission-line formation zones and generating a local increase of
the magnetic field. It would explain why magnetic signatures (on a given night)
seem to appear within certain Stokes V line profiles while, most of the time, ev-
idence supports the non-magnetic scenario. The chaotic and turbulent nature of
WR winds would make this process random and thus, a better understanding of
the dynamics of line emission in such strong stellar winds would help predict the
presence of circular polarization in observed data.
In summary, if EZ CMa has a large-scale magnetic field resembling a split-
monopole configuration far out in the wind (at v ∼ 1000 km s−1), we propose an
upper-limit of Bwind ∼ 100 G which translate into B⋆ ∼ 5 kG at the stellar surface
for velocity law index β ∼ 3. New, better quality observations would certainly
help to understand the true magnetic nature of EZ CMa and the mechanisms
responsible for the circular polarization signatures observed occasionally in this
study, if the latter are indeed intrinsic to the star. With higher S/N observations,
the analysis of weak emission lines (e.g. higher members of the Pickering series
such as Heiiλ4100, Heiiλ4200 and Heiiλ4339) could help detect the presence of a
magnetic field because these lines are formed closer to the stellar surface where,
if present, the field is much stronger. In the present study, the observed Stokes
V profiles of weak lines, especially of higher ionization level, are unfortunately
dominated by noise and do not show any magnetic signature. We believe that
attaining a higher S/N in those emission lines would thus help set more stringent
limits to the magnetic field of EZ CMa as we would be sampling its inner wind.
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3.7 Appendix
3.7.1 Mueller matrix calculus for the ESPaDOnS polarimeter
The purpose of this section is to predict, via Mueller matrix calculus, the conse-
quence of angular errors on the positions of the Fresnel rhombs in the ESPaDOnS
polarimeter. Deviations from the theoretically prescribed orientations can poten-
tially produce cross-talk between Stokes parameters Q and U , and Stokes V null
profiles Stokes NV,1 and NV,2.
After passing through the aperture hole (pierced mirror) at the f8 Cassegrain
focus of CFHT, a beam of light goes through a triplet lens (to make it parallel) and
the polarization optics (three Fresnel rhombs and one Wollaston prism). Specifi-
cally, the beam goes through the following successive optical elements: a λ/2-rhomb
(rotatable), a λ/4-rhomb (fixed), a λ/2-rhomb (rotatable) and a Wollaston prism.
3.7.2 Mueller Matrices of Polarizing Elements
To calculate the outcome of an optical path, Mueller calculus requires the ap-
plication of several matrices which must be organized in the appropriate order
(Clarke 2010; Kliger, Lewis, & Randall 1990). Below are the matrices representing
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the optical elements of the ESPaDOnS polarimeter. λ/2-Fresnel rhomb :
Mλ/2 =


1 0 0 0
0 1 0 0
0 0 −1 0
0 0 0 −1


(3.10)
λ/4-Fresnel rhomb :
Mλ/4 =


1 0 0 0
0 1 0 0
0 0 0 1
0 0 −1 0


(3.11)
For a general linear polarizer, such as the Wollaston prism, with its optical axes
rotated by an angle ω from the x-axis of a right-handed Cartesian frame, the Mueller
matrix is given by:
Pω =
1
2


1 cos(2ω) sin(2ω) 0
cos(2ω) cos2(2ω) cos(2ω) sin(2ω) 0
sin(2ω) cos(2ω) sin(2ω) sin2(2ω) 0
0 0 0 0


(3.12)
In the reference frame, the light beam travels along the z-axis and the x− y plane
is perpendicular to direction of propagation. Angle ω is positive and is measured
anti-clockwise, as seen looking against the direction of propagation.
ESPaDOnS is designed to record two orthogonal spectra, side-by-side, on its
CCD detector. The first one corresponds to the ‖ beam of light (ω = 0◦) and
the second spectra, to the the ⊥ beam of light (ω = 90◦). From equation 3.12,
two Mueller matrices can be calculated for the two components emerging from a
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Wollaston prism. Wollaston ordinary beam (‖):
M‖ =
1
2


1 1 0 0
1 1 0 0
0 0 0 0
0 0 0 0


(3.13)
Wollaston extraordinary beam (⊥):
M⊥ =
1
2


1 −1 0 0
−1 1 0 0
0 0 0 0
0 0 0 0


(3.14)
Equations 3.13 and 3.14 assume that the Wollaston prism exhibits perfect trans-
mission. If transmission happens to be different from the ideal case, the matrices
should be multiplied by coefficients (< 1) to allow for this.
The individual matrices above represent the different elements of the polariza-
tion analyzing device of ESPaDOnS but they do not account for their orientation,
when applicable. For instance, a λ/2-Fresnel rhomb with a horizontal transmission
axis has a different Mueller matrix from the same rhomb which is turned by some
degrees. The Stokes vector representing the beam of light is expressed in a particu-
lar reference frame and, to determine the effect of any polarizing element, it is first
necessary to set the description of the polarization to the frame corresponding to
the principal axes of the device (Clarke 2010). Thus, the operation of a rotatable
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λ/2-Fresnel rhomb, say, may be represented by


Io
Qo
Uo
Vo


= [R(−θ)][Mλ/2][R(θ)]


Ii
Qi
Ui
Vi


(3.15)
where the indices o and i stand for output and input, respectively. In the above
example, the third 4×4 matrix rotates the output Stokes vector back to the original
reference frame. Rotation of the direction of vibration of the linear polarization or
of the major axis of the polarization ellipse can be expressed as:
Rθ =


1 0 0 0
0 cos (2θ) sin (2θ) 0
0 − sin (2θ) cos (2θ) 0
0 0 0 1


. (3.16)
Positive θ is measured anti-clockwise from the x-axis towards the y-axis as seen
looking against the z-direction (Clarke 2010).
In calculating the outcome of ESPaDOnS polarimeter optics, Mueller calculus
requires the application of several matrices in combination which must be organized
in the correct order. Following matrix algebra, we can calculate the four Stokes
parameters outputted by the polarimeter with the equation below:


Io
Qo
Uo
Vo


= [P ]


Ii
Qi
Ui
Vi


(3.17)
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where
[P ] = [Wollaston][R(−φ)][Mλ/2][R(φ)][Mλ/4][R(−θ)][Mλ/2][R(θ)] . (3.18)
Here, θ and φ are respectively the angle of the first and second λ/2-rhomb and the
[Wollaston] matrix stands for both the parallel and perpendicular components. So
if one wants to calculate the ordinary component, [Wollaston] = [M‖], and for the
extraordinary component of the output beam, [Wollaston] = [M⊥]. Equations 3.19
and 3.20 present the polarization matrix of ESPaDOnS for both components:
P‖ =
1
2


1 a 2b 2c
1 a 2b 2c
0 0 0 0
0 0 0 0


(3.19)
P⊥ =
1
2


1 −a −2b −2c
−1 a 2b 2c
0 0 0 0
0 0 0 0


(3.20)
where
a = (cos2(2φ)− sin2(2φ))(cos2(2θ)− sin2(2θ)) (3.21)
b = (cos2(2φ)− sin2(2φ)) cos(2θ) sin(2θ) (3.22)
c = − cos(2φ) sin(2φ) (3.23)
Following the double-ratio method described by Donati et al. (1997), four expo-
sures using each a different combination of θ and φ are used to calculate Stokes
parameters Q, U and V . The general expressions for the parallel and perpendicular
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components of the intensity beam are described in equation 3.24 and 3.25.
I
‖
θ,φ =
1
2
I +
1
2
((
cos2(2φ)− sin2(2φ)
)(
cos2(2θ)− sin2(2θ)
))
Q+ ...
+
((
cos2(2φ)− sin2(2φ)
)
cos(2θ) sin(2θ)
)
U + ...
−
(
cos(2φ) sin(2φ)
)
V (3.24)
I⊥θ,φ =
1
2
I −
1
2
((
cos2(2φ)− sin2(2φ)
)(
cos2(2θ)− sin2(2θ)
))
Q+ ...
−
((
cos2(2φ)− sin2(2φ)
)
cos(2θ) sin(2θ)
)
U + ...
+
(
cos(2φ) sin(2φ)
)
V (3.25)
To measure Stokes V , the four different combinations8 of θ and φ are:
1. θ = 0◦, φ = 67.5◦
2. θ = 90◦, φ = 22.5◦
3. θ = 45◦, φ = 22.5◦
4. θ = 135◦, φ = 67.5◦
In the end, two spectra (I
‖
θ,φ and I
⊥
θ,φ) are recorded side-by-side on the detector and
are described as follows, depending on θ and φ, by the equations below.
I
‖
0,67.5 =
1
2
(I + V ) I⊥0,67.5 =
1
2
(I − V ) (3.26)
I
‖
90,22.5 =
1
2
(I − V ) I⊥90,22.5 =
1
2
(I + V ) (3.27)
I
‖
45,22.5 =
1
2
(I − V ) I⊥45,22.5 =
1
2
(I + V ) (3.28)
I
‖
135,67.5 =
1
2
(I + V ) I⊥135,67.5 =
1
2
(I − V ) (3.29)
With these equations, we can calculate the normalized Stokes V parameter along
8See the PhD thesis of Veronique Petit (Petit 2011)
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with its two null spectra with
V
I
=
RV − 1
RV + 1
, (3.30)
NV,1
I
=
RN1 − 1
RN1 + 1
, (3.31)
NV,2
I
=
RN2 − 1
RN2 + 1
, (3.32)
where RV , RN1 and RN2 are defined by
RV =
4
√√√√√
I0,67.5‖
I0,67.5⊥
·
I135,67.5‖
I135,67.5⊥
I90,22.5‖
I90,22.5⊥
·
I45,22.5‖
I45,22.5⊥
, (3.33)
RN1 =
4
√√√√√
I0,67.5‖
I0,67.5⊥
·
I45,22.5‖
I45,22.5⊥
I90,22.5‖
I90,22.5⊥
·
I135,67.5‖
I135,67.5⊥
, (3.34)
RN2 =
4
√√√√√
I0,67.5‖
I0,67.5⊥
·
I90,22.5‖
I90,22.5⊥
I45,22.5‖
I45,22.5⊥
·
I135,67.5‖
I135,67.5⊥
. (3.35)
One can then explore how an angular error on θ and φ can affect the values of I
‖
θ,φ
and I⊥θ,φ. Applying a 3rd-order multivariate Taylor expansion on, say, I
‖
90,22.5, we
get:
I
‖
∆θ=90,∆φ=22.5
≃
1
2
(I − V )− 1.5× 10−10Q+∆φ=22.5(−2Q+ 1.4× 10
−9V ) + ...
−6× 10−10∆θ=90U + 1.2× 10
−9∆2θ=90Q+ ...
−8∆θ=90∆φ=22.5U +∆
2
φ=22.5(2.7× 10
−9Q+ 4V )
where ∆τ=t = τ
′ − t are the angular errors on the Fresnel rhombs orientations,
expressed in radians (τ ′ and t being the instrumental and theoretical orientations,
respectively). For example, ∆φ=67.5 = φ
′ − 67.5◦, expressed in radians. Neglecting
terms with coefficients of order 10−9 or less, the full set of spectra recorded can be
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expressed as
I
‖
∆θ=0,∆φ=67.5
=
1
2
(I + V ) + 2∆φ=67.5Q+ 8∆φ=67.5∆θ=0U − 4∆
2
φ=67.5V (3.36)
I⊥∆θ=0,∆φ=67.5 =
1
2
(I − V )− 2∆φ=67.5Q− 8∆φ=67.5∆θ=0U + 4∆
2
φ=67.5V (3.37)
I
‖
∆θ=90,∆φ=22.5
=
1
2
(I − V )− 2∆φ=22.5Q− 8∆φ=22.5∆θ=90U + 4∆
2
φ=22.5V (3.38)
I⊥∆θ=90,∆φ=22.5 =
1
2
(I + V ) + 2∆φ=22.5Q+ 8∆φ=22.5∆θ=90U − 4∆
2
φ=22.5V (3.39)
I
‖
∆θ=45,∆φ=22.5
=
1
2
(I − V ) + 2∆φ=22.5Q+ 8∆φ=22.5∆θ=45U + 4∆
2
φ=22.5V (3.40)
I⊥∆θ=45,∆φ=22.5 =
1
2
(I + V )− 2∆φ=22.5Q− 8∆φ=22.5∆θ=45U − 4∆
2
φ=22.5V (3.41)
I
‖
∆θ=135,∆φ=67.5
=
1
2
(I + V )− 2∆φ=67.5Q− 8∆φ=67.5∆θ=135U − 4∆
2
φ=67.5V (3.42)
I⊥∆θ=135,∆φ=67.5 =
1
2
(I − V ) + 2∆φ=67.5Q+ 8∆φ=67.5∆θ=135U + 4∆
2
φ=67.5V . (3.43)
From these, we can see that the calculation of RV , RN1 and RN2 does not yield the
same results as in equations 3.33 through 3.35. In particular, RN1 and RN2 do not
equal one as they are design to be. Hence, the presence of errors on the orientations
of the Fresnel rhombs could potentially yield cross-talk effects NV,1 and NV,2 from
Stokes Q and U . For example, an error of ±1◦ on each position of the two Fresnel
rhombs, in the first sub-exposure only, yields ±0.035Q and ±0.002U to enter the
calculation of RNV,1 and RNV,2 . Even though the cross-talk model presented in
Section 3.4 is over-simplified to adequately characterize the effects of cross-talk on
observed NV,1 and NV,2 profiles, it still offers a good approximation. For example,
using the values presented in Table 3.IV, parameters αλ and βλ (on top of the
Heiiλ4686 emission line, λ ∼ 468.8 nm) are, for the 2010 dataset, α = −0.013 and
β = −0.012 within the NV,1 line profile and α = −0.023 and β = −0.005 within
the NV,2 line profile. Similar values (order-of-magnitude) are obtained for the 2005
and 2009 observations.
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Abstract
With recent detections of magnetic fields in some of their progenitor O stars,
combined with known strong fields in their possible descendant neutron stars, it
is natural to search for magnetic fields in Wolf-Rayet stars, despite the problems
associated with the presence of winds enhanced by an order of magnitude over
those of O stars. We continue our search among a sample of eleven bright WR
stars following our introductory study in a previous paper of WR6 = EZ CMa
using the spectropolarimeter ESPaDOnS at CFHT, most of them in all 4 Stokes
parameters. This sample includes 6 WN stars and 5 WC stars emcompassing a
range of spectral sublasses. Six are medium/long-period binaries and three show
corotating interaction regions. We report no definite detections of a magnetic field
in the winds in which the lines form (which is about the same distance from the
center of the star as it is from the surface of the progenitor O star) for any of the
eleven stars. Possible reasons and their implications are discussed. Nonetheless,
the data show evidence supporting marginal detections for WR134, WR137 and
WR138. According to the Bayesian analysis, the most probable field intensities
are B ∼ 200, 130 and 80 G, respectively, with a 95.4% probability that the mag-
netic fields present in the observable parts of their stellar wind, if stronger, does
aDe´partement de physique, Universite´ de Montre´al and Centre de Recherche en Astrophysique
du Que´bec (CRAQ), C.P. 6128, succ. centre-ville, Montre´al (Que´bec), H3C 3J7, Canada
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not exceed Bmaxwind ∼ 1900 G, ∼ 1500 G and ∼ 1500 G, respectively. In the case
of non-detections, we report an average field strength upper-limit of Bmaxwind ∼ 500 G.
Keywords :magnetic field — polarization — stars: early-type — stars: Wolf-Rayet
— techniques: polarimetric
4.1 Introduction
Despite their relatively small numbers, massive stars are arguably the most in-
fluential contributors to the ecology of the Universe. Born with an initial mass
larger than ∼ 25M⊙
1, these objects are the hottest (> 20kK) and most luminous
(> 105L⊙) of the stellar population. As a consequence, they inject large numbers
of ionizing photons and particles into the surrounding medium via their dense, su-
personic stellar winds. Moreover, they can also be the progenitors of supernovae,
neutron stars, black holes and possibly gamma-ray bursts. Though short-lived
(< 107 yrs), hot massive stars have a profound impact on their host galaxies, stir-
ring the interstellar medium, producing heavy elements, and thus driving galactic
evolution throughout the history of the Universe (Mac Low et al. 2005). It is also
believed that, even before or while galaxies formed, massive stars played a crucial
role in reionizing the Universe, with important consequences for its subsequent evo-
lution (Haiman & Loeb 1997). Thus, improved knowledge of these stellar objects
at all stages of their evolution is crucial for a full understanding of their impact.
In recent years, a lot of effort has been expended on research on massive stars to
properly model their observed properties. Among these, the effects of stellar winds,
rotation, and surface chemical composition have occupied center stage. Most re-
cently, another phenomenon has been getting more and more attention from the
scientific community: stellar magnetic fields. The most recent models predict signif-
icant consequences of magnetic fields on massive-star evolution (Maeder & Meynet
1Sometimes massive stars are referred to as those with masses above ∼ 8M⊙ that explode as
core-collapse or pair-instability supernovae. Here we limit ourselves to those massive stars that
also blow strong winds, starting as O stars on the main sequence and evolving into He-burning
WR stars.
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2005) and on the structure and dynamics of the powerful radiative stellar wind
(Sundqvist et al. 2012; ud-Doula & Owocki 2002). Consequently, magnetic O stars
are expected to evolve differently from their non-magnetic counterparts. Further-
more, it was shown that the relative distribution of magnetic fluxes of magnetic A
and B stars resembles that of white dwarfs and neutron stars (e.g. Ferrario & Wick-
ramasinghe 2006; Ruderman 1972; Tout et al. 2004), despite their widely different
mean values for each group. So far, the flux-conservation model is the only one
that is sufficiently elaborate to allow confrontation with observations (Walder et al.
2012). This model suggests that the magnetic flux is generated on or even before
the main sequence and most of it is conserved during stellar evolution, including the
very last stages, and subsequently inherited by the stellar remnant. If this can be
extrapolated to more massive stars, it could indicate that probably all massive OB
stars and their descendants, Wolf-Rayet (WR) stars, are magnetic to some extent,
at least at birth. However, surface magnetic fields in the earliest, most massive
stars were detected only recently. More troubling is the fact that only a handful
of O stars are now known to be magnetic, while no definitive magnetic field has
ever been detected in a WR star so far. There is thus a wide gap in our knowledge
of the origin and evolution of magnetic fields from main sequence O-type stars to
their evolved counterparts. Equally important but not fully understood are the
consequences (for stellar evolution and the ambient medium) of such fields. Even
weak magnetic fields in the stellar interior are expected to influence how massive
stars evolve, while sufficiently strong surface fields could offer an explanation for
various pieces of observational evidence pointing to structures originating at the
stellar surface or at some distance from the star (see the review by Walder et al.
2012). To capture a clearer portrait of their magnetic properties, massive stars
need to be investigated in more detail, individually and statistically, as an evolving
stellar population. It will then be possible to assess if magnetic fields in massive
stars are ubiquitous or if their magnetism manifests itself in only a small range of
spectral types, at a certain age, or in a special environment.
This work focuses on the He-burning phase of the most massive stars with the
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goal of directly detecting the presence of a magnetic field through Zeeman signa-
tures in circular polarimetry2. The WR phase lasts about 10% of the O-type main
sequence phase (i.e several 105 years) and provides a key link to the immediately
following supernova explosion. WR stars are divided into three groups: WN, WC,
and WO, which refer to spectra dominated by nitrogen, carbon, or oxygen lines, re-
spectively, in addition to helium (see Crowther 2007). In the evolutionary sequence
of hot, massive stars, WC and WO objects are generally expected to correspond
to later stages than WN stars, which would explain their more metal-rich compo-
sition. However, the evolution of WR stars is still quite obscure. New evolutionary
scenarios have been proposed in the past years (e.g. Sander et al. 2012) and the
fate of a hot, massive star would depend on its initial mass, initial rotation rate,
binarity and metallicity.
WR stars have mass-loss rates (∼ 10−5M⊙yr
−1) on average ten times larger
than those of their O-type progenitors. Their winds, denser and enriched in met-
als, are much more opaque than those of O stars, especially in the case of WC
stars, making the stellar surface unobservable. Moreover, the wind momentum
flux (M˙v∞) of WR stars ranges up to ∼ 20 times the photon momentum flux
available to drive the winds via single scattering (Hamann, Gra¨fener, & Liermann
2006; Sander, Hamann, & Todt 2012), thus stretching to the limit any model of
radiation-pressure, line-driven winds. A hybrid model where rotation and magnetic
fields would join forces with the radiation field to initiate and drive the strong
outflows observed in WR stars (Dos Santos, Jatenco-Pereira, & Opher 1993) was
proposed to explain this so-called momentum problem. Magnetic fields have also
been proposed to explain the cyclical behaviour of WR stars. Indeed, Corotating
Interaction Regions (CIRs), possibly of magnetic origin (Cranmer & Owocki 1996;
Harries 2000), present in a perturbed wind often provide a coherent explanation
of the observed variability (e.g. see Chene´ & St-Louis 2011; Morel et al. 1997;
St-Louis et al. 2009, 1995). Furthermore, magnetic fields could also be the cause
2We also obtained linear Q,U spectra of most of our sources, in order to evaluate the effects
of cross-talk and investigate the possibility of asymmetric winds.
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of abundance anomalies (Henrichs 2001; Henrichs et al. 2003) and be a key factor
in the generation of non-thermal and/or hard X-ray emission (Chlebowski 1989;
Drake 1990; Ignace et al. 2003; Skinner et al. 2010).
As mentioned above, some O-type stars, the progenitors of WR stars, are known
to be magnetic. According to the MiMeS3 survey, 6.5% of observed OB stars host
detectable magnetic fields; this incidence rate (based on 311 stars) is essentially
identical amongst O and B-type stars (Wade et al. 2012a, see also Petit & Wade
2012 for a comprehensive list of OB stars for which magnetic fields have been con-
vincingly detected via the Zeeman effect within the MiMeS project). On the other
hand, two others surveys of O-type stars carried out with the FORS1 instrument
show that ∼ 31% (4 out of 13 stars Hubrig et al. 2008) and ∼ 28% (10 out of 36
stars Hubrig et al. 2011) of the targeted stars display a detectable magnetic field at
the 3σ significance level or above. However, concerns have been raised towards the
results of these two surveys. According to Bagnulo et al. (2012), several important
FORS1 discoveries announced in the past are simply not confirmed by the new data
reduction. For example, when reduced with their tools, only one of the four stars for
which Hubrig et al. (2008) reported a detection shows a significant magnetic field;
a detection ratio of ∼ 8% instead of ∼ 31%. These inconsistencies between field
measurements obtained with FORS1 and other instruments exist also when stars
of other spectral types are observed (e.g. Shultz et al. 2012). In all, the magnetic
field detection rate among O-type stars appears to be rougly 7%. The final product
of WR-star evolution in some cases (black holes may be more frequent), neutron
stars, display large magnetic fields, typically with B ∼ 1012−13 G while the braked,
slow-rotating magnetars reach B ∼ 1015 G (e.g. see Thompson, Chang, & Quataert
2004 and Gaensler et al. 2005; Hansen et al. 2004; Reisenegger 2009). Taking the
above into account along with the several indirect pieces of observational evidence,
it is thus reasonable to assume that WR stars are also magnetic with an incidence
rate similar to that observed in their O-progenitors. Nevertheless, magnetism has
not yet been directly detected in these evolved stellar objects.
3http://www.physics.queensu.ca/∼wade/mimes/
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The present study follows our previous work (de la Chevrotie`re et al. 2013,
hereafter Paper 1) in which a detailed, direct search for a magnetic field in a key
Wolf-Rayet star, EZ CMa (WR6 = HD 50896 ) was performed via spectropolarime-
try. No magnetic field was detected in the star with only an upper-limit for its field
strength of Bwind ∼ 100 G (in the observable parts of the stellar wind). Assuming
a split-monopole configuration and a wind-velocity β-law with β = 3, this upper-
limit translates into a surface magnetic field strength with upper-limit of B⋆ ∼ 5.4
kG. EZ CMa is a cyclically variable WN4 star with a demonstrated periodicity of
3.77 days (Lamontagne et al. 1986; Robert et al. 1992; St-Louis et al. 1995) and
the presence of such a field could offer the answer to EZ CMa’s variability related
to rotation of CIRs. However, the analysis of single emission lines in circular polar-
ization does not offer significant and strong enough evidence that the star harbors
a magnetic field. In this paper, we present the results of the search for magnetism
in several other WR stars following the methodology described in Paper 1.
4.2 Observations and data processing
The WR targets were observed with the Canada-France-Hawaii Telescope. For
the purpose of this investigation, we used the high resolution (R∼68000), fibre-
fed ESPaDOnS spectropolarimeter4. The instrument consists of a cross-dispersed
echelle spectrograph and a polarimeter composed of one quarter- and two half-wave
Fresnel rhombs with a Wollaston prism to provide achromatic polarization. It is
capable of obtaining nearly complete coverage of the optical spectrum (370 to 1050
nm) in all four Stokes parameters.
A total of 11 bright Wolf-Rayet stars accessible from Mauna Kea were observed
in 2005 and 2008 (see Table 4.I) in all four Stokes parameters except for two stars
for which only Stokes V was measured (WR1 and WR11, since at the time the
observations were obtained, they were known not to exhibit linear line polarization
above the 0.05% level (Eversberg et al. 1999; Schmidt 1988), which would not
4www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/
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pose any problems with cross-talk using Espadons). For the 2005 observations,
data reduction was carried out using Libre-ESpRIT, a self-contained data reduction
package developed specifically for reducing echelle spectropolarimetric data. This
package was first developed by Donati et al. (1997) and later upgraded in order to
be used specifically with ESPaDOnS. In 2008, data reduction was performed using
CFHT’s reduction pipeline Upena, which is based on Donati’s reduction package
Libre-ESpRIT.
Before measurements of stellar magnetic fields can be performed, a series of
operations (combining individual observations, splicing spectral orders, variable
binning, cross-talk removal) is applied to get the most out of the data and increase
the detectability of a potential magnetic field. In fact, to unambiguously detect
the presence of magnetic signatures, a sufficiently high S/N (∼ 104) is needed
to distinguish the signatures from the noise level, given that the expected field
strength in the winds of WR stars is relatively weak (see Gayley & Ignace 2010;
Ignace & Gayley 2003, and Paper 1). For all observed WR stars, the applied
magnetic analysis is similar to that presented in Paper 1 (to which we refer the
reader for a detailed description of each operation).
4.3 Magnetic field diagnosis
To diagnose the presence of a magnetic field, we looked for the polarimetric
Zeeman effect in single emission lines formed at various distances in the wind, rather
than in the mean of several lines, as is often done to increase the signal-to-noise
in absorption-line stars with many lines formed in the same (photospheric) region.
Generally, we rely on the pattern produced (via magnetic splitting of spectral lines)
in circularly polarized light (Stokes V ) to obtain information on the line-of-sight
component of the magnetic field. From Zeeman signatures, we can thus calculate
the so-called mean longitudinal magnetic field at a given time. However, when the
temporal coverage of the observations allows it, several Stokes V measurements are
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Table 4.I. Journal of observations for all targeted WR stars.
Target Date of observations R.A. 1 Dec. 1 v 1 Spectral type 1 S/N px−1
(UT) (2000) (2000) (mag)
WR1 2005 December 21 00 43 28.40 +64 45 35.4 10.51 WN4 281
WR11 2005 December 21 08 09 31.96 -47 20 11.8 1.74 WC8+O7.5II-III 2 2306
WR111 2008 March 22 18 08 28.47 -21 15 11.2 8.23 WC5 492
2008 March 23 450
WR133 2008 July 30 20 05 57.33 +35 47 18.2 6.70 WN5+O9I 928
WR134 2008 June 25 20 10 14.20 +36 10 35.1 8.23 WN6 495
2008 July 2 394
2008 July 25 471
2008 July 26 478
WR135 2008 June 28 20 11 53.53 +36 11 50.6 8.36 WC8 407
2008 July 1 361
WR136 2008 June 29 20 12 06.55 +38 21 17.8 7.65 WN6(h) 454
2008 July 2 540
WR137 2008 June 29 20 14 31.77 +36 39 39.6 8.15 WC7pd+O9 469
2008 July 2 417
WR138 2008 August 25 20 17 00.03 +37 25 23.8 8.10 WN5+B? 691
WR139 2008 October 18 20 19 32.42 +38 43 54.0 8.10 WN5+O6III-V 505
2008 October 19 797
WR140 2008 August 25 20 20 27.98 +43 51 16.3 7.07 WC7pd+O5.5fcI-III 2 836
2008 October 16 741
Note. — Targeted star, Dates (UT), coordinates, apparent magnitude (in the v band), spectral type (with
references), and corresponding S/N per pixel for all observations. The S/N pixel−1 represents the average of
signal-to-noise ratio values in each 1.8 km s−1 spectral bin within three continuum regions chosen throughout each
nightly spectrum.
1 Right ascension, declination, apparent magnitude and spectral type are taken from van der Hucht (2001b) unless
specified otherwise.
2 For stars WR11 andWR140, spectral types are taken from North et al. (2007) and Fahed et al. (2011), respectively.
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considered simultaneously in order to model the field geometry.
Measurements of magnetic fields in massive stars are mostly based on the cal-
culation of the longitudinal Zeeman shift ∆λB between line center λ0 and the left
(or right) circularly polarized component of a spectral line in the presence of the
magnetic field. Direct measurement of this displacement is possible when the mag-
netic splitting is large enough to break spectral lines into resolved components; i.e.
for sharp lines formed in a B & 10 kG field (Landstreet 1980). WR stars, however,
are characterized by spectra showing broad emission lines and, given the expected
magnetic field strengths for these stars (see Paper 1), the Zeeman shift cannot be
measured directly. For that reason, we used the following methods in hopes of
detecting magnetic fields.
4.3.1 The differential method
As described by Landstreet (1982), the ratio of the Stokes parameter V (λ) to
the line profile intensity in the unpolarized spectrum I(λ) (within the spectral line)
can be expressed as
V (λ)
I(λ)
= −∆λB
1
I(λ)
dI(λ)
dλ
= −
e
4πmec2
geff λ
2
0 Bl
1
I(λ)
dI(λ)
dλ
, (4.1)
where geff represents the effective Lande´ factor, e is the electron charge, λ0 is the
center of gravity wavelength, me is the electron mass and c is the speed of light.
This relation is assumed to be valid both locally and after averaging over the visible
stellar disk.
When the longitudinal field is derived from the comparison of the Stokes V (λ)
profile and the derivative dI(λ)/dλ of the intensity profile, it is accordingly re-
ferred as the differential method. To compute Bl, a linear regression is applied by
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minimizing the chi-square error statistic of the following expression:
χ2 =
∑
i
(yi − Blxi − b)
2
σ2i
, (4.2)
where for each spectral bin i, yi = (V/I)i, xi = −geffλ
2
i e/(4πmec
2)(1/I × dI/dλ)i
and the intercept b is a constant term that approximates the fraction of instrumen-
tal polarization not removed by the reduction pipeline and the crosstalk removal
process (Bagnulo et al. 2002). Generally, the differential method is used for spec-
tra with unresolved spectral lines. Furthermore, a large number of lines have to be
considered simultaneously to reach a good accuracy (Bagnulo et al. 2006).
In Equation (4.1), the center of gravity is calculated via
λ0 =
1
Wλ
∫
I(λ)λ dλ , (4.3)
where Wλ is the equivalent width of the spectral line. The integration ranges are
chosen to be symmetric about the center of gravity of the line and to encompass
all information about the magnetic field in the Stokes V profile while avoiding the
inclusion of excess continuum and line blends outside of the profile. Moreover, the
effective Lande´ factor is computed via the expression
geff = 0.5(g1 + g2) + 0.25(g1 − g2)(J1(J1 + 1)− J2(J2 + 1)) , (4.4)
where g1, g2 and J1, J2 are respectively the Lande´ factors and total angular momen-
tum quantum numbers of the involved levels of the line transition. For the emission
lines considered in this work, the Lande´ factor of a certain level is computed by the
LS -coupling approximate formula
gk = 1 +
Jk(Jk + 1)− Lk(Lk + 1) + Sk(Sk + 1)
2Jk(Jk + 1)
, (4.5)
where Lk and Sk are the orbital angular momentum and spin quantum numbers of
the considered transition level k, respectively.
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4.3.1.1 Limitations of the differential method
The calculation of the mean longitudinal magnetic field in the manner described
above comes with some restrictions (Landstreet 1982; Mathys 1989). Equation
(4.1) should be used for the analysis of single spectral lines that are effectively
unblended and produced by ions that are homogeneously distributed over the stellar
surface. Also, the Zeeman broadening and rotational broadening should be small
compared to the intrinsic line width. In the case of Wolf-Rayet stars, their strong
stellar winds generate very broad lines that often consist of a blend of different
ion species. Even if one ion usually dominates (in intensity) at the wavelength of
interest, contributions from other species can affect the results of the differential
technique. To minimize these, the limits of the spectral range were chosen to only
include the information of the Stokes V profile within the emission line. In first
approximation, the spectral lines observable with ESPaDOnS are homogeneously
distributed over the stellar surface (the radial extent of individual formation zones
is larger than the stellar core radius). However, if different radial distributions are
found for the various ions considered, as appears to be the case for WR stars where
ionization stratification occurs in the stellar wind (Herald et al. 2000; Hillier 1987;
Schulte-Ladbeck et al. 1995), then Equation (4.1) will depend in a different manner
on the spectral line. Finally, another shortcoming of this technique may come from
the process of line formation in the winds of Wolf-Rayet stars. The differential
method is based on several hypotheses (e.g. Milne-Eddington approximation, weak-
line approximation, LTE) that are not relevant for radiation-driven winds from hot
stars. What the exact physical meaning of Equation (4.1) is, in the context of WR
stars, is not clearly established and thus, it cannot a priori be taken for granted
that it is the average over the emitting volume of the line-of-sight component of
the magnetic field. The determination of the mean longitudinal magnetic field
should thus be considered as an approximation of its true value. Mathys et al.
(2000) confirmed that Equation (4.1) yields the correct order of magnitude when
considering Balmer lines of hydrogen, but that the relation must be corrected by a
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factor of 4/5. A similar scenario should be expected for metallic lines. Certainly a
better understanding of spectral line formation in the atmospheres of WR stars and
how Equation (4.1) should be modified for different ions formed in a hot star wind
(where the dominant spectral line broadening mechanism is not rotation) would
help understand the exact physical meaning of the differential method.
4.3.2 The integral method
The integral approach is based on the integration of the Stokes V Zeeman profile
to determine the longitudinal Zeeman shift ∆λB and hence the value of longitudinal
magnetic field Bl (Mathys 1989; Rees & Semel 1979; Wade et al. 2000). It consists of
calculating the first-order moment of the Stokes V profile within the line according
to
Bl = −2.14× 10
11
∫
vV (v) dv
cλ0geff
∫
[Ic − I(v)] dv
, (4.6)
where wavelength λ0 is in nm and v = (λ-λ0)/c corresponds to the Doppler veloc-
ity shift. Here, Bl is expressed in gauss and the uncertainties associated with each
measurement are computed by propagating the error of each spectral bin through
Equation (4.6). The limits of integration associated with Equation (4.6) are de-
termined individually for each emission line profile. While this approach can yield
different ranges (in km s−1) for different spectral lines of the same star, the adjust-
ment of the integration limits optimizes the magnetic detectability to the specific
shape of the line profile. In fact, the limits are chosen to include all information
present in the Stokes V profile while minimizing the contributions due to excess
continuum and line blends outside of the profile.
Typically, computing Bl through the integral method is the conventional ap-
proach used for the detection of magnetic fields in spectra with resolved lines. As
for the differential method, the integral technique comes with some restrictions
(Mathys 1988, 1989). These are described in Paper 1 to which we refer the reader
for further details.
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4.3.3 The χ2 test statistics
Another method used to detect the presence of stellar magnetic fields consists
in calculating the reduced-χ2 relative to zero, inside and outside emission lines for
both Stokes V and N profiles5 (Donati et al. 1997, 1992). Then, reduced-χ2 values
are converted into detection probabilities via the chi-square probability function
p(χ2ν |ν) = P
(ν
2
,
νχ2ν
2
)
, (4.7)
where χ2ν = χ
2/ν represents the reduced-χ2, ν is the number of spectral bins within
the line profile and P denotes the incomplete gamma function. While χ2ν quantifies
how much the Stokes V profile deviates from a flat profile (no magnetic field),
Equation (4.7) gives the probability that some magnetic field is responsible for the
observed circularly polarized data. In other words, p(χ2ν |ν) is the probability that
the non-magnetic hypothesis (V (λ) = 0) cannot account for the Stokes V profile
considered in the calculation of χ2ν . Hence, a very high probability implies that
some magnetic field is detected on the star at the time it was observed.
Specifically, the detection diagnostic follows the criteria presented by Donati
et al. (1997). A circularly polarized signature is definitely detected if the associated
detection probability, PV , is larger than 99.999%. A detection probability between
99.9% and 99.999% corresponds to amarginal detection and below 99.9%, no formal
detection is reported. Moreover, any positive detection across the spectral line is
considered real if the calculated detection probabilities are below 99.9% in the
adjacent continuum as well as in both N profiles. As explained in Paper 1, it is
our opinion that the search for a Zeeman splitting signature by computing the χ2
statistics within individual emission lines would yield a positive detection (PV >
99.999%) only if a strong, organized magnetic signature is present in the data.
5To check the validity of polarization data, Libre-ESpRIT produce two check spectra (N1 and
N2) which are, by design, flat and centered on zero. For more details, see Paper 1.
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4.3.4 Bayesian statistics
In order to detect the presence of a magnetic field in WR stars, we took yet
another approach: fitting a simple model to the data. To this end, we assume
that the split monopole model of Gayley & Ignace (2010) describes adequately the
stellar wind of a WR star threaded with a weak radial magnetic field. In short, a
split monopole is considered under the assumption that a dipolar magnetic field has
been radially stretched out by the hot-star wind. The expected magnetic signature
within an emission line takes the form of a heartbeat profile, showing polarization
reversals at line center and in both wings of the line profile.
Briefly, the model of Gayley & Ignace (2010) can be described by four parame-
ters linked to the magnetic field geometry: (1) the viewing inclination angle of the
stellar rotation axis, i0, (2) the obliquity angle β between the field axis and the
rotation axis, (3) the phase of closest approach of the magnetic pole to the line of
sight, φ0 and (4) the magnetic field intensity at the line formation region, Bline. Ad-
ditionally, in order to account for lines of different widths, one more parameter (κ)
is used to determine the crossover wavelengths of the polarization reversal on each
wing of the line profile. Since circular polarization is only sensitive to the longitu-
dinal component of the magnetic field and because of the intrinsic symmetry of the
split monopole configuration, some degeneracy exists between parameters. In fact,
modulation of the split monopole model is achieved through a phase-dependent
scale factor, Fφ = 1 - sin(iB) , where iB represents the effective viewing inclina-
tion of the field axis at any moment. It is defined as cos(iB) = cos(i0)cos(β) +
sin(i0)sin(β)cos(φ) (Ignace et al. 2011). According to this definition and because
i0 and β are allowed to vary from 0
◦ to 180◦, there exist two pairs of i0 − β values
that generate the same modulating factor Fφ, thus the same Stokes V profile.
In order to place an upper limit on its intensity, to investigate its potential
geometry and to evaluate the plausibility of the split monopole model, we performed
a Bayesian analysis of the spectropolarimetric observations. Following the work of
Petit &Wade (2012), our approach was to use multiple nights of observations (when
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available) to find which set of parameters best reproduce the observations. While
the geometry of the field is phase-independent, each Stokes V observation reflects,
in principle, the phase dependence of the magnetic field. We therefore search for
an adequate set of parameters (i0, β, φ0, Bline and κ) which generate Stokes V
profiles that match all observations of a given emission line. In the case of a single
observation, only the field strength value can be determined. If a limited number of
spectropolarimetric measurements are obtained, Bline still remains the parameter of
interest as only weak constraints can be placed on the other geometrical parameters
(Petit & Wade 2012).
Using this approach, the magnetic geometry can be explored by determining
the mode values of the marginalized probability density functions (PDF) which
represent the most probable values of each parameter. While the inclination and
obliquity angles can vary from 0◦ to 180◦, the phase (φ) is treated as a nuisance
parameter. In addition, the magnetic intensity has an upper bound at 3 kG and
we allow the scale-factor κ to vary by no more than ±20%, sampling its value
from 0.8 to 1.2. The rotational phase, obliquity and scale-factor have all simple
flat priors and the inclination angle prior is described by a random orientation
probability distribution of the form p(i0) = 0.5 sin(i0). Since the magnetic field
strength is a scale parameter that can vary over several decades, we need to set an
equal probability per decade while avoiding the singularity at B = 0. Therefore,
we used a modified Jeffreys prior (Gregory 2005; Petit & Wade 2012) with a cut
at B = 20 G, which corresponds to twice the grid step. When only one night
of observations was obtained, the split monopole model could not be modulated
according to phase. In this case, we assumed a pole-on orientation for the magnetic
geometry with i0 = β = 90
◦ and performed the Bayesian analysis with φ, Bline and
κ as free parameters.
Using Bayesian statistics one can also test the plausibility of the split monopole
model (M1) versus the non-magnetic hypothesis (M0; Stokes V = 0) by computing
the so-called odds ratio, O(M1/M0), equal to the ratio of the posterior probabilities
of the two models. According to Jeffreys (1998), the evidence supporting model
128
M1 is decisive when O(M1/M0) > 10
2 (∼100:1). It is considered very strong when
102 > O(M1/M0) > 10
1.5, strong when 101.5 > O(M1/M0) > 10
1, moderate when
101 > O(M1/M0) > 10
0.5 and weak when 100.5 > O(M1/M0) > 1. A ratio of
100.5 represents only about 3 to 1 odds, and would be hardly worth mentioning in
support of a new magnetic field discovery. When O(M1/M0) ≥ 10
1 (∼10:1), we can
have strong confidence that the data do show the presence of a magnetic signature,
i.e. that the split monopole model results in a better fit than the null profile
does. Ultimately, O(M1/M0) = 10
2 would be regarded as a limit for unconditional
rejection of the non-magnetic hypothesis. For a more rigorous discussion on the
split monopole model applied to WR stars, on its modulation with phase and on
the details of the Bayesian analysis, see Paper 1.
4.3.4.1 Bayesian upper limits
When making statistical inference, there exists two competing philosophies to
analyze data: the Bayesian and the frequentist. The latter is currently the dom-
inating statistical practice in astrophysics (Gregory 2010; Loredo 1992). When a
parameter estimation is needed, the two approaches address the problem with very
different calculations as well as different interpretations of the results. In frequen-
tist inference, the parameter value is regarded as a fixed, but unknown quantity,
without a probability distribution. Confidence intervals are then calculated for this
quantity. These intervals must be interpreted as a range in which the parameter of
interest would occur if new (repeated) observations were to be acquired. Therefore,
confidence intervals really refer to the probability (as defined by relative frequency)
of getting the observed data. While the frequentist approach does not yield an in-
ference about the true possible values of a parameter, Bayesian credible regions are
based on the probability that the parameter lies in a specified range, i.e. Bayesian
methods are based on the idea that unknown quantities have probability distribu-
tions. Bayesian credible regions are thus associated with a parameter rather than
an observation (Loredo 1992).
When a probability density distribution resembling a Gaussian-like shape is
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computed, regions enclosing a certain percentage of the total probability, namely
68.3, 95.4 and 99.7 per cent, are commonly used to express frequentist confidence
intervals. When the distribution is Gaussian, the 95.4% and 99.7% regions are
respectively, twice and three times as extended as the 63.8% region, analogous to
the 1σ, 2σ, 3σ incertainty levels. However, as described in Petit & Wade (2012),
the probability distributions computed using Bayesian statistics do not have a
Gaussian profile, but are rather shaped like a decreasing exponential. Hence, when
considering the extended tail of the distribution, the credible regions are not regular
and the 95.4% or 99.7% confidence regions reach much farther than twice or three
times the 68.3% region. Also, these credible regions will depend on the quality of
the observations, i.e. the S/N attained; narrower credible regions being obtained
with higher S/N observations.
Credible regions are defined by choosing the narrowest intervals which, in the
unimodal PDF, involve choosing the highest probability density values, including
the mode. While the most probable field intensity is reported based on the mode of
the PDF, the credible regions (and their associated probabilities) directly indicate
how likely it is for the magnetic field to be between the lower and upper limits.
Therefore, they must be interpreted as the probability for the range of field strength
values to be present in the acquired Stokes V data. In the end, the magnetic field
upper limit is determined based on the upper bound of the chosen credible region.
4.3.5 Comments on the detection methods
At this point, we feel it is important to stress that the aforementioned detec-
tion methods come from the analysis of single emission lines. Indeed, combining
the circularly polarized profiles from different individual emission lines into one,
weighted-average profile (as is done for stars showing a large number of photo-
spheric absorption lines) is not trivial for WR stars. To begin with, ionization
stratification is believed to take place in the wind of WR stars (Herald et al. 2000;
Hillier 1987; Schulte-Ladbeck et al. 1995). This implies that different emission lines
are formed in different conditions (at different distances from the stellar surface)
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and hence, line-emitting regions would be threaded by different field intensities. In
addition, emission lines (which do not necessarily exhibit the same profile shape)
often suffer blends with others, which can dilute the circular polarization compo-
nent of the dominating emitting ion. As it will be explain in section 4.4.3, it is
nonetheless possible to take advantage of the information from several circularly
polarized profiles, but the interpretation of the subsequent results needs to be done
carefully. For this reason, we feel that analyzing single emission lines with the high-
est standards represents the safest, most conservative and direct way of detecting
a magnetic field.
The detection methods based on the χ2 statistics or on the measurement of the
longitudinal magnetic field rely mainly on the amplitude of Stokes V signatures in
order to be effective. In the event that a magnetic configuration yields a signature
similar in amplitude to the instrumental noise level, then such a signal could go
undetected, particularly if it is roughly symmetric about the center-of-gravity of
the emission line profile. Furthermore, since we can generally not observe WR
stars down to their hydrostatic surfaces, weak field intensities are thus expected
(101−102 order of magnitude, see Paper 1). As explained by Petit & Wade (2012),
evaluating the odds ratio in the presence of a weak magnetic signature embedded
in noise provides a more sensitive diagnostic than any other technique used in this
study.
Finally, longitudinal field measurements are considered significant only if |Bl|/σ ≥
3. However, for reasons described in Paper 1, this is not used as the primary diag-
nostic of the presence of a magnetic field. Rather, it is used as a statistical indicator
of the field strength. In fact, some magnetic configurations can lead to Stokes V
profiles for which the first-order moment is zero (profiles that are approximately
symmetric about the centre-of-gravity of the line, e.g. see Silvester et al. 2009).
Consequently, detectable Stokes V signatures (i.e. non-zero values in Stokes V
data) can be present within spectral lines even when the value of Bl is equal or
close to zero.
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4.4 Results
When analyzing individual emission lines, none of the stars we observed offers
enough evidence to support a significant magnetic field detection, according to the
four methods described in Section 4.3. In fact, most Stokes V profiles do not have
large enough amplitudes to be clearly distinguished from noise. For each emission
lines, this is supported by the computed detection probabilities and also, by visual
inspection. Still, for WR134, WR137 andWR138, the results suggest that magnetic
signatures are likely present within at least one line profile. We therefore report
marginal detections for these three Wolf-Rayet stars.
For reasons discussed in Section 4.3.5, the odds ratio was chosen as the pri-
mary criterion to report the detection of magnetic fields. Furthermore, Bl values
computed using different methods on the same emission line are not consistently
in agreement with each other, even within their error bars. Also, they are mostly
below the 3σ significance level, which is a another criterion to report a significant
magnetic detection. Because it is unclear how reliable the results of the differential
and integral methods are when applied to WR spectra, we chose, for the sake of
conciseness, not to present all Bl values computed for each emission lines (from all
observed WR stars). In what follows, we focused on the most important results of
our magnetic analysis.
4.4.1 WR134 = HD 191765
Similarly to EZ CMa (WR6), WR134 shows periodic variability in spectroscopy
and photometry (P = 2.34 days, see Morel et al. 1999) as well as strong variations
in linear broadband (Robert et al. 1989) and spectral (Schulte-Ladbeck et al. 1992b)
polarimetry. Morel et al. (1999) also used the broadband polarimetric data obtained
by Robert et al. (1989) to demonstrate that it does in fact vary in phase with the
2.34-days period in a simple way, although the shape of the curve differs between the
two epochs. WR134 was thus a natural candidate to observe in the context of this
study as magnetic fields could be responsible for some of the observed properties
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of this apparently single WN6 Wolf-Rayet star. In fact, it was proposed that CIRs
could explain the variability seen in observations of WR134 and that one possible
origin for them is surface magnetic spots (see also Chene´ & St-Louis 2008; St-Louis
et al. 2009).
We observed WR134 during four, non-consecutive nights in all Stokes parame-
ters. In order to remove the instrumental crosstalk signal from the observed data
and simultaneously analyze all nightly spectra, we assumed that the former re-
mained constant in the time span the observations were taken. This is arguably
erroneous since the crosstalk could possibly vary from one night to the other, but
nonetheless it is our only option to carry out fully the magnetic analysis process
(see Paper 1 for a discussion on ESPaDOnS crosstalk6). As it turns out, however,
in the case of WR134, the computed crosstalk factor, F = 2.33 ± 0.39%, is in
agreement with the value reported by CHFT of 2-3% at the time the observations
were taken. Figure 4.1 shows all four Stokes parameters along with the crosstalk
model and the cleaned Stokes V/I profile within the Heiiλ5411 emission line (for
similar figures from the other observed WR stars, see Appendix 4.7.1) . Here we
focus on the circular polarization data; the linear polarization observations will be
presented elsewhere. It is worth mentioning that the continuum polarization was
automatically removed from Stokes V , Q and U spectra by the reduction pipeline
Libre-Esprit. Since we modeled the crosstalk signature based on Stokes parame-
ters Q and U , we verified the impact of this automatic removal on the computed
crosstalk model by redoing the analysis with data for which the continuum polar-
ization had not been removed. We conclude that whether or not the continuum
polarization is removed by Libre-Esprit, the results are unaffected (i.e. the shape
and amplitude of the crosstalk model are the same) and our method of crosstalk
elimination is robust.
6When characterizing the crosstalk factor, we may not be able to compensate for night-to-
night variations but given the good agreement between our computed and the reported value,
we conclude that the crosstalk model succeeds at estimating the mean crosstalk level during an
observing run. This was demonstrated in Paper 1 and is also true for each star observed in this
study that displays the presence of linear polarization variations in its spectrum.
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Figure 4.1 Spectra of WR134 in all 4 normalized Stokes parameters for the four
different nights of observations. The top panel shows the nightly mean profile of
the Heiiλ5411 emission line. The next 3 panels show in black the normalized and
binned Stokes V (vertically shifted on top for clarity), Q and U parameters for that
profile. Note that while Stokes I is normalized by the continuum level (Ic), the Q, U
and V spectra are normalized to the total wavelength-dependent intensity obtained
with the same exposures used to obtain a given Stokes parameter (IV , IQ, IU).
In the second panel from the top, the crosstalk model (F = 2.33 ± 0.39%) based
on Q/I and U/I in the bottom 2 rows, is shown in red (middle profile), while the
residual, cleaned spectrum obtained by subtraction of the model from the observed
signal is shown in blue (bottom profile, vertically shifted). Dashed lines represent
the zero-polarization level as delivered by Libre-Esprit.
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We applied the detection methods mentioned above on the Stokes V , crosstalk-
free profiles within the strongest emission lines present in the ESPaDOnS spectra.
Out of twelve emission lines examined for this star, two yielded noteworthy results
as summarized in Table 4.II. The odds ratios computed from the Stokes V pro-
files of the Heiiλ4859 and Heiiλ5411 emission lines both suggest, with very strong
evidence, that the split monopole model is more plausible. As a sanity check, the
same analysis was applied to the check spectra N1 and N2 and we find that these do
not display magnetic signatures. In fact, by favoring a null profile, as expected, it
further indicates that the Bayesian statistics from the Stokes V data are trustwor-
thy. On the other hand, the support for the magnetic hypothesis appears weaker
when considering the nightly detection probabilities and longitudinal field estimates
obtained within these two emission lines. In fact, the computed detection proba-
bilities fail to indicate the presence of a magnetic signature that would be strong
enough to deviate significantly from a null profile, that is, according to the criteria
of Donati et al. (1997). Moreover, we obtain a longitudinal magnetic field strength
larger than 3σ only for the third-night measurements of the Heiiλ5411 emission
line.
Apart from the Heiiλ4859 and Heiiλ5411 emission lines, two other lines yield
moderate evidence for a split monopole model versus the non-magnetic hypothesis.
The Bayesian analysis applied to the Nvλ4619 and Civλ5805 emission lines resulted
in odds ratios of 100.86 and 100.94, respectively, and field strength estimates of
B = 230+370−230 G and B = 130
+235
−130 G. These two emission lines, contrary to Heiiλ4859
and Heiiλ5411, are blended with other spectral lines and hence, the above results
should be taken with care. In fact, although the support for the spit monopole
model is considered moderate based on the grading system of Jeffreys (1998), the
field estimates are also consistent with zero.
Along with the field strength, the Bayesian analysis allows us to explore the
potential magnetic field geometry of WR134, given the four nights of observations.
The best estimates for the split monopole model parameters give poor constraints
on angles i0 and β. The credible regions are not only too extended to provide
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good precision, but the estimated values are not consistent among the different
emission lines. It would thus be inappropriate to invoke any preferred values for
both parameters given the degeneracy of the phase-dependent modulation (see
Section 4.3.4). Likewise, computed φ0 values do not agree from one line to the
other.
In summary, based on the four aforementioned emission lines, WR134 displays
evidence favoring the split monopole model of Gayley & Ignace (2010) over the
non-magnetic hypothesis, according to the Bayesian analysis. However, when con-
sidering all examined emission lines, we feel that there are too few indications
pointing towards the presence of a magnetic field (as well as a lack of consistency
between different test results) to report a definite magnetic detection. Nonetheless,
the support for the presence of a magnetic field in the wind of WR134 cannot be
overlooked. Consequently, we report a marginal detection with a field strength in
the observable part of the stellar wind, which we define as Bwind, of about 200 G
7.
4.4.2 WR138 = HD 193077
The Wolf-Rayet star WR138 is a long-period binary (P = 1538 days; Annuk
1990, 1991) classified as WN5 + B? by van der Hucht (2001b). We observed
this system on August 25, 2008, obtaining both circular and linear polarization
measurements in the process. WR138 does not show significant linearly polarized
flux in its spectrum (Stokes Q and Stokes U) as that seen in WR6 and WR134.
In principle, one might have expected some linear line depolarization from binary
effects, but given the huge orbital separation, this would be undetectable in this
system (Moffat & Piirola 1993). Thus, instrumental crosstalk is expected to have
negligible impact on Stokes V data, which we verified by obtaining a crosstalk model
consistent with a null polarization profile (see Appendix 4.7.1 for other examples
of the crosstalk model consistent with a null profile). Since only one observation
of WR138 was obtained and because no rotation period is known for this star,
modulating the split monopole model of Gayley & Ignace (2010) with phase was
7Bwind will be discussed in greater detail in section 4.5
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Table 4.II. Results of the magnetic analysis applied to individual emission lines
for WR134 and WR138
Star Emission line Phase PV Longitudinal Field Bayesian analysis Credible regions (G)
(φ1) (%) Bl (G) zBl Bline (G) Odds ratio 68.3% 95.4%
WR134 Heiiλ4859 0.7 95 313± 131 2.4 240 101.97 115 - 640 0 - 1925
0.7 (+3) 81 321± 152 2.1
0.0 (+14) 48 −114± 134 0.8
0.4 (+14) 31 57± 128 0.4
Heiiλ5411 0.7 98 −78± 71 1.1 220 101.52 95 - 600 0 - 1845
0.7 (+3) 77 133± 89 1.5
0.0 (+14) 96 −255± 68 3.7
0.4 (+14) 97 −117± 74 1.6
WR138 Nivλ7111 0.12 98 −65± 34 1.9 84 101.58 33 - 321 0 - 1536
Nivλ4057 0.12 92 66± 23 ∗ 2.9 0 10−0.20 0 - 123 0 - 1257
Note. — Detection probabilities (PV ), longitudinal field values with significance (Bl and zBl ), field strength in the line
formation region (Bline), odds ratio and credible regions computed through the Bayesian analysis for the corresponding
emission lines of W134 and WR138. The phase φ corresponds to the first observation taken each night. In the case of
WR134, the rotational phase is calculated using the ephemeris of McCandliss et al. (1994), JD 2,447,015.753+2.27 E.
The number of rotational cycles following the first observation appears in parentheses. For WR138, the orbital phase is
calculated using the ephemeris of Annuk (1990), JD 2,445,284+1538 E. Furthermore, PV values were calculated within
Stokes V profiles binned to a precision of σV ≃ 10
−4.
∗ All longitudinal field values were computed using the integral method (see Section 4.3.2) except for the Nivλ4057 emission
line of WR138 where Bl was obtained through the application of the differential method (see Section 4.3.1).
not an option. Instead, only the field strength and polarity could be fitted to Stokes
V data, assuming a pole-on configuration.
The magnetic analysis resulted in non-detections for all spectral lines examined
except for the nitrogen emission at around 7111 A˚ (see Table 4.II ). Within this
line, the calculated odds ratio (=101.58) supports the split monopole model over the
non-magnetic scenario with a high level of significance. Given that Nivλ7111 is
the only emission line indicating the possible presence of a magnetic field, it would
be tempting to link this result with a random, yet fortuitous arrangement of noisy
data points; even more so since this emission complex, is in fact, a blend of several
Niv emissions. Nonetheless, the plausibility of a magnetic signature is supported
visually by the close resemblance of the observations with the theoretical model
(see Figure 4.2). In fact, three polarization reversals are predicted by the split
monopole model and these appear to be present in the Stokes V profile. Of all the
stars we observed and all the lines we examined, Nivλ7111 (from WR138) is the
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only emission line for which we obtained such a good fit of the Stokes V profile by
the heartbeat curve (both numerically and visually). Conversely, null profiles N1
and N2 are randomly distributed around the zero polarization level, as expected,
and according to the Bayesian statistics, they are best matched by a non-magnetic
signature as opposed to a magnetic model with odds ratio of 10−0.12 and 10−0.21,
respectively.
Another interesting and intriguing feature of the WR138 spectropolarimetric
measurements is the shape of the Stokes V profile within the Nivλ4057 emission
line. As shown in Figure 4.3, a distinct polarization reversal appears at line center
as the whole profile mimics an S-wave pattern typical of the Zeeman effect. Fur-
thermore, the Stokes V profile appears proportional to the wavelength derivative
of the observed flux in Stokes I as expressed in Equation (4.1). Even if this Stokes
V signature reaches 0.08% in polarization level, the Bayesian analysis favors the
non-magnetic hypothesis over the split monopole model as a more plausible sce-
nario. This is not surprising since the split monopole model predicts three polarity
reversals whereas the Stokes V profile within the Nivλ4057 emission line shows
only one clear reversal at line center. Still, the amplitude and organized nature of
this profile could suggest the presence of a magnetic field.
The mean longitudinal field derived from the application of Equation (4.2)
within the Stokes V profile of emission line Nivλ4057 is equal to Bl = 66 ± 23
G. We also verified that Bl calculated within the N1 and N2 profiles was consistent
with a non-magnetic signature and as expected, we obtained values of 2±23 G and
−9± 23 G, respectively. The mean longitudinal field value agrees well, within the
error bars, with the field strength determined through a Bayesian analysis of the
Nivλ7111 Stokes V profile (see Table 4.II). In this case, the magnetic geometry
could not be determined (only one observation was obtained for WR138) and con-
sequently, the Bayesian analysis yields an estimate for the line-of-sight component
of the magnetic field, which is consistent with the definition of Bl.
Nonetheless, comparing field strength estimates computed from emission lines of
the same ionic species, (e.g. Nivλ4057 A˚ and 7111 A˚) is a prudent approach when
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Figure 4.2 Spectra in normalized Stokes I, V , N1 and N2 for the Nivλ7111 emission
line of WR138. The bottom panel shows the normalized intensity profile of the line
while the top 3 panels show the normalized and binned Stokes V , N1 and N2 data.
While Stokes I is normalized by the continuum level (Ic), the V , N1 and N2 spectra
are normalized to the total wavelength-dependent intensity obtained with the same
exposures used to obtain the Stokes V parameter (IV ). In the top panel, the thick
plain line represents the split monopole model (with a field strength of 84 G).
Dashed lines represent the zero-polarization level.
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Figure 4.3 Normalized Stokes I and V profiles used in the application of the
differential method on emission line Nivλ4057. The bottom panel shows the
result of minimizing Equation (4.2). The slope of the thick line represents the
mean longitudinal field value, Bl, which is estimated to be 66± 23 G.
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determining the magnetic field strength. However, the two Stokes V profiles do not
display similar organized patterns which is difficult to reconcile with the assumption
of a large-scale magnetic field. Similarly, all other emission lines examined do
not suggest the presence of a magnetic signature within their respective Stokes
V profile. Based on the above results and considerations, we report a marginal
magnetic detection for WR138 with a field strength of about Bwind ∼ 80 G.
4.4.3 More evidence supporting the split monopole scenario
At the polarimetric sensitivity of ESPaDOnS and based on the analysis of in-
dividual emission lines, we report no definite detection of a magnetic field in the
stellar wind of any of the 11 Wolf-Rayet stars in our sample. In order to push the
detection limit even further and to establish upper limits for the magnetic field
strength of the WR stars observed in this study, we took yet another approach.
For each night of observations, we took into account the information present
within the most prominent emission lines simultaneously and ran the Bayesian
analysis process (within the split monopole framework) on Stokes V data. In other
words, for each observed WR star, we determined a nightly magnetic field strength
estimate using the information within several spectral lines, simultaneously. Since
each night is treated separately, the split monopole model cannot be modulated
with phase and hence, the magnetic geometry cannot be recovered. Instead, we
can evaluate approximately the strength of the longitudinal component of the mag-
netic field (assuming a split monopole configuration) in the observable part of the
stellar wind, Bwind. The result of each nightly Bayesian analysis is expressed as
a probability density function (PDF) marginalized8 for Bwind. The most proba-
ble field strengths and odds ratios are presented in Table 4.III. The majority of
the observations are coherent with the non-magnetic scenario as reflected by most
probable field strengths of Bwind = 0 and odd ratios lower than unity. On four oc-
casions however the Bayesian analysis favors the split monopole scenario in terms
8The act of summing a multi-dimensional probability density function (or integrating in the
case of a continuous distribution) over a chosen parameter-space is called marginalization.
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of the computed odds ratio and Figure 4.4 presents the PDFs obtained through the
above-described process for observations of WR134, WR135, WR137 and WR140.
The PDFs have been normalized by their maximum values to facilitate the display,
which for WR134, WR135 and WR140 occurs at Bwind = 0.
When applied to Stokes V data of WR134 (first night of observations) and
WR135 (second night of observations), the Bayesian analysis seems to indicate a
preference for the magnetic hypothesis but the evidence is too weak in both cases to
report even a marginal detection. This is illustrated in Figure 4.4 (top panels) where
the most probable Bwind values are equal to zero but secondary maxima in the PDFs
are found at low magnetic field strengths. A similar result is obtained for WR140
(second night of observations). In this case however, the secondary maximum
appearing in the PDF (see the bottom-right panel of Figure 4.4), is clearer and
reaches a higher relative probability which is reflected by a larger odds ratio (100.72).
According to the criteria of Jeffreys (1998), this should be considered as moderate
evidence supporting the split monopole model over the non-magnetic hypothesis
but it is still not significant enough to report the detection of a magnetic field.
The bottom-left panel of Figure 4.4 shows the probability distribution obtained for
WR137 on the second night of observations. Such a distinct maximum appearing
at non-zero Bwind values is rarely obtained. As a matter of fact, it is the highest
odds ratio (102.81) computed in our analysis and it represents a decisive evidence
in favor of the split monopole model. Based on that result alone, the acquired
Stokes V measurements appear to indicate the presence of a magnetic field in the
observable parts of the stellar wind. Nonetheless, since the analysis of individual
Stokes V profiles failed to detect any significant magnetic signature, we report the
marginal detection of a magnetic field in WR137 with an intensity of Bwind ∼ 130
G.
4.4.4 Upper limits for the magnetic field strength of WR stars
In Table 4.III, we present Bwind values along with the upper limits of the credible
regions for the 63.8% and 95.4% thresholds of the probability. Unless otherwise
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Table 4.III. Results of the nightly, multi-line Bayesian analysis
Target Detection status Bwind (G) Odds ratio Credible regions (G)
68.3 per cent 95.4 per cent
WR1 ND 0 10−0.06 66 723
WR11 ND 0 10−0.35 10 254
WR111 ND 0 10−0.17 31 492
0 10−0.19 28 466
WR133 ND 0 10−0.28 16 329
WR134 MD∗ 23∗∗ 100.21 85 826
0 10−0.04 53 649
0 10−0.24 20 382
0 10−0.24 21 386
WR135 ND 0 10−0.04 44 586
22∗∗ 100.20 81 795
WR136 ND 0 10−0.23 21 390
0 10−0.27 17 339
WR137 MD∗ 0 10−0.20 27 459
128 102.81 64 - 426 1463
WR138 MD∗ 0 10−0.08 35 527
WR139 ND 0 10−0.23 19 370
0 10−0.36 11 256
WR140 ND 0 10−0.27 17 343
32∗∗ 100.72 154 972
Note. — For every star and every night of observations, Bwind values, the odds ratio, and
the field upper limits were computed through the Bayesian approach using several emission
lines simultaneously. Bwind correspond to the strength of the longitudinal component of the
magnetic field, assuming the presence of a split monopole configuration in the observable part
of the stellar wind. The upper limits are taken from the 63.8% and 95.4% credible regions
of the nightly probability density function (the lower limit being 0 G in each case, unless
specified).
∗ The detection status, i.e. non-detection (ND) or marginal detection (MD), is determined by
considering the results all detection methods whether they were applied to individual emission
lines or individual nights of observations. For WR134 and WR138, marginal detections are
reported from the analysis of individual emissions lines (see table 4.II). For WR137, the
marginal detection is based on the results of the nightly, multiple-line Bayesian analysis .
∗∗ Bwind values are taken from secondary minima present in the PDFs.
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Figure 4.4 Normalized probability density function (PDF) for Wolf-Rayet stars
WR134, WR135, WR137 and WR140. The PDFs were marginalized for Bwind
which was sampled from 0 to 2000 gauss. Credible regions corresponding to 68.3,
95.4 and 99.7% of the total probability density (analogous to the 1σ, 2σ and 3σ
contours of a Gaussian-like distribution) appear (superposed) in shades of green,
from dark to pale colors, respectively.
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specified, the lower limit of a credible region is at Bwind = 0 G.
At the polarimetric sensitivity of ESPaDOnS and because of various factors
(e.g. the presence of crosstalk in raw data, only a few un-blended lines available,
the assumption of a split monopole configuration), we feel that the 95.4 percent-
age threshold (rather than 63.8%) represents an adequate confidence level for the
determination of magnetic field strength upper-limits.
Hence, for WR134, WR137 and WR138, there is a 95.4% probability that the
field strength does not exceed ∼ 1900 G, ∼ 1500 G and ∼ 1500 G, respectively (see
Tables 4.II and 4.III). Given the extended tails of each PDF, we feel these values
represent conservative upper-limits. In the case of none detections, the upper-limits
range from 254 G to 972 G depending on the star and night of observations (see
Table 4.III). On average though, we report an upper-limit of Bmaxwind ∼ 500 G for
when we do not find strong evidence supporting the split monopole scenario, i.e.
when the computed odds ratio is lower than 101.
4.5 Discussion
The above results show that based on the observations and methods employed
in this study, any magnetic fields threading the wind of the targeted WR star are
too weak to be significantly detected. Nonetheless, some Stokes V profiles provide
evidence for the presence of magnetic signatures within emission lines. In what
follows, we interpret these results based on the analysis and framework from which
they were computed. We also discuss their implications in terms of the detectability
of magnetic fields in WR stars.
4.5.1 Bayesian analysis
Before discussing the marginal detections reported in this study, we feel it is
important to comment on some details of our analysis. As mentioned in Section
4.4, the odds ratio was used as the primary criterion to report the detection of a
magnetic field. It was computed in two different manner using Bayesian statistics
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on Stokes V profiles. First, we focused on individual emission lines (one after
another) using all available nights of observations simultaneously. Secondly, we
analyzed individual nights of observations taking into account the information of
several emission lines consistently (i.e., trying to fit all Stokes V signatures recorded
on a given night with the same field value). Both ways of applying the Bayesian
analysis have their pros and cons.
4.5.1.1 Bayesian analysis of individual emission lines
Because of the ionization stratification of WR winds (Herald et al. 2000; Hillier
1987; Schulte-Ladbeck et al. 1995), different emission lines form at different dis-
tances from the stellar core. Then, the radial dependence of the magnetic field
strength implies that the spectral line formation zones are threaded by different
field intensities (e.g. the intensity of a split monopole magnetic field decreases as
1/r2, where r is the distance from the the stellar core). Since different emission
lines can reflect different local magnetic intensities, we feel that focusing on a single
emission line is the most direct way of detecting a magnetic field in the wind of a
WR star. Obtaining coherent field values from various emission lines would thus
strongly support a magnetic detection.
Yet, some emission lines are more favorable for detecting circular polarization
than others (Gayley & Ignace 2010; Ignace & Gayley 2003). Those that are too
weak would be diluted by unpolarized continuum emission. Similarly, emission from
regions in the wind far from the stellar surface would decrease the detectability of a
Stokes V signature as the field intensity rapidly decreases with distance. Further-
more, considering simultaneously multiple nights of observations in the magnetic
analysis assumes not only that the instrument performance is stable over time, but
in order to make a detection, favorable orientations of the magnetic poles must
occur more often then not. In the end, several factors can lead to non-detections
when analyzing individual emission lines. Therefore, the lack of significant evi-
dence for the presence of magnetic signatures should not necessarily be viewed as
the absence of magnetic fields.
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4.5.1.2 Bayesian analysis of individual nights of observations
As described by Gayley & Ignace (2010), for emission lines formed in hot-
star winds threaded with a weak radial magnetic field, all Stokes V profiles show
the same characteristic heartbeat shape. Taking advantage of this property, using
several emission lines simultaneously could thus help constrain the magnetic field
intensity. On the other hand, the detectability of a signature depends on the
emission line properties. If profiles showing real magnetic signatures are considered
along with profiles showing no signal in Stokes V (or weak signals embedded in
noise), then the estimated field value is necessarily lowered compared to its true
value. Therefore, fitting a null field intensity when simultaneously using several
emission lines should not be interpreted directly as the absence of a magnetic
field in the stellar wind as lines showing no circular polarization could dilute the
magnetic signatures seen in others.
Despite the existence of ionization stratification in the winds of WR stars, line-
emitting regions are quite extended and often overlap. In the presence of a magnetic
field, the circularly polarized radiation emitted at different wavelengths comes con-
sequently from regions where the span in magnetic field intensities is also extended
and overlaps between emission line formation zones. As a result, the magnetic
field strength determined using several emission lines, Bwind, should be considered
as an order-of-magnitude approximation of the magnetic field intensity threading
the observable stellar wind. In addition, when considering a single night of obser-
vation, the field strength estimated in the process represents the intensity of the
line-of-sight component of the magnetic field. In all, Bwind should be thought of as
an approximation of the longitudinal magnetic field observed on a given night of
observations.
4.5.1.3 Split monopole magnetic field
We want to emphasize that the reported marginal detections were determined
in the framework of a split monopole magnetic field. This configuration was chosen
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because of its generic character in a dense, radial stellar wind (Gayley & Ignace
2010). The comparison between theoretical predictions and observations should
nonetheless be considered with care for a number of reasons.
First, the split monopole geometry reflects a high degree of symmetry which is
a natural assumption when rotation is not playing a central role. However, winds
of Wolf-Rayet stars are not necessarily spherical. For example, EZ CMa (WR6)
shows evidence of a departure from spherical symmetry of its wind (Morel et al.
1998; Schulte-Ladbeck 1994; St-Louis et al. 1995) in which rotation appears to be
dynamically important. Secondly, Gayley & Ignace (2010) modeled the Stokes V
profiles of a flat-topped, unperturbed and unblended emission line that originates at
the base of the stellar wind. Such a theoretical intensity profile is almost never seen
in a WR spectrum. In fact, emission lines often show more rounded-top profiles
and are often blended with other spectral features. Also WR stars have been
observed to exhibit line profile variability (Chene´ & St-Louis 2010, 2011; St-Louis
et al. 2009) and the different phenomena at the origin of these spectral variations
could very well influence the intrinsic Stokes V profiles and their detectability.
Lastly, according to Gayley & Ignace (2010), the sharp and discontinuous wing
spike predicted by the model (see Figure 4.2) is an artifact of the abrupt transition
from flat-topped to sloping downward of the intensity profile used in their work.
When observed profiles are considered, especially for more rounded-top emission
lines, a smoother transition is expected which would also lead to some polarimetric
cancellation near the discontinuity. Consequently, the peak polarization at the
spikes of the heartbeat pattern are not observationally reachable.
Based on the above considerations, the comparison of a weak magnetic signature
embedded in noise with a theoretical profile that is not quite at the level of detailed
modeling could therefore favor the non-magnetic hypothesis over the split monopole
model. In fact, modeling real observations with an artificially-discontinuous Stokes
V profile can lower the odds of obtaining a satisfying fit (i.e. detecting a magnetic
field), especially if a smoother signal that reaches a lower level of polarization is
expected. Conversely, when the results of the Bayesian analysis do support the
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magnetic scenario, one could argue that the only way this result can be obtained is
if the observations do mimic the theoretical predictions. Since it is highly unlikely
that random noise takes the form of a heartbeat-like pattern, obtaining odds ratios
in favor of the split monopole model is that much more significant. At the very
least, it should urge new observations to be acquired.
4.5.2 Marginal detections
Now that we considered some of the details of our magnetic analysis, we wish
to discuss the reasons behind the marginal detections reported for WR134, WR137
and WR138. When focusing on individual emission lines, Stokes V measurements
obtained for WR134 and WR138 yielded odds ratios supporting the split monopole
model over the non-magnetic hypothesis. Moreover, the similarity between the data
and the expected profile within the Nivλ7111 emission line of WR138 supports (by
visual inspection) the results obtained through the Bayesian analysis. Even though
the evidence is considered very strong for a few observed Stokes V profiles (see Table
4.II), the vast majority of emission lines fail to show organized Stokes V patterns
compatible with the split monopole predictions.
This incoherence is hard to explain in the context of a large-scale magnetic field
which is a reason why we characterize the results obtained for WR134 and WR138
as marginal detections only, despite substantial support for the split monopole
scenario. Although we cannot completely reject the possibility of noise randomly
taking the form of a magnetic signature, this scenario is unlikely since we put
the raw data through a binning algorithm (to increase the signal-to-noise ratio)
which would average out random noise centered at zero. Numerical tests done on
synthesized, null profiles aﬄicted with random noise similar to that present in the
observations confirm this. In addition to statistical tests, eye inspection of these
apparently null profiles, at different levels of binning, fail to reveal a distinct and
unambiguous heartbeat pattern which is expected for a magnetized wind.
In the case of WR137, when individual Stokes V profiles were considered (from
different emission lines), our results do not indicate any convincing evidence sug-
149
gesting the presence of a magnetic field. However, when several Stokes V profiles
were combined and used consistently, the Bayesian analysis yielded decisive evi-
dence favoring the split monopole model over the non-magnetic hypothesis (see
Table 4.III). Since such a significant odds ratio was obtained when several lines
were considered simultaneously, this could indicate that Zeeman signatures are
indeed present within individual Stokes V profiles, but that they are mostly em-
bedded in noise and their detection, by examining single emission lines, is slightly
under the limit of ESPaDOnS’ capabilities. This could also be the case for WR135
and WR140. Again, according to the computed odds ratio of their respective sec-
ond nights of observations (see Table 4.III), the Bayesian analysis favors the split
monopole scenario, but only weakly. If these results truly reflects the magnetic
nature of WR135 and WR140, then fields of a few tens of gauss could be present
in the observable parts of their stellar wind.
It is interesting to note that the analysis of WR134 observations leads to a dif-
ferent conclusion. When considering all nights of observations simultaneously, the
analysis of Heiiλ4859 and Heiiλ5411 emission lines indicates very strong evidence
for the presence of a magnetic signature. However, when analyzing each night sep-
arately (and considering several emission lines simultaneously), 3 out of 4 nights of
observation appear to be compatible with the non-magnetic hypothesis while the
first night offers weak evidence for the presence of a magnetic signature (see Figure
4.4 and Table 4.III). In the case of WR134, as opposed to WR137, considering
several emission lines consistently appears to dilute the information contained in
Heiiλ4859 and Heiiλ5411 and responsible for positive detections when analyzed in-
dividually. The fact that the first night of observations is the only one favoring the
split monopole model, although slightly, could reflect a more favorable orientation
of the magnetic geometry for the detection of its field.
In the end, although we obtained odds ratios that strongly support the split
monopole scenario for WR134, WR137 and WR138, the fact that we do not get
such convincing evidence in every test we applied still makes the magnetic nature
of these three stars ambiguous. Hence, we feel that reporting marginal (instead of
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definite) detections is a more conservative interpretation of our results.
4.5.3 Magnetic field upper limits
When there is no indication for the presence of a magnetic field in Stokes V
measurements (i.e. non-detections reported in Table 4.III), the upper limit for the
field strength in the wind is systematically below 1 kG. In fact, the average of all
non-detections (13 nights of observations split between 8 WR stars) yields a mean
upper-limit of Bmaxwind ∼ 500 G for the strength of the longitudinal magnetic field
observed on a given night. Similarly, if we extend this calculation to every instance
where the computed odds ratio is lower than 101, then the nightly upper-limit is
still characterized by an average field strength of Bmaxwind ∼ 500 G. As explained in
Section 4.4.4, we used the 95.4% credible region to determine the field intensity
upper-limit on a given night of observations. Considering our observations and
analysis, this means the following: the probability that a longitudinal magnetic
field goes undetected while being larger than 500 G (in average) is less than 5
%. For the three stars which show marginal detections, the average upper-limit is
Bmaxwind ∼ 1700 G. Again, this implies that, while we report the most probable field
value according to the mode of the posterior PDF, there is a 95.4% probability that
the magnetic field strength is between 0 < Bwind . 1700 G. Therefore, based on our
observations of 11 WR stars, it is extremely improbable that: (1) magnetic fields
larger than 1-2 kG are hidden in the acquired Stokes V data, and (2) field strengths
of that order were missed by the detection methods employed in this study. If any
of these WR stars are definitely magnetic, the most probable field strength in the
observable part of its stellar wind is likely characterized by a 101−2 G order.
4.5.4 Detectability of magnetic fields in WR stars
4.5.4.1 Detection rate
Assuming that all magnetic Wolf-Rayet stars evolve from magnetic O stars,
then our results should not come as a surprise. In fact, as mentioned in Section
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4.1, the fraction of O-type stars harboring a detectable magnetic field appears to be
approximately 7%. Including WR6 (Paper 1), then 0.84 (= 12×7%) magnetic WR
star were expected to be observed in this project. If and only if we allow significant
detections to be interpreted as the presence of magnetic fields in WR stars, then
this is somewhat compatible with our results. However, this conclusion obviously
suffers from small number statistics. Furthermore, if we consider that a marginal
detection is sufficient to indicate the existence of a detectable magnetic field, then
our results suggests that 27% (3/11) of WR stars show the presence of a magnetic
field in their Stokes V spectra. Given the size of our sample and the absence of
significant detections, we feel it is inappropriate to report such a detection rate for
Wolf-Rayet stars based on our observations.
Nonetheless, even if only one of the three stars for which a marginal detection
is obtained actually harbors a magnetic field, then our results would match those
reported from the spectropolarimetric analysis of O-type stars. In the end, our
results may not support the detection ratio of Wade et al. (2012a) but they do not
contradict it either. In order to establish what the real fraction of magnetic WR
stars is, more WR stars need to be observed, with a higher signal-to-noise and more
extensively.
At this point, one important question arises. Although O-type stars are the
predecessors of WR stars, should both share the same detection rate? After all, a
fundamental difference exists between the observation of a main sequence star and
a WR star. In fact, while the surface of an O-type star is observable by modern
spectropolarimeters, it is impossible to see further than the inner parts of a Wolf-
Rayet wind. At visible wavelengths, the stellar surface of a WR star is hidden by a
dense and chaotic nebula. If the magnetic configuration takes the shape of a split
monopole, the field intensity decreases as 1/r2 (1/r3 for a dipole configuration)
and since the majority of emission lines form at a few stellar radii from the surface,
the observable magnetic field strength is consequently much lower than its surface
value. So as far as the detection rate is concerned, perhaps we should not necessarily
expect the same fraction of WR star to show an observable magnetic field given
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the performance of current spectropolarimeters and the methods used in this study.
However, the radii of WR stars are much smaller than those of their progenitor O
stars, so effectively observing lines in the inner winds of WR stars is much like
observing the surfaces of O stars (in terms of distance from the center of the star).
Assuming magnetic flux conservation, magnetic fields in the observable parts of
Wolf-Rayet winds should therefore be similar in strength to those at the surface of
O-type stars given that they are not perturbed by the wind dynamics.
4.5.4.2 Impact of the Wolf-Rayet wind
It is indeed worth questioning whether or not a Wolf-Rayet wind is a convenient
and favorable environment to detect magnetic fields. Although, the presence of a
particularly strong magnetic field (at the kG scale) would probably be detectable
within emission lines, perhaps the very nature of a WR stellar wind prevents the
field from being observed.
In the observable parts of a WR wind, the mechanical energy density is ex-
pected to clearly dominate the magnetic energy density, freezing in the field lines
along the wind outflow (ud-Doula & Owocki 2002). Because WR winds are known
to be structured at small and sometimes large scale, shock-compressed density en-
hancements could intensify any component of the magnetic field that is tangential
to those shocks. Thus, a substantial enhancement of the Stokes V polarization is
possible, depending on how well aligned the field variations are over the contribut-
ing line-forming region (Ignace & Gayley 2003). In the presence of large-scale wind
structures such as CIRs, the detectability of a magnetic field could in principle be
increased under favorable circumstances.
Does a clumpy or structured stellar wind favor the detectability of a magnetic
field? Gayley & Ignace (2010) argue that structures in the wind might generate
local enhancements in the magnetic flux density and thus increase the field de-
tectability in regions where emission is especially strong. The presence of clumps
or dense pockets of material flowing into the emission-line formation zones could
therefore explain why, on a given night, magnetic signatures seem to appear within
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certain Stokes V line profiles while we find no evidence in support of the magnetic
scenario in others. Furthermore, the chaotic and turbulent nature of WR winds
could make this field amplification process random thus explaining the absence of
significant detections at all phases for a given emission line or for all spectral lines,
on a given night. All that stretching and twisting of magnetic field lines could even
result in a global dilution (if not cancellation) of the observable field, thus degrading
the peak polarization expected in Stokes V data. Hence, a better understanding
of the line-emission process in such strong and structured stellar winds would help
predict the presence of circular polarization in observed data, specially when the
WR wind is suspected to deviate from quasi-spherical symmetry.
4.5.4.3 Impact of the magnetic field geometry
Along with the radial decrease of the field intensity and the dynamics of a WR
wind, another element influencing the detectability of a magnetic field could be
directly related to the star’s magnetic properties. If a favorable orientation (with
respect to the observer) of the magnetic poles rarely occurs, then the longitudinal
field component responsible for the Zeeman effect would be too weak for any cir-
cular polarization to be detected. If one further assumes that the magnetic field
is weak, then the majority of the Stokes V profiles would not have large enough
amplitudes to be distinguished from noise. Similarly, a field could go undetected
if the time coverage of the observations is incomplete or inadequate. On occasions
though, the geometry of the field could be observed at a more favorable orientation
therefore producing a detectable Stokes V signature. In this scenario, the simulta-
neous analysis of several consecutive nights of observations would lower the odds of
a positive detection since most of the observed circular polarization profiles would
favor the non-magnetic hypothesis. In addition, if the targeted star was experienc-
ing a phase of low magnetic activity when the observations were obtained (assuming
the existence of a magnetic cycle), then the odds of making positive detection are
consequently lowered. This was in fact proposed by Duijsens et al. (1996) for the
Wolf-Rayet star EZ CMa. Taking into consideration the above, the evidence favor-
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ing the split-monopole model over the non-magnetic hypothesis obtained from the
spectropolarimetric analysis of WR134, WR137 and WR138 should encourage the
acquisition of new observations, preferably of higher S/N and covering the entire
rotational cycle of the star.
4.6 Conclusion
In this paper, we have presented the result of the first extended search for
magnetic fields in Wolf-Rayet stars. We report marginal detections for WR134,
WR137 and WR138 corresponding to magnetic field strengths of Bwind ∼ 200 G,
130 G and 80 G, respectively, in the observable parts of their stellar wind. Along
with these three stars, we feel that WR135 and WR140 should also be intensively
re-observed in order to obtain a clearer portrait of their magnetism. Based on the
stars for which we find no magnetic fields, we also report an average upper-limit of
Bmaxwind ∼ 500 G for the longitudinal magnetic component present in the observable
parts of the stellar wind.
The lack of a significant detection in our results raises the following question:
given the current instrumentation, the detection methods and the very nature of
WR winds, is it possible to assess if a WR star is magnetic? We hope that improve-
ments to both the theoretical and observational components used in this work will
help future researchers establish once and for all whether WR stars harbor mag-
netic fields or not. Detailed models of a magnetized stellar wind including rotation,
occultation, clumping and ionization stratification would surely help predict the
magnetic signatures expected within emission lines. In addition, it would allow
line co-adding techniques (e.g. Donati et al. 1997; Semel & Li 1996) that decrease
the noise level by adding spectral lines together to be adequately applied to WR
spectra. Finally, we feel that until the next generation of spectropolarimeters are
built, the best chance of detecting a magnetic field is to thoroughly observe a WR
star in order to acquire enough Stokes V measurements to increase the S/N (by
adding nightly observations together) and also to cover several phases (one cycle
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minimum) of the targeted star. The question is, which WR star is most likely to
reveal such a field?
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4.7 Appendix
4.7.1 Non-detections
As discussed above, the majority of emission lines from all observed WR stars
spectra did not show enough evidence in their respective Stokes V profile to infer
the presence of a magnetic field. In fact, most Stokes V signatures seem consistent
with a noisy, flat profile. As we did for WR134 (see Figure 4.1 in Section 4.4.1), we
present here the spectra of the remaining 10 stars observed in the context of this
study, focusing on the spectral region between 455 nm and 480 nm. For both the
WN- and WC-type stars of our sample, this interval comprises the spectral lines
that are generally the strongest emissions seen in each spectrum i.e. the Heiiλ4686
or Ciiiλ4647 emission lines. Note that the aforementioned spectral region was
chosen to facilitate the comparison between datasets. As explained by Gayley &
Ignace (2010), the magnetic sensitivity of a spectral line is not proportional to its
strength but rather depends on the ratio B/v. In the wind, the expected field
strength is reduced compared to the surface value. While the magnetic sensitivity
of high-ionization lines that form close to the stellar surface should theoretically be
greater, observationally, their faintness (low S/N) decreases our ability to detect
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the presence of a magnetic field. On the other hand, for those lines whose peaks
can reach many times the level of the continuum, the attainable S/N in Stokes V
will be much higher, thus compensating to a large extent for the wind dilution of
the line polarized flux by the (circularly) unpolarized continuum flux. In any case,
none of the emission lines we examined (weak or strong), apart from the results
discussed in Section 4.4, support the existence of a magnetic field based on the
theoretical predictions of Gayley & Ignace (2010).
Excluding Figure 4.5, all others present the complete set of normalized Stokes
parameters for the different nights of observations. As in Figure 4.1, top panels
show the nightly mean intensity profile while the bottom three panels show in black
the normalized and binned Stokes V (vertically shifted on top for clarity), Q and
U parameters. For Figures 4.6 to 4.9, the second panel from the top shows in
red (middle profile) the crosstalk model based on Q/I and U/I in the bottom two
rows, while the residual spectrum obtained by subtraction of the modeled from
the observed signal is shown in blue (bottom profile, vertically shifted). In most
cases, the targeted WR stars show none to weak variability in linear polarization
within emission lines. Consequently, most crosstalk models computed from Q and
U spectra (see Paper 1) are relatively flat and close to zero which means that the
net effect of crosstalk from linear to circular polarization is quite small. When
observing WR1 and WR11, only Stokes V data were recorded since at the time
the observations were obtained, they were known to exhibit negligible linear line
polarization (Eversberg et al. 1999; Schmidt 1988). Figure 4.5 thus only presents
the nightly mean intensity profile in the top panel and the normalized and binned
Stokes V in the bottom row. In the case of WR1, it is worth mentioning that
observations obtained by St-Louis (2013) in 2009, do show the presence of depo-
larization in its emission lines compared to the underlying continuum, which is
probably related to CIRs. Note that in each figure, while Stokes I is normalized
by the continuum level (Ic), the Q, U and V spectra are normalized to the total
wavelength-dependent intensity obtained with the same exposures used to obtain
a given Stokes parameter (IV , IQ, IU). In the end, Figures 4.5 to 4.9 show no
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evidence for the presence of a magnetic signature within the exposed Stokes V
profiles.
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Figure 4.5 Spectra of WR1 (left) and WR11 (right) in normalized Stokes V for their respective night of observations recorded in 2005.
Both figures show, in the top panel, the nightly mean profile of the Heiiλ4686 (WR1) and Ciiiλ4647 emission lines (WR11). Dashed lines
represent the zero-polarization level as delivered by Libre-Esprit. At the time the observations were obtained, WR1 and WR11 were known
to exhibit linear line polarization below the 0.05% level. In fact, WR11 (WC8+O7.5II-III) is the well-known 80-day binary system for which
Eversberg et al. (1999) found marginal evidence for linear line polarization. Prior to our observing run of 2005, there was no published high
signal-to-noise spectropolarimetric nor continuum polarization observation of the WR1 (WN4). When Schmidt (1988) recorded observations
of WR1, the star did not show a depolarization in its emission lines compared to the underlying continuum. However, in 2009, St-Louis
(2013) observed WR1 with ESPaDOnS and the data revealed linear depolarizations which is probably related to CIRs.
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Figure 4.6 Spectra of WR133 (left) and WR138 (right) in normalized Stokes V , Q and U recorded in 2008. The nightly
mean profiles of the Heiiλ4686 emission lines are presented for both stars. Dashed lines represent the zero-polarization
level as delivered by Libre-Esprit. WR133 (WN5+O9I) and WR138 (WN5+B?) are two long-period binaries with,
respectively, orbital periods of P = 112.4 d (Underhill & Hill 1994) and P = 1538 d (Annuk 1990).
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Figure 4.7 Spectra of WR111 (left) and WR135 (right) in normalized Stokes V , Q and U recorded in 2008. The
nightly mean profiles of the Ciiiλ4647 emission lines are shown for both stars. Again, dashed lines represent the zero-
polarization level as delivered by Libre-Esprit. WR111 (WC5 Lamontagne 1983) and WR135 (WC8 van der Hucht
et al. 1981) are two presumably single Wolf-Rayet stars.
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Figure 4.8 Spectra of WR136 (left) and WR137 (right) in normalized Stokes V , Q and U recorded in 2008. Two
nightly mean profiles of the Heiiλ4686 (WR136) and Ciiiλ4647 (WR137) emission lines are presented. While WR136
is probably a single Wolf-Rayet star (WN6(h) Smith et al. 1996), WR137 (WC7pd+O9) is a long-period binary with
orbital period P = 4765 d (Williams et al. 2001). Dashed lines represent the zero-polarization level as delivered by
Libre-Esprit.
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Figure 4.9 Spectra of WR139 (left) and WR140 (right) in normalized Stokes V , Q and U recorded in 2008. The
nightly mean profiles of the Heiiλ4686 (WR139) and Ciiiλ4647 (WR140) emission lines are shown for two nights of
observations. Dashed lines represent the zero-polarization level as delivered by Libre-Esprit. WR139 (WN5+O6III-V) is
a short-period (P = 4.2 d) eclipsing system, with linear line-polarization modulation due to binary nature, not intrinsic
to the WR star (Moffat & Piirola 1993). WR140 (WC7pd+O5.5fcI-III) is a long-period, Rosetta stone, colliding wind
system (P = 7.94 yr) with strong episodic dust formation (Moffat et al. 1987; Williams et al. 2009).
CHAPITRE 5
CONCLUSION
Le magne´tisme stellaire est un sujet qui, depuis de nombreuses anne´es, cap-
tive les scientifiques. Toutefois, lorsqu’il est applique´ aux e´toiles massives, notre
compre´hension de ce phe´nome`ne demeure ne´anmoins rudimentaire. Cet argument
est encore plus valable pour les e´toiles Wolf-Rayet. En effet, graˆce entre autre a`
la collaboration MiMeS, une quantite´ importante d’observations furent obtenues
dans le but de de´terminer les caracte´ristiques magne´tiques des e´toiles massives sur
la se´quence principale. Graˆce a` cet imposant volume de donne´es, le magne´tisme
des e´toiles OBA est mieux compris et ses proprie´te´s continueront d’eˆtre e´tudie´es a`
l’avenir. En revanche, la nature magne´tique des e´toiles WR demeure toujours tre`s
intrigante. Les observations obtenues lors de ce projet de doctorat repre´sentent a`
ce jour, la meilleure source d’information pour e´tudier le magne´tisme des e´toiles
Wolf-Rayet. Or, en terme absolu, la quantite´ de donne´es disponible est bien plus
modeste comparativement a` l’ensemble des donne´es recueillies pour leurs pre´de´ces-
seurs e´volutifs.
Quoiqu’il en soit, les e´toiles massives, bien qu’e´phe´me`res, dominent l’e´cologie de
l’Univers en fac¸onnant leurs environnements au gre´ de leurs vents stellaires et ce,
tout au long de leur spectaculaire e´volution. Les plus re´centes the´ories pre´disent
qu’un champ magne´tique aura une influence de´terminante sur l’e´volution d’une
e´toile massive puisqu’il peut agir a` modifier le taux de perte de masse ainsi que
la rotation de l’e´toile. Cependant, le manque de contraintes observationnelles sur
l’incidence et la manifestation des champs magne´tiques est criant. A` ce niveau, il
est encore plus urgent de de´terminer l’importance du magne´tisme chez les e´toiles
Wolf-Rayet.
Dans le cadre de ce projet de recherche, un releve´ magne´tique des e´toiles WR
a e´te´ entrepris. Il s’agit de la premie`re e´tude de la sorte a` eˆtre mene´e sur ces
astres e´volue´s. Des observations spectropolarime´triques ont e´te´ obtenues a` partir
164
de l’instrument ESPaDOnS, installe´ sur le te´lescope Canada-France-Hawaii, afin
de mesurer la polarisation circulaire engendre´e au travers des raies d’e´mission par
l’effet Zeeman. La pre´sence d’une signature magne´tique dans les profils Stokes V a
e´te´ e´value´e de plusieurs fac¸ons, notamment a` partir d’un test statistique (χ2) de´-
terminant la probabilite´ de de´tection, c.-a`-d. la probabilite´ qu’un signal observe´ ne
soit pas due a` des fluctuations statistiques intrinse`ques a` l’instrument. En raison de
la sensibilite´ d’ESPaDOnS, un tel test ne nous permit pas de de´terminer de manie`re
convaincante l’existence d’une signature magne´tique a` travers les raies d’e´mission
individuelles d’e´toiles WR. Les statistiques baye´siennes furent donc utilise´es a` cette
fin, en vertu de leur potentiel accru de de´tection dans une pareille situation. En de´-
terminant le rapport de cotes entre les hypothe`ses magne´tique et non-magne´tique,
il fut alors possible d’e´valuer si les donne´es recueillies sugge´raient la pre´sence ou
l’absence d’un champ magne´tique au sein du vent stellaire. Le sce´nario magne´tique
fut fonde´ sur le mode`le du split monopole propose´ par Gayley & Ignace (2010). De
plus, graˆce au processus d’infe´rence baye´sienne, il fut possible d’estimer l’intensite´
du champ magne´tique (lorsque le rapport de cotes favorisait l’hypothe`se du split
monopole) ou d’e´tablir la limite supe´rieure de celui-ci lors d’un non de´tection, c.-
a`-d. lorsque le rapport de cotes favorisait l’hypothe`se non-magne´tique. L’analyse
magne´tique effectue´e via les statistiques baye´sienne est une me´thode plus sophis-
tique´e que celle de la probabilite´ de de´tection formelle et aussi, plus performante
lorsque plusieurs donne´es sont disponibles.
La premie`re partie de ce projet de doctorat visait l’e´tude de l’e´toile Wolf-Rayet
EZ CMa = WR6 = HD 50896. Cet e´toile de type WN4 est l’une des meilleures can-
didates pour lesquelles un champ magne´tique est soupc¸onne´. EZ CMa fut observe´
lors de trois diffe´rentes e´poques (2005, 2009 et 2010) lors desquelles l’e´chantillon-
nage temporelle couvrit la pe´riode de rotation de l’e´toile (P = 3.766 jours). En
raison de la pre´sence de polarisation line´aire (a` un niveau avoisinant ∼ 0.2%) ,
un effort conside´rable a e´te´ de´ploye´ afin de caracte´riser le cross-talk instrumental
(Stokes Q et U vers Stokes V) et ainsi e´liminer la pre´sence artificielle de polarisa-
tion line´aire dans les spectres de polarisation circulaire. En bout de ligne, aucun
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champ magne´tique n’a e´te´ de´tecte´ de manie`re convaincante et significative chez EZ
CMa. En supposant que la ge´ome´trie du champ peut eˆtre repre´sente´e par un split
monopole, la limite supe´rieure du champ magne´tique est e´tablie a` environ 100 G
dans les re´gions de formation de raies spectrales observables a` partir d’ESPaDOnS.
Dans un deuxie`me temps, 11 autres e´toiles Wolf-Rayet ont e´te´ observe´es en
utilisant la meˆme instrumentation et dans les 4 parame`tres de Stokes, pour la plu-
part d’entre elles. Ce releve´ inclut 6 e´toiles de type WN et 5 e´toiles de type WC.
Trois des e´toiles cible´es montrent la pre´sence de CIRs, ces re´gions d’interaction en
co-rotation dont l’origine pourrait fort bien eˆtre magne´tique. La sensibilite´ spec-
tropolarime´trique d’ESPaDOnS ainsi que les me´thodes de de´tection utilise´es dans
ce projet de recherche ne permettent pas de prouver de´finitivement la pre´sence de
champs magne´tiques et ce, pour l’ensemble des 11 e´toiles. Ne´anmoins, les donne´es
recueillies pour WR134, WR137 and WR138 sugge`rent l’existence de signatures
magne´tiques au travers de certaines raies d’e´mission. Pour cette raison, des de´-
tections marginales sont signale´es pour ces trois e´toiles. La proce´dure d’infe´rence
baye´sienne stipule que la valeur la plus probable du champ magne´tique de WR134,
WR137 and WR138 est respectivement de Bwind ∼ 200, 130 and 80 G. Ici encore, il
s’agit de l’intensite´ magne´tique pre´sente dans la partie observable de chaque vent
stellaire. Dans le cas des 8 autres e´toiles pour lesquelles aucune de´tection magne´-
tique ne fut obtenue, la limite supe´rieure moyenne de l’intensite´ du champ qui
pourrait eˆtre pre´sent dans les donne´es (mais non de´tecte´) est e´value´e a` 500 G.
Malgre´ le fait qu’aucun champ magne´tique n’ait e´te´ de´tecte´ de manie`re signifi-
cative lors cette e´tude, ce projet de recherche repre´sente une e´tape importante dans
la caracte´risation du magne´tisme des e´toiles Wolf-Rayet. En effet, il s’agit du tout
premier releve´ magne´tique effectue´ chez ce type d’e´toile. Les difficulte´s rencontre´es
lors de la re´duction et de l’analyse des donne´es (pour lesquelles des solutions sont
propose´es dans les chapitres 3 et 4) pourront donc eˆtre utilise´es comme point de
de´part pour toute autre e´tude visant la de´tection de champ magne´tique chez une
e´toile Wolf-Rayet. Par ailleurs, l’analyse re´alise´e dans cette e´tude de´montre que la
pre´sence de champs magne´tiques de l’ordre du kG est tre`s peu probable chez les
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e´toiles observe´es. Si ces dernie`res repre´sentent, en moyenne, l’ensemble de la popu-
lation Wolf-Rayet, l’on doit plutoˆt s’attendre a` des intensite´s avoisinant, tout au
plus, quelques centaines de gauss dans les re´gions observables de leurs vents stel-
laires. E´videmment, cela n’exclue pas l’existence d’e´toiles e´volue´es extreˆmement
magne´tiques (menant possiblement a` la formation de magnetars). Ne´anmoins, les
re´sultats pre´sente´s dans cette the`se confirment qu’aucune des e´toiles observe´es ne
montre un niveau si extreˆme de magne´tisme.
Une conse´quence indirecte de ce projet de recherche fut la caracte´risation, et
ultimement, l’e´limination du proble`me de cross-talk d’ESPaDOnS. Bien que la pre´-
sence de cross-talk e´tait connu de`s la construction du spectropolarime`tre, l’e´limi-
nation de ce proble`me instrumental ne semblait pas pressante. En effet, la majorite´
des cibles stellaires observe´es ne montraient pas un haut niveau de polarisation
line´aire et donc, les conse´quences du cross-talk sur les donne´es de polarisation cir-
culaire e´taient juge´es ne´gligeables. Lorsque EZ CMa fut observe´e, il fut rapidement
e´tablit que l’impact du cross-talk ne pouvait pas eˆtre ne´glige´. Afin d’analyser conve-
nablement la lumie`re circulairement polarise´e de l’e´toile, cette fuite des parame`tres
Stokes Q et U vers le parame`tre Stokes V se devait d’eˆtre quantifie´e, mode´lise´e et
par la suite, e´limine´e. Or, tre`s peu d’information e´tait disponible afin d’accomplir
cela. A` partir de ce moment, l’e´quipe technique responsable d’ESPaDOnS au CFHT
s’est penche´e sur le proble`me afin d’en trouver la cause. Finalement, plusieurs com-
posantes optiques du spectropolarime`tre furent identifie´es comme responsables du
proble`me de cross-talk et ensuite remplace´es. Le niveau de cross-talk d’ESPaDOnS
est pre´sentement sous la barre du 1%, alors qu’il e´tait estime´ a` environ 7% a` 10%
au moment ou` EZ CMa fut observe´e. En ce sens, ce projet de doctorat poussa
l’e´quipe technique a` ame´liorer le spectropolarime`tre ESPaDOnS, en faisant la de´-
monstration que l’impact du cross-talk e´tait significatif et qu’il e´tait donc urgent
d’y trouver une solution.
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5.1 Perspectives futures
Bien que cette the`se se soit attarde´e au magne´tisme des e´toiles Wolf-Rayet,
beaucoup de travail reste encore a` accomplir pour bien comprendre la nature ma-
gne´tique de ces astres e´volue´s. A` cette fin, la queˆte d’information passe obliga-
toirement par l’observation re´pe´te´e et approfondie de plusieurs autres e´toiles. Les
conclusions tire´es lors de cette e´tude peuvent donc eˆtre utilise´es afin de bien orienter
les missions d’observation futures.
Tout d’abord, il serait fort utile que des e´toiles de comparaison, de´finitivement
non magne´tiques, soient inclues dans tout programme d’observation. En effet, meˆme
s’il se trouve a` son niveau le plus bas, ces e´toiles pourraient servir a` quantifier et
a` caracte´riser la signature spectrale du cross-talk d’ESPaDOnS. Ensuite, il serait
possible d’e´liminer tout signal artificiel provenant de ce cross-talk avant de proce´der
a` l’analyse magne´tiques des e´toiles cible´es. E´videmment, ceci est aussi valable pour
tout autre spectropolarime`tre montrant une fuite entre les polarisations line´aire et
ciculaire.
D’autre part, il serait avantageux d’observer chaque e´toile WR pendant toute la
dure´e de son cycle de rotation. De cette manie`re, les chances d’observer l’e´toile dans
une configuration favorable a` la de´tection du champ magne´tique (p. ex. lorsque la
ligne de vise´e est paralle`le a` l’axe magne´tique) sont plus e´leve´es. Autrement, il
est impossible de de´terminer si une non de´tection doit eˆtre attribue´e a` l’absence
d’un champ ou bien, au fait d’avoir observe´ l’e´toile par l’e´quateur magne´tique. De
plus, si un champ est de´tecte´ lors de plusieurs nuits d’observations, la ge´ome´trie de
ce dernier peut eˆtre de´termine´e, ce qui n’est pas le cas lorsqu’un seul spectre est
disponible.
Dans un autre ordre d’ide´es, les logiciels Libre-ESpRIT et Upena offrent plu-
sieurs options afin d’effectuer la re´duction des donne´es. Or, ces logiciels ont e´te´
e´labore´s pre´cise´ment pour l’observation d’e´toiles montrant des raies photosphe´-
riques en absorption dans leurs spectres. E´videmment, les e´toiles WR ne sont pas
caracte´rise´es par de tels spectres et la pre´sence de larges raies d’e´mission peut en-
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gendrer plusieurs proble`mes lors de la re´duction des donne´es. Ainsi, il est pre´fe´rable
d’utiliser Libre-ESpRIT et Upena avec le moins d’option possible, de manie`re a` ce
qu’un minimum de manipulations soient applique´es aux donne´es. Au final, l’ob-
servateur connaˆıtra alors la nature exacte des donne´es nume´riques fournies par les
logiciels et n’aura pas a` ge´rer les complications engendre´es lors de l’utilisation de
certaines options propose´es par Libre-ESpRIT et Upena.
En ce qui concerne les e´toiles cible´es lors de ce cette e´tude, il serait fort in-
te´ressant de re´-observer WR134, WR137 and WR138 puisque celles-ci semblent
montrer la pre´sence de signatures magne´tiques dans certaines de leurs raies spec-
trales. Dans le meˆme ordre d’ide´e, de nouvelles observations seraient aussi justifie´es
pour WR6, WR135 et WR140. En obtenant un meilleur rapport signal-sur-bruit
et une meilleure couverture temporelle, il serait alors possible de de´terminer si les
e´toiles e´nume´re´es ci-dessus sont intrinse`quement magne´tiques ou non. E´videmment,
la qualite´ des donne´es se doit d’eˆtre supe´rieure a` celle obtenue dans le cadre de cette
the`se. D’autre part, e´tant donne´ le lien propose´ entre l’existence de structures a`
grande e´chelle dans un vent stellaire et la pre´sence de champs magne´tiques, il se-
rait e´galement tre`s inte´ressant de proce´der a` l’observation intensive des e´toiles WR
pour lesquelles la pre´sence de CIRs est confirme´e.
Finalement, plus la quantite´ d’observations disponible sera importante, plus ces
observations motiveront l’ame´lioration des mode`les the´oriques. Le mode`le du split
monopole conside´re´ dans ce projet de recherche est certainement un avantage pour
quiconque souhaite de´tecter directement la pre´sence de champs magne´tiques chez
les e´toiles WR. Toutefois, aux dires des auteurs du mode`le, celui-ci propose une
pre´diction ge´ne´rique du profil Stokes V pre´sent au travers d’une raie d’e´mission. Il
pourrait eˆtre ame´liore´ afin de mieux repre´senter la re´alite´, mais, toujours selon les
auteurs, les ame´liorations au mode`le passent obligatoirement par de plus amples
contraintes observationnelles. A` ce jour, il appert donc que notre compre´hension
du magne´tisme des e´toiles WR est intimement lie´e aux futures donne´es qui seront
acquises. Par conse´quent, j’espe`re que cette the`se de doctorat servira de fondation
pour de futurs travaux de recherche et qu’elle me`nera ultimement a` une compre´-
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hension comple`te des proprie´te´s magne´tiques des e´toiles Wolf-Rayet.
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